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Figure 20: Left: Evolution of the stellar mass density as a function of redshift (black points,
observations), where the density is given as a ratio to the local value, ρ∗,0 = 5.6×108M" Mpc−3

(Cole et al., 2001). Shaded areas represent 1-sigma confidence intervals of the model fits. Solid
black line with purple shaded area shows the best joint fit from eq. (9) and eq. (10) to both
stellar mass and SFR density points (left and right panels), while the dot-dashed line with yellow
shaded area marks the normalized evolution of the SMBH mass density only. The slight offset
between the two is compensated by a change in the normalization of the average black hole
to spheroid mass ratio with redshift (see text for details). The dashed (dotted) line with red
(blue) shaded area shows the relative growth of the mass density in spheroids (discs). Values
of λ0 = 0.3 (Fukugita & Peebles, 2004) and ρBH,0 = 4.2 × 105M" Mpc−3 (Shankar, 2009) are
adopted here. Right: The corresponding best-fit relation for the SFR density evolution, from
eq. (10) is shown with a solid line and dark blue shaded area. The dash-triple-dotted line is
(1000 times) the black hole accretion rate density ΨBH(z) (BHAR). It appears that the BHAR
declines slightly faster than the SFR, another way to emphasize the need of an evolution in the
average MBH/Msph ratio.

34

cosmic high noon
peak of star formation

and AGN activity

Tuesday, August 30, 16



16 Scientific objectives

t/M

inspiral plunge ringdownmerge

-150 -100 -50 0 50

0

10-3

0.25

0
-0.25

dE
/d
t

D
L/
M

 R
e(
h 2

2)

innermost stable 
circular orbit (ISCO)

0.03 0.05 0.06 0.07
time (s)

-0.20

0.00

0.20

inspiral

merger

ringdown

time (s)

-0.04

-0.02

0.00

0.02

0.04

inspiral

0.04

0 0.1 0.2 0.3
cosmological

time

(a) (b) (c)

Figure 2.4: Gravitational wave signals from massive black hole binaries (MBHBs): (a) gravitational wave
energy (upper) and generic waveform (lower) for a massive black hole binary system illustrating the
successive inspiral, plunge, merge, and ringdown phases; (b) two simulated waveforms, illustrating how
the waveforms are highly sensitive to the binary system parameters, including the mass and spin of each
component, as well as the detailed orbit geometry; (c) in the currently favored cosmological model,
galaxies form in a hierarchical fashion, starting from small systems at early times, and then growing
via mergers: each galaxy observed today is a consequence of its merger history extending back to high
redshifts. If black holes formed at early times, they will have followed the merger hierarchy of their host
galaxies. Black hole mergers are therefore expected to be common events.
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Figure 2.5: Gravitational wave signals from ‘extreme mass ratio inspiral’ systems (EMRIs): (a) schematic
of the associated spacetime (Drasco & Hughes, 2006; Amaro-Seoane et al., 2013); (b) segments of generic
waveforms, showing the plus-polarised waves produced by a test mass orbiting a 106MØ black hole spin-
ning at 90 per cent of the maximal rate allowed by general relativity, at a distance D from the observer
(Drasco & Hughes, 2006; Amaro-Seoane et al., 2013). Top panel: slightly eccentric and inclined retro-
grade orbit modestly far from the horizon, in which the amplitude modulation is mostly due to Lense–
Thirring precession of the orbit plane. Bottom panel: highly eccentric and inclined prograde orbit closer
to the horizon, in which the more eccentric orbit produces sharp spikes at each pericentre passage.

Figure 20: Left: Evolution of the stellar mass density as a function of redshift (black points,
observations), where the density is given as a ratio to the local value, ρ∗,0 = 5.6×108M" Mpc−3

(Cole et al., 2001). Shaded areas represent 1-sigma confidence intervals of the model fits. Solid
black line with purple shaded area shows the best joint fit from eq. (9) and eq. (10) to both
stellar mass and SFR density points (left and right panels), while the dot-dashed line with yellow
shaded area marks the normalized evolution of the SMBH mass density only. The slight offset
between the two is compensated by a change in the normalization of the average black hole
to spheroid mass ratio with redshift (see text for details). The dashed (dotted) line with red
(blue) shaded area shows the relative growth of the mass density in spheroids (discs). Values
of λ0 = 0.3 (Fukugita & Peebles, 2004) and ρBH,0 = 4.2 × 105M" Mpc−3 (Shankar, 2009) are
adopted here. Right: The corresponding best-fit relation for the SFR density evolution, from
eq. (10) is shown with a solid line and dark blue shaded area. The dash-triple-dotted line is
(1000 times) the black hole accretion rate density ΨBH(z) (BHAR). It appears that the BHAR
declines slightly faster than the SFR, another way to emphasize the need of an evolution in the
average MBH/Msph ratio.
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Figure 2.4: Gravitational wave signals from massive black hole binaries (MBHBs): (a) gravitational wave
energy (upper) and generic waveform (lower) for a massive black hole binary system illustrating the
successive inspiral, plunge, merge, and ringdown phases; (b) two simulated waveforms, illustrating how
the waveforms are highly sensitive to the binary system parameters, including the mass and spin of each
component, as well as the detailed orbit geometry; (c) in the currently favored cosmological model,
galaxies form in a hierarchical fashion, starting from small systems at early times, and then growing
via mergers: each galaxy observed today is a consequence of its merger history extending back to high
redshifts. If black holes formed at early times, they will have followed the merger hierarchy of their host
galaxies. Black hole mergers are therefore expected to be common events.
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Figure 2.5: Gravitational wave signals from ‘extreme mass ratio inspiral’ systems (EMRIs): (a) schematic
of the associated spacetime (Drasco & Hughes, 2006; Amaro-Seoane et al., 2013); (b) segments of generic
waveforms, showing the plus-polarised waves produced by a test mass orbiting a 106MØ black hole spin-
ning at 90 per cent of the maximal rate allowed by general relativity, at a distance D from the observer
(Drasco & Hughes, 2006; Amaro-Seoane et al., 2013). Top panel: slightly eccentric and inclined retro-
grade orbit modestly far from the horizon, in which the amplitude modulation is mostly due to Lense–
Thirring precession of the orbit plane. Bottom panel: highly eccentric and inclined prograde orbit closer
to the horizon, in which the more eccentric orbit produces sharp spikes at each pericentre passage.
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Figure 20: Left: Evolution of the stellar mass density as a function of redshift (black points,
observations), where the density is given as a ratio to the local value, ρ∗,0 = 5.6×108M" Mpc−3

(Cole et al., 2001). Shaded areas represent 1-sigma confidence intervals of the model fits. Solid
black line with purple shaded area shows the best joint fit from eq. (9) and eq. (10) to both
stellar mass and SFR density points (left and right panels), while the dot-dashed line with yellow
shaded area marks the normalized evolution of the SMBH mass density only. The slight offset
between the two is compensated by a change in the normalization of the average black hole
to spheroid mass ratio with redshift (see text for details). The dashed (dotted) line with red
(blue) shaded area shows the relative growth of the mass density in spheroids (discs). Values
of λ0 = 0.3 (Fukugita & Peebles, 2004) and ρBH,0 = 4.2 × 105M" Mpc−3 (Shankar, 2009) are
adopted here. Right: The corresponding best-fit relation for the SFR density evolution, from
eq. (10) is shown with a solid line and dark blue shaded area. The dash-triple-dotted line is
(1000 times) the black hole accretion rate density ΨBH(z) (BHAR). It appears that the BHAR
declines slightly faster than the SFR, another way to emphasize the need of an evolution in the
average MBH/Msph ratio.
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• HST images of main sequence star forming galaxies @ z=1-2 - CO3 -2 survey - with high 
fraction of molecular gas 0.3-0.5 (0.08 for SFG @ z=0)

• (70%) rotationally supported massive discs + (20%)mergers
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Figure 3. Galaxy integrated CO 3–2 spectra (vertical axis is flux density in mJy beam−1, horizontal axis velocity offset (km s−1) from systemic redshift given in the
inset) for the z = 2–2.5 detections (>3σ ). The spectra are ordered in the same three bins of increasing stellar mass as in Figures 2(a)–(c), from top left to bottom right.
Wherever available we also show WFC3–ACS, WFC3, or WFC3 + Hα composite images (from SINS/zC; Förster Schreiber et al. 2011, N. M. Förster Schreiber
et al. 2013, in preparation, and from Law et al. 2012a). The bands used are indicated on the images. In the case of BX482, the redshift of the CO emission suggests
that most of the emission comes from the fainter source BX482se, rather than from the main galaxy BX482 that dominates the rest-frame optical emission. We also
indicate our inferred kinematic classification on each image.

CO sizes from circular Gaussian fits in the UV-plane. In Figure 5,
we compare the HST I/H-band half-light radii with the radii
inferred for the CO 3–2 emission, either by n = 1 Sersic fits in
the image plane (for the well-resolved sources), from circular
Gaussian fits in the U–V-plane, or both. We also include 4 z ∼
1.5 SFGs, for which Daddi et al. (2010a) were able to derive CO
radii. In two cases, we compare the CO sizes with Hα sizes and
with the fitted stellar mass distributions, inferred from two-band
J/H-HST imagery using the methods of Förster Schreiber et al.
(2011) and Lang et al. (in preparation).

All these estimates of R1/2 carry substantial uncertainties,
either because of the influence of extinction, clumpy individual
star-forming regions and/or the presence of central bulges (in

the UV/optical stellar light), or because of the relatively poor
spatial resolution and dynamic range of the CO data. We have
not removed the light from the nuclear bulges in estimating
the optical sizes, which typically affect most prominently the
H-band data and the stellar mass maps, as a result of which the
H-band radii and half-mass radii are somewhat below the dotted
diagonal line in Figure 5. A linear fit to the SFGs with CO and
I-band radii yields R1/2(CO) = 1.02 (±0.06) R1/2 (rest B band).

Molecular gas and optical light distributions have comparable
overall radial scales, in agreement with the same finding in
z ∼ 0 disk galaxies (e.g., Young et al. 1995; Regan et al.
2001; Leroy et al. 2008). In the three cases with estimated
intrinsic stellar mass distributions (BX610, EGS13018632, and
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the image plane (for the well-resolved sources), from circular
Gaussian fits in the U–V-plane, or both. We also include 4 z ∼
1.5 SFGs, for which Daddi et al. (2010a) were able to derive CO
radii. In two cases, we compare the CO sizes with Hα sizes and
with the fitted stellar mass distributions, inferred from two-band
J/H-HST imagery using the methods of Förster Schreiber et al.
(2011) and Lang et al. (in preparation).

All these estimates of R1/2 carry substantial uncertainties,
either because of the influence of extinction, clumpy individual
star-forming regions and/or the presence of central bulges (in

the UV/optical stellar light), or because of the relatively poor
spatial resolution and dynamic range of the CO data. We have
not removed the light from the nuclear bulges in estimating
the optical sizes, which typically affect most prominently the
H-band data and the stellar mass maps, as a result of which the
H-band radii and half-mass radii are somewhat below the dotted
diagonal line in Figure 5. A linear fit to the SFGs with CO and
I-band radii yields R1/2(CO) = 1.02 (±0.06) R1/2 (rest B band).

Molecular gas and optical light distributions have comparable
overall radial scales, in agreement with the same finding in
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Figure 8. Selection of galaxies from our sample of dwarfs hosting active massive BHs. The SDSS color composite images have a size of 50′′ × 50′′. The identification
numbers assigned in this work are in the upper left corners of the images, with the SDSS name below.
(A color version of this figure is available in the online journal.)

radii, suggesting the galaxies hosting active BHs are indeed
preferentially compact and this result is not due to the presence
of a bright central point source.

Single-component two-dimensional Sérsic fits are also pro-
vided in the NSA and the galaxies in our sample span a large
range of Sérsic index, n. Relative to our parent sample, a larger
fraction of the active galaxies have high-n values, although BHs
are also found in low-n disky galaxies. Figure 8 shows the
SDSS images of a selection of galaxies in our sample with BH
accretion signatures.

5. DEMOGRAPHICS

The fraction of optically selected, active BHs in our parent
sample of dwarf galaxies is ∼0.5% (136/25974).12 However,
there are a number of obstacles preventing us from determining
the true occupation fraction and BH mass function in this
low-mass regime. First of all, our optical diagnostics are only
sensitive to actively accreting BHs, and even at their Eddington
limit low-mass BHs are relatively faint. Furthermore, small
galaxies generally have ongoing star formation, gas, and dust
that can mask or extinguish the optical signatures of BH
accretion. Therefore, while there may an accreting BH present
at the center of a galaxy, the total observed line emission in the
SDSS aperture may be dominated by star formation. Indeed,
the SDSS aperture of 3′′ is comparable to the median half-light
radius of our dwarf galaxy sample. Even without significant
ongoing star formation, AGN signatures may be heavily diluted
by host galaxy light such that the emission lines are effectively
hidden (Moran et al. 2002). Additionally, low-metallicity AGN,
which may be expected in lower-mass galaxies, can fall (and
hide) in the upper left region of the star-forming plume of
galaxies in the [O iii]/Hβ versus [N ii]/Hα diagnostic diagram
(Groves et al. 2006). Therefore, while we can identify bona-
fide AGNs based on their location in the BPT diagram, the
selection of massive BHs is likely highly incomplete. Even if

12 Including the additional 15 broad-line AGN candidates in the star-forming
region of the BPT diagram does not have a significant impact on the active
fraction, increasing it to ∼0.6%.

we understand our incompleteness from these effects, to derive
a true space density requires that we know the distribution of
Eddington ratios in these low-mass systems as compared to
more massive galaxies (e.g., Heckman et al. 2004; Gallo et al.
2010; Aird et al. 2012) where we believe the occupation fraction
is close to unity. It is interesting to note, however, that our active
fraction is quite similar to that of ∼107 M$ BHs radiating at
∼10% of their Eddington limit (Heckman et al. 2004; Greene
& Ho 2007b).

Using broad emission lines to identify AGN in dwarf galax-
ies poses a different set of problems. The broad-line signature
is weaker for low-mass BHs and can be difficult to detect in
galaxy-dominated spectra. There is also the possibility that the
BLR disappears altogether below some critical luminosity or
Eddington ratio (e.g., Nicastro 2000; Laor 2003; Elitzur & Ho
2009; Trump et al. 2011; Marinucci et al. 2012). There are
a number of candidate “true” type 2 AGNs (e.g., Tran 2003;
Bianchi et al. 2008) that show no sign of a BLR in direct or
polarized light, and no clear signs of obscuration in X-rays.
It is thus possible that the type 1 fraction drops toward lower
luminosity, which could add significant complications in at-
tempting to use these AGN as a tracer of the demographics of
BHs in dwarf galaxies.

6. CONCLUSIONS

Using optical spectroscopy from the SDSS, we have sys-
tematically assembled the largest sample of dwarf galaxies
(108.5 ! M# ! 109.5 M$) hosting massive BHs to date. These
dwarf galaxies have stellar masses comparable to the Magellanic
Clouds and contain some of the least-massive supermassive BHs
known. Contrary to common lore, low-mass, physically small
dwarf galaxies can indeed form massive BHs.

We find photoionization signatures of BH accretion in 136
galaxies using the narrow-line [O iii]/Hβ versus [N ii]/Hα di-
agram as our primary diagnostic. Of these, 35 have AGN-
dominated spectra and 101 have composite spectra suggest-
ing ionization from both an AGN and massive stars. For
the small fraction of these active galaxies with detectable
broad Hα emission, we estimate a median virial BH mass of

16
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Figure 8. Selection of galaxies from our sample of dwarfs hosting active massive BHs. The SDSS color composite images have a size of 50′′ × 50′′. The identification
numbers assigned in this work are in the upper left corners of the images, with the SDSS name below.
(A color version of this figure is available in the online journal.)

radii, suggesting the galaxies hosting active BHs are indeed
preferentially compact and this result is not due to the presence
of a bright central point source.

Single-component two-dimensional Sérsic fits are also pro-
vided in the NSA and the galaxies in our sample span a large
range of Sérsic index, n. Relative to our parent sample, a larger
fraction of the active galaxies have high-n values, although BHs
are also found in low-n disky galaxies. Figure 8 shows the
SDSS images of a selection of galaxies in our sample with BH
accretion signatures.

5. DEMOGRAPHICS

The fraction of optically selected, active BHs in our parent
sample of dwarf galaxies is ∼0.5% (136/25974).12 However,
there are a number of obstacles preventing us from determining
the true occupation fraction and BH mass function in this
low-mass regime. First of all, our optical diagnostics are only
sensitive to actively accreting BHs, and even at their Eddington
limit low-mass BHs are relatively faint. Furthermore, small
galaxies generally have ongoing star formation, gas, and dust
that can mask or extinguish the optical signatures of BH
accretion. Therefore, while there may an accreting BH present
at the center of a galaxy, the total observed line emission in the
SDSS aperture may be dominated by star formation. Indeed,
the SDSS aperture of 3′′ is comparable to the median half-light
radius of our dwarf galaxy sample. Even without significant
ongoing star formation, AGN signatures may be heavily diluted
by host galaxy light such that the emission lines are effectively
hidden (Moran et al. 2002). Additionally, low-metallicity AGN,
which may be expected in lower-mass galaxies, can fall (and
hide) in the upper left region of the star-forming plume of
galaxies in the [O iii]/Hβ versus [N ii]/Hα diagnostic diagram
(Groves et al. 2006). Therefore, while we can identify bona-
fide AGNs based on their location in the BPT diagram, the
selection of massive BHs is likely highly incomplete. Even if

12 Including the additional 15 broad-line AGN candidates in the star-forming
region of the BPT diagram does not have a significant impact on the active
fraction, increasing it to ∼0.6%.

we understand our incompleteness from these effects, to derive
a true space density requires that we know the distribution of
Eddington ratios in these low-mass systems as compared to
more massive galaxies (e.g., Heckman et al. 2004; Gallo et al.
2010; Aird et al. 2012) where we believe the occupation fraction
is close to unity. It is interesting to note, however, that our active
fraction is quite similar to that of ∼107 M$ BHs radiating at
∼10% of their Eddington limit (Heckman et al. 2004; Greene
& Ho 2007b).

Using broad emission lines to identify AGN in dwarf galax-
ies poses a different set of problems. The broad-line signature
is weaker for low-mass BHs and can be difficult to detect in
galaxy-dominated spectra. There is also the possibility that the
BLR disappears altogether below some critical luminosity or
Eddington ratio (e.g., Nicastro 2000; Laor 2003; Elitzur & Ho
2009; Trump et al. 2011; Marinucci et al. 2012). There are
a number of candidate “true” type 2 AGNs (e.g., Tran 2003;
Bianchi et al. 2008) that show no sign of a BLR in direct or
polarized light, and no clear signs of obscuration in X-rays.
It is thus possible that the type 1 fraction drops toward lower
luminosity, which could add significant complications in at-
tempting to use these AGN as a tracer of the demographics of
BHs in dwarf galaxies.

6. CONCLUSIONS

Using optical spectroscopy from the SDSS, we have sys-
tematically assembled the largest sample of dwarf galaxies
(108.5 ! M# ! 109.5 M$) hosting massive BHs to date. These
dwarf galaxies have stellar masses comparable to the Magellanic
Clouds and contain some of the least-massive supermassive BHs
known. Contrary to common lore, low-mass, physically small
dwarf galaxies can indeed form massive BHs.

We find photoionization signatures of BH accretion in 136
galaxies using the narrow-line [O iii]/Hβ versus [N ii]/Hα di-
agram as our primary diagnostic. Of these, 35 have AGN-
dominated spectra and 101 have composite spectra suggest-
ing ionization from both an AGN and massive stars. For
the small fraction of these active galaxies with detectable
broad Hα emission, we estimate a median virial BH mass of
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Figure 7. (a) Virial BH mass distribution for broad-line AGN candidates. BPT-AGNs and composites are shown in orange. BPT star-forming galaxies, for which the
origin of the broad-line emission is somewhat ambiguous, are shown in blue. (b)–(f) Distributions of host galaxy properties provided in the NSA for the 136 galaxies
with narrow-line ionization signatures of BH accretion. BPT-AGNs and composites are shown in the orange hashed histograms, and the distributions of BPT-AGNs
only are shown in red. Our parent sample of dwarf emission-line galaxies is shown in black, normalized to the number of galaxies in the orange histogram (136
BPT-AGN + composites). We show the distributions of galaxy stellar masses (with stellar masses of the Magellanic Clouds indicated in blue), total absolute g-band
magnitude, g−r color, Petrosian 50% light radius, and Sérsic index. All magnitudes are K-corrected to rest-frame values using kcorrect v4_2 and corrected for
foreground Galactic extinction. NSA values have been modified assuming h = 0.73.
(A color version of this figure is available in the online journal.)

normalized to the same number sources (136), as well as the 35
BPT-AGNs alone.

By design, the galaxies in our sample have stellar masses
M! ! 3 × 109 M#, which is approximately the stellar mass
of the LMC (van der Marel et al. 2002). While active BHs
are preferentially found in more massive galaxies within our
parent sample, we do detect active BHs in galaxies 10 times less
massive than our threshold with stellar masses comparable to the
Small Magellanic Cloud (M! ∼ 3×108 M#; Stanimirović et al.
2004). Stellar masses in the NSA are derived from kcorrect
(Blanton & Roweis 2007) using Galaxy Evolution Explorer UV
and SDSS ugriz bands combined, and while they do not account
for any possible AGN contribution, we do not expect the active
BHs in our sample to significantly impact stellar-mass estimates
of the host galaxies. The use of many broadband filters should
help mitigate the contribution from strong emission lines, and
the vast majority of sources are type 2 AGN that are known to
contribute very little continuum emission (e.g., Schmitt et al.
1999). For the small fraction of type 1 AGN candidates, the host
galaxy stellar masses could in principle be artificially elevated
by a boost in flux from the AGN continuum. However, HST
I-band imaging of two of our broad-line AGN candidates (IDs
20 and 123; Jiang et al. 2011) that are also in the sample of
low-mass BHs presented by Greene & Ho (2007a) reveals that
the AGNs in these galaxies contribute !10% of the total flux.

The active galaxies in our sample have a total (host + AGN)
median absolute g-band magnitude of 〈Mg〉 = −18.1 mag,

which is comparable to the LMC (MLMC
g ∼ −18.2 mag;

Tollerud et al. 2011) and ∼1–2 mag fainter than previous
samples of low-mass AGN. Correcting the median absolute
magnitudes to our adopted cosmology (h = 0.73), the Barth
et al. (2008) sample of low-mass Seyfert 2 galaxies has 〈Mg〉 =
−19.0, and the low-mass Seyfert 1 samples of Greene & Ho
(2007a) and Dong et al. (2012) have 〈Mg〉 = −19.4 mag and
〈Mg〉 = −20.3 mag, respectively, after removing the AGN
contribution.

The colors of our sample of dwarfs hosting active BHs tend
to be redder compared to our parent sample of dwarfs. The
distribution of colors remains essentially the same for the parent
sample even when applying a mass cut of log M! > 9.25,
and therefore the color difference between the active sample
and parent sample is not a mass effect. The AV ’s of the active
galaxies derived from our continuum and absorption-line fits are
similar to the parent sample (∼0 to 1 with a median of ∼0.3),
suggesting the redder colors are not due to differences in dust
properties. More likely, the color difference is a selection effect
such that the optical diagnostics we are using are not sensitive
to accreting BHs in blue galaxies with ongoing star formation
that dominates the emission-line spectra.

In addition to being low mass, the active galaxies in our
sample are physically small, with typical half-light radii r50 !
2 kpc. The distribution of BPT-AGN and composites is skewed
toward smaller sizes relative to our parent sample of dwarf
galaxies. A similar trend is seen in the distribution of 90% light
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•  will the black holes in these interacting galaxies (of many 
diverse morphologies) descend over time into a common 
orbit and coalesce shortly after or is there a delay? 

• are there preferred site for rapid coalescence?

MC 2014, review
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THE GRAVITATIONAL WAVE DOMAIN
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• black hole dynamics in merging galaxies
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•major mergers of gas-free spherical galaxies

PTA
late BH-BH

inspirals
(@ low z)

stellar driven 
dynamics

Begelman, Blandford & Rees. Nature, 1980

black hole 2
anchored inside a 

stellar cusp
black hole 1

anchored inside a 
stellar cusp

black holes pair
as galaxies pair
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I.  PAIRING PHASE 
DYNAMICAL FRICTION AGAINST STARS
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BINARY
PAIRING

drag from stars moving slowlier 
that the BH

stellar over-density
Dynamical Friction

Intuitive Picture 2: Gravitational Wake

The moving subject mass perturbs distribution 
of field particles creating a trailing density 
enhancement (“wake”) . The gravitational force 
of this wake on MS slows it down.
Although a very “popular” view of dynamical friction, the 
assumption that dynamical friction is due to the back 
reaction arising from a local wake is wrong...So be careful!!

Intuitive Picture 3: Linear Response Theory

The moving subject mass perturbs the gravitational 
potential; this introduces a response density 
(perturbation), whose back reaction on the subject 
mass causes it to slow down.

Although similar to the wake-picture above, the important 
different is that the response density is a global, rather 
than a local, distortion, Also, in linear response theory the 
self-gravity of the field particles is properly accounted for. So
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MC 1999

after a violent relaxation phase
the galaxies relax to an equilibrium state
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I. END OF THE  PAIRING PHASE
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©          Nature Publishing Group1980

Diagram of the timescales vs BH separation
in the approach and eventual coalescence of a supermassive binary

from Begelman, Blandford  and Rees

Begelman, Blandford & Rees. Nature, 1980

II.HARDENING PHASE
SLINGSHOT

Hard Binary

binary
evolution
timescale star

QUINLAN 1996, YU 2002,
SESANA & KHAN, 2015
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 THE LAST PARSEC PROBLEM

REFILLING OF THE LOSS-CONE 
occurs

ON THE TWO-BODY 
RELAXATION TIMESCALE 

IN GALAXIES
two-body RELAXATION

TIMESCALE
LONGER

HUBBLE TIME 

star’s ejection
implies rapid
DEPLETION 

OF THE 
LOSS CONE
the region in

the phase space
of low-L orbits

MILOSAVLJEVIC & MERRITT 2005

⌧
relaxation

/ N/ lnN

THE LAST PARSEC 
PROBLEM
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GALAXIES ARE NOT “SPHERICAL”
BEING RELIC OF (major) MERGERS

... a degree of triaxiality/rotation/counterotation
“solve the last parsec problem”

even in absence of two-body relaxation

Vassiliev+2013, Khan & Holley Bockelmann 2013, Khan, Just & Merritt 2011 
Khan+ 2012, Preto+ 2011,Berentzen+ 2009, Preto+ 2011, Berczik+ 2006

VASILIEV+2015
Sesana & Khan 2015
Holley Bockelmann & Khan 2015

BINARY
PAIRING
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• loss cone in collisionless triaxial 
galaxies is far richer of low L stars 
than in spherical galaxies

• collisionless=stars change L due 
to large scale torques in the 
overall non spherical 
gravitational potential

• presence of chaotic orbits that 
arise in non-spherical geometries 

• the axisymmetric case is halfway 

10

Fig. 6.— Illustration of the loss region and hardening rate evolution in various geometries (Spherical, Axisymmetric and Triaxial).
Left panel shows the slice of the phase space (L, Lz) at a fixed energy E. The loss cone of the binary is the region L < LLC ≡

√
2GMbina;

stars in that region will interact and be ejected by the binary in one dynamical time. In non-spherical geometries, the extended loss region
consists of stars with L <

√
ηLcirc (more correctly, only a fraction of such stars are on chaotic orbits, but this does not qualitatively change

the picture). In a triaxial geometry, these stars can wander anywhere in this region (shaded in blue and green) due to collisionless effects
(non-spherical torques), and can eventually get into the loss cone proper (shaded in red). In the axisymmetric case they are restricted to
lines of constant Lz and can only wander in vertical direction, thus the loss region is a strip Lz < LLC, L <

√
ηLcirc (shaded in green). The

population of stars inside the loss region is gradually depleted, and as the binary shrinks, LLC decreases. Dashed lines show the boundary
of the loss cone and the axisymmetric loss region at a later moment of time; the volume of the loss region in the axisymmetric case also
shrinks with the binary, and the number of stars in this region drops both due to its decreasing volume and decreasing fraction of surviving
stars.
Right panel illustrates the depletion of the loss region population as a function of energy and time. Bottom plot shows the fraction of
surviving stars ξ(E) at various moments of time. Initially ξ = 1 and it depletes faster at high binding energies; thinner curves correspond
to later times. Top panel shows ξ(E) multiplied by the distribution function; the integral under this curve gives the hardening rate at any
given time, and initially is equal to the full-loss-cone hardening rate (Siso). Thus it is natural that the hardening rate is always smaller
than Siso and decreases with time.

above arguments about the size of the loss region and its
depletion.
Finally, we consider the effects of relaxation on the

long-term behavior of the hardening rate. From the
above discussion, it is clear that it may only matter for
spherical and axisymmetric systems, because in the tri-
axial case the draining is the main mechanism that keeps
the loss cone filled. In general, the relaxation rate scales
as N−1

! , but it does not trivially translate into the hard-
ening rate because of several complications. First of all,
the steady-state flux of stars into the loss cone has a dif-
ferent dependence on the size of the loss cone LLC and the
relaxation rate in the limits of empty and full loss cone
regimes: in the former case, at a fixed energy it scales as
[N! ln(Lcirc/LLC)]−1, and in the latter – as (LLC/Lcirc)2.
Integrated over all energies with an appropriate bound-
ary condition at each energy, the hardening rate has a
weaker than N−1

! scaling, which furthermore depends on
the evolutionary stage: as a gets smaller, a larger fraction
of total flux comes from the full-loss-cone region. Sec-
ond, the flux of stars into the loss cone is actually higher
than the steady-state models would predict, because ini-
tially there are large gradients in the phase space: stars
with L ! LLC are absent while at larger L their dis-
tribution is nearly unchanged. Time-dependent models
for the loss cone repopulation (Milosavljević & Merritt
2003b) predict a flux that is several times higher than
the steady-state value at early times.
Overall, we find that in the spherical case the hard-

ening rate drops with N! rather mildly at N! ! 2 ×
105, but for larger N! approaches the asymptotic N−1

!
scaling. In N -body simulations, however, it does not

drop quite as fast at large N!. One possible rea-
son might be the wandering (Brownian motion) of
the binary (Quinlan & Hernquist 1997; Chatterjee et al.
2003), which effectively increases the size of the loss cone
from L2

LC = 2GMbina to L2
LC = 2GMbinrwand. The wan-

dering radius scales as rwand ∝ (m!/Mbin)1/2 ∝ N−1/2
!

(e.g. Merritt 2001), thus for realistically large N! it
should remain below a for the most part of evolution,
and will not substantially increase the hardening rate.
Relaxation in the axisymmetric case occurs at the same

rate as in the spherical system, but the effective size
of the loss cone corresponds to the angular momentum
of the chaotic region of the phase space

√
ηLcirc, which

is then drained into the loss cone proper by the non-
spherical torques and not by relaxation. This suggests
that in the empty-loss-cone regime the steady-state flux
is moderately (a factor of few) larger than in the spherical
case (Magorrian & Tremaine 1999; Vasiliev & Merritt
2013), because it depends only logarithmically on the
effective size of the loss region. Time-dependent flux is
again higher than the steady-state value, by larger factors
than in spherical systems (Vasiliev & Merritt 2013, fig-
ure 13, left panel). Given these uncertain complications,
it is hard to derive more quantitative theoretical esti-
mates for axisymmetric systems. The results of Monte
Carlo simulations suggest that the hardening rate drops

at least as N−1/2
! in the range 106 ≤ N! ≤ 109, and

probably even steeper at larger N!, which means that it
is too slow for realistic galaxies to bring the binary to
GW-dominated regime in a reasonable time.

LLC =
p

GMBH,Ta

A

S

VASILIEV+2015

• slice in phase space at fixed energy

•        =  fraction of chaotic orbits 

• orbits determined by L, Lcirc

⌘

collisionless
galaxy merger remnants

Tuesday, August 30, 16



10

Fig. 6.— Illustration of the loss region and hardening rate evolution in various geometries (Spherical, Axisymmetric and Triaxial).
Left panel shows the slice of the phase space (L, Lz) at a fixed energy E. The loss cone of the binary is the region L < LLC ≡

√
2GMbina;

stars in that region will interact and be ejected by the binary in one dynamical time. In non-spherical geometries, the extended loss region
consists of stars with L <

√
ηLcirc (more correctly, only a fraction of such stars are on chaotic orbits, but this does not qualitatively change

the picture). In a triaxial geometry, these stars can wander anywhere in this region (shaded in blue and green) due to collisionless effects
(non-spherical torques), and can eventually get into the loss cone proper (shaded in red). In the axisymmetric case they are restricted to
lines of constant Lz and can only wander in vertical direction, thus the loss region is a strip Lz < LLC, L <

√
ηLcirc (shaded in green). The

population of stars inside the loss region is gradually depleted, and as the binary shrinks, LLC decreases. Dashed lines show the boundary
of the loss cone and the axisymmetric loss region at a later moment of time; the volume of the loss region in the axisymmetric case also
shrinks with the binary, and the number of stars in this region drops both due to its decreasing volume and decreasing fraction of surviving
stars.
Right panel illustrates the depletion of the loss region population as a function of energy and time. Bottom plot shows the fraction of
surviving stars ξ(E) at various moments of time. Initially ξ = 1 and it depletes faster at high binding energies; thinner curves correspond
to later times. Top panel shows ξ(E) multiplied by the distribution function; the integral under this curve gives the hardening rate at any
given time, and initially is equal to the full-loss-cone hardening rate (Siso). Thus it is natural that the hardening rate is always smaller
than Siso and decreases with time.

above arguments about the size of the loss region and its
depletion.
Finally, we consider the effects of relaxation on the

long-term behavior of the hardening rate. From the
above discussion, it is clear that it may only matter for
spherical and axisymmetric systems, because in the tri-
axial case the draining is the main mechanism that keeps
the loss cone filled. In general, the relaxation rate scales
as N−1

! , but it does not trivially translate into the hard-
ening rate because of several complications. First of all,
the steady-state flux of stars into the loss cone has a dif-
ferent dependence on the size of the loss cone LLC and the
relaxation rate in the limits of empty and full loss cone
regimes: in the former case, at a fixed energy it scales as
[N! ln(Lcirc/LLC)]−1, and in the latter – as (LLC/Lcirc)2.
Integrated over all energies with an appropriate bound-
ary condition at each energy, the hardening rate has a
weaker than N−1

! scaling, which furthermore depends on
the evolutionary stage: as a gets smaller, a larger fraction
of total flux comes from the full-loss-cone region. Sec-
ond, the flux of stars into the loss cone is actually higher
than the steady-state models would predict, because ini-
tially there are large gradients in the phase space: stars
with L ! LLC are absent while at larger L their dis-
tribution is nearly unchanged. Time-dependent models
for the loss cone repopulation (Milosavljević & Merritt
2003b) predict a flux that is several times higher than
the steady-state value at early times.
Overall, we find that in the spherical case the hard-

ening rate drops with N! rather mildly at N! ! 2 ×
105, but for larger N! approaches the asymptotic N−1

!
scaling. In N -body simulations, however, it does not

drop quite as fast at large N!. One possible rea-
son might be the wandering (Brownian motion) of
the binary (Quinlan & Hernquist 1997; Chatterjee et al.
2003), which effectively increases the size of the loss cone
from L2

LC = 2GMbina to L2
LC = 2GMbinrwand. The wan-

dering radius scales as rwand ∝ (m!/Mbin)1/2 ∝ N−1/2
!

(e.g. Merritt 2001), thus for realistically large N! it
should remain below a for the most part of evolution,
and will not substantially increase the hardening rate.
Relaxation in the axisymmetric case occurs at the same

rate as in the spherical system, but the effective size
of the loss cone corresponds to the angular momentum
of the chaotic region of the phase space

√
ηLcirc, which

is then drained into the loss cone proper by the non-
spherical torques and not by relaxation. This suggests
that in the empty-loss-cone regime the steady-state flux
is moderately (a factor of few) larger than in the spherical
case (Magorrian & Tremaine 1999; Vasiliev & Merritt
2013), because it depends only logarithmically on the
effective size of the loss region. Time-dependent flux is
again higher than the steady-state value, by larger factors
than in spherical systems (Vasiliev & Merritt 2013, fig-
ure 13, left panel). Given these uncertain complications,
it is hard to derive more quantitative theoretical esti-
mates for axisymmetric systems. The results of Monte
Carlo simulations suggest that the hardening rate drops

at least as N−1/2
! in the range 106 ≤ N! ≤ 109, and

probably even steeper at larger N!, which means that it
is too slow for realistic galaxies to bring the binary to
GW-dominated regime in a reasonable time.

LLC =
p

GMBH,Ta

• mass in stars on chaotic orbits is in 
general larger than the mass of the 
black hole binary 

l

• to the extent that mergers result in 
galaxy shapes that are slightly non 
axisymmetric --> the final problem is 
not a problem in most galaxies

• hardening rates never rich the “full 
loss cone” regime

• coalescence times fall in the range 
of 100 Myr (for very eccentric orbits) 
-1 Gyr (for circular orbits) typically

VASILIEV+2015
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SMBH Coalescence in Cosmological Galaxy Mergers 3

Figure 1. Group environment of the galaxy merger. The left panel shows a mock UVJ map of the galaxy group at z = 3.6. The white
circle marks the virial radius of the group halo, while the green circles mark the merging galaxies. The upper-right and lower-right panels
show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.

Figure 2. From left to right: time evolution of the galaxy merger after the beginning of the re-sampled, higher-resolution simulation.
Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

Khan, Mayer, Ficconi+ 2016

SWIFT  COALESCENCE OF TWO  SUPERMASSIVE BLACK HOLES 
IN A COSMOLOGICAL MERGER  

(gas poor) 
SMBH Coalescence in Cosmological Galaxy Mergers 3

Figure 1. Group environment of the galaxy merger. The left panel shows a mock UVJ map of the galaxy group at z = 3.6. The white
circle marks the virial radius of the group halo, while the green circles mark the merging galaxies. The upper-right and lower-right panels
show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.

Figure 2. From left to right: time evolution of the galaxy merger after the beginning of the re-sampled, higher-resolution simulation.
Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

• Argo cosmological simulation 

• galaxy group @ z=3.5

• identification of the two main spirals 
undergoing a major merger

• gas fractions of 10% or less

• first “ab initio” simulation of two 
galaxies ending with the 
coalescence of the 100 million-sun 
black holes 
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4 Khan et al.

Figure 3. Left panel: time evolution of the separation between the SMBHs. Blue-solid, red-dashed, and green-dotted lines show the
evolution during the hydrodynamical, re-sampled simulation of the merger, the direct N-body calculation, and after having introduced
post-Newtonian corrections, respectively. Thin and light versions of the same lines refer to the continuation of the respective simulations.
The horizontal dotted line marks the gravitational softening of the hydrodynamical simulation. Central panel: radial profiles of the ratio
b/a (red) and c/a (blue) between the principal axes of the moment of inertia tensor (c ≤ b ≤ a) at different times: 23.3 Myr (solid),
25.3 Myr (dashed), and 29.3 Myr (dotted). Right panel: probability density function of the radial distance from the center of the merger
remnant for the stellar particles that have interacted with the central binary across 26-24.4 Myr (blue, solid), 27.5-26 Myr (red, dashed),
29.1-27.5 Myr (green, dot-dashed), and 30.6-29.1 Myr (magenta, dotted).

mass profile; we compare it with a later snapshot during
the N -body evolution at t ≈ 30 Myr. We do not observe
a noticeable evolution from outer to inner region.
We further evolve the selected region using the high-

performance φ-GPU code (Berczik et al. 2011). At the
end of our previous galaxy merger simulation, stellar and
gas particles have a softening of 5 pc and dark matter
particles have a softening of 150 pc. We start our di-
rect N -body run by decreasing the stellar softening to
0.1 pc while keeping the dark matter particles soften-
ing unchanged to avoid two-body relaxation effects as
the latter have a relatively large mass. Figure 4 shows
that the mass of the dark matter component does not
increase in the central region during the whole evolution
period. The softening parameter for the force calcula-
tion between the two black holes is set to 0. In order to
calculate the softening between different particle species
we employ the following criterion:

ε2ij = (ε2i + ε2j)/2, (1)

where ε• = 0 for both black holes, ε! = 0.1 pc for stars
and εdm = 125 pc for dark matter particles. In star-
black hole interactions we further reduce the softening
to 0.007 pc, which is smaller than the semi-major axis of
the binary when the gravitational wave emission domi-
nates (Figure 3, left panel). In order to take into account
energy loss by gravitational wave emission, we incorpo-
rate post-newtonian terms up to 3.5 in the equation of
motion of the binary SMBHs (Blanchet 2006).
Dynamical friction efficiently shrinks the separation

between the two SMBHs and they form a binary once
individual cusps merge at t ∼ 23.5 Myr. The separa-
tion drops rapidly to ∼ 0.3 pc in less than 1 Myr, owing
to the high nuclear density, until the binary gets hard
and dynamical friction becomes inefficient. The subse-
quent phase of the decay is dominated by three-body en-
counters between the binary and the surrounding stars.
This phase is the longest, taking ≈ 8 Myr before the
separation decreases to ∼ 0.01 pc, at which point GW
emission takes over and brings the SMBHs to rapid co-
alescence in 2 Myr (Figure 3). Figure 3 also shows that

post-Newtonian terms are crucial for the sinking of the
binary already at a separation of ! 0.03 pc. The or-
bital decay rate in the post-Newtonian phase is in rough
agreement with simple semi-analytical predictions based
on orbit-averaged expressions (Peters & Mathews 1963),
which do not take into account the contributions from
higher order terms.
We define the coalescence time, and stop the simula-

tions, when the separation is < 4(rs,1+rs,2), where rs,j is
the Schwarzschild radius of the j-th BH, as following the
evolution further would require a fully relativistic treat-
ment. The coalescence, counting from the merger of the
two cusps at t ∼ 23.5 Myr, takes less than 10 Myr, which
is roughly two orders of magnitude faster than previ-
ous decay time estimates inferred for non-cosmological,
purely stellar hosts (when rescaled to nearby galaxies)
(Khan et al. 2012b, 2013). The preceding large-scale ap-
proach and merger of the two galaxies lasts ∼ 200 Myr,
so that the overall process is completed in significantly
less than the lookback time at z ∼ 3.5.
The shape of the merger remnant over time is shown in

the central panel of Figure 3. It was obtained by measur-
ing the moments of inertia tensor of a homogeneous el-
lipsoid. The remnant is clearly triaxial at all times. The
right panel of Figure 3 shows the distribution of the mean
radial distances of the stars that contribute to the change
in the binding energy of the binary at different times.
Those have been identified statistically as the stars that
undergo large specific total energy change between two
subsequent snapshots, ∆E/m! > (1405 km s−1)2. This
absolute threshold depends on the binary properties only,
∆E/m! ≈ G µ• C a−1, where µ• is the binary reduced
mass, a is the binary separation, and C ≈ 2, as inferred
from three-body encounter simulations (Hills 1983; Quin-
lan 1996). This criterion allows us to select only the stars
involved in encounters with the SMBH binary, because
the energy changes due to the large scale evolution of the
system and to two-body encounters with other stars and
dark matter particles are small compared to the adopted
threshold. Most of those stars come from 10-100 pc,
which is at quite far from the BH binary sitting at the

Khan, Mayer, Ficconi+2016

• @ t=20 Myrs  the merger remnant is gas poor owing 
to gas consumption. The black holes are 
surrounded by dense stellar cusps (central regions 
are devoid of DM)

• dynamical friction by stars (and gas in the early 
stages) controls the dynamics of the two black 
holes all the way down to the hardening phase

• the hard binary hardens by slingshot 

• the remnant is triaxial 

• black holes coalesce swiftly

• inclusion of PN terms is important

• gas dissipation is instrumental before the 
merger in creating a high central stellar 
density, result of gas inflows in the inner 500 
pc due to cosmological gas inflows and 
accretion prior to mergers
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Pairing and sinking of binary SMBHs in sub-pc resolution simulations of galaxy mergers 3

galactic cores in which they were embedded. After a few
pericentric passages, dynamical friction finally makes the
two galaxies merge at t ⌅ 5.244 Gyr. The first 4 Gyr of
the simulation have been run at low resolution to let us fo-
cus on the final merger of the galactic cores at much higher
resolution.

To avoid binary relaxation among DM/stellar particles,
the gravitational softening of every particle except for the
two SMBH particles cannot be smaller than �min = 3 pc,
consistently with our particle mass resolution. Meanwhile,
the two SMBH particle dynamics and the gas dynamics fol-
low the local resolution of the AMR grid without any limi-
tation.

2.1 Gas physics and equation-of-state

We adopt in this paper the following thermodynamical
model. It is based on a polytropic equation of state sim-
ilar to Teyssier et al. (2010) and Bournaud et al. (2010).
For the hot virialized halo, defined as nH < nh with nh =
10�3 H/cc), we use a polytrope with T = Th (nH/nh)

�h�1

with Th = 4 ⇥ 106 K and �h = 5/3. For the disk, defined
as nH > nh, we use first an isothermal equation-of-state
with T = 104 K. At the end of the merger, the two black
holes are embedded in the nuclear gas core of the remnant
galaxy. The thermodynamics of this inner region is the key
parameter of such a study. It is interesting to investigate the
impact of various models on the black hole orbital decay.
First, we assumed that a strong heating source such as an
active galactic nucleus could completely shuts down radia-
tive cooling in the high-density regions, resulting in a purely
adiabatic gas (�d = 5/3). Spaans & Silk (2000) showed that
the thermodynamic state of a solar metallicity gas heated by
a starburst can be well approximated by an ideal gas with
adiabatic index �d = 1.3�1.4 over a wide range of densities.
Consequently, we also adopted a second model for which the
high-density gas is more dissipative than in the first model
and follow a �d = 7/5 polytropic equation-of-state. For both
models, using as characteristic density nd = 1000 H/cc, we
use the following equation-of-state across the whole disk

T = max
�
104 K, Td (nH/nd)

�d�1
⇥

(1)

As shown by Escala et al. (2005) and Dotti et al. (2007),
a sound speed in the range 60 � 80 km/s, corresponds to a
pressure scale height comparable to that deduced from ob-
servations of circumnuclear disks in nearby galaxies (Downes
& Solomon 1998). In our model, we adopted a characteristic
temperature Td = 3⇥ 105 K or equivalently a characteristic
sound speed cs,d = 75 km/s.

3 RESULTS

A few Myr before the final merger of the two gaseous
cores, during the last pericenter, the symmetry of the gas
distribution changes dramatically. In Figure 1, one can see
that the gas distribution, perfectly symmetric before the last
pericenter, becomes asymmetric afterwards. This is due to
small scale turbulence between the two galactic cores (top
left view) that made the shocks within the gas asymmet-
ric during the last pericenter. Afterwards, one of the galac-
tic core (and SMBH within) ends up with a bit slower and

Figure 1. Mass-weighted gas density maps during last pericenter
and final merger. The line-of-sight is perpendicular to the orbital
plane and the maps are 1.8 kpc wide. While fairly symmetric
before the pericenter (top left), the density distribution becomes
clearly asymmetric after the pericenter (middle). After the final
merger, a thick ⇥ 109 M⇥ gaseous nuclear disk is formed (bot-
tom), in which the two SMBHs start orbiting.

with a little more mass than the other (bottom right view).
An asymmetrical SMBH injection in the nuclear disk re-
sults from this symmetry breaking : one of the black hole
is injected a few parsecs away from the nuclear disk center,
while the other starts orbiting with an apocenter as large as
r ⇤ 100 pc.

3.1 Nuclear disk formation and turbulence
dissipation

After an additional 4 Myr , the two galactic cores finally
merge together. In the �d = 5/3 case, the core coalescence
leads to the formation of a ⇤ 140 pc thick gas spheroid while
in the �d = 7/5 case, the nuclear region is more disky with
a disk thickness of ⇤ 60 pc. In both cases, the enclosed gas
mass within 100 pc is ⇤ 109 M⇥. The parameters of the
nuclear disk we obtain from this galaxy merger simulation
are consistent with nuclear regions observed in Ultra Lumi-
nous Infrared Galaxies (ULIRGs; Downes & Solomon 1998;
Sanders & Mirabel 1996), except that our model is missing
the intense star formation processes of the observed nuclear

c� 2011 RAS, MNRAS 000, 1–10
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Figure 3. Face–on gas density map for run ‘ThFBl’ at time
t = 2.1 Myr (i.e., when the star formation rate is maximum,
see Fig. 2). The gas shocked after the first disc collision frag-
ments into a large number of small clumps which very rapidly
convert gas into new stellar mass. The black dots correspond to
the positions of the two MBHs.

clump distance when the transient binary system forms is
⇠ 10 � 20 pc, which is always resolved with a number of
cells ⇠> 10, thanks to the refinement prescription described
in Lupi, Haardt & Dotti (2015), allowing us to accurately
resolve the BH–clump close interaction.

In the case of run ‘ThFBh’, because of the relatively
higher density threshold for SF, a slightly larger number of
more massive clumps forms, resulting in the more disturbed
orbits (and faster decay) seen in Fig. 1.

We have then compared the above analysis regarding
the MBH dynamics with runs employing the aforementioned
blast wave–like feedback from SNe (BWFB–like runs). As
discussed before, this feedback implementation aims at de-
scribing non–thermal processes in the aftermath of SNa ex-
plosions. We find that the dynamical evolution of the MBHs
is largely independent upon the details of the SNa feed-
back employed, making MBH dynamics results fairly robust
against the di↵erent implementations of sub–grid physics.

3.2 Gas dynamics

We discuss here the dynamics of the gas during the merger
event. We focus on the case with the low–density threshold
for SF (run ‘ThFBl’), keeping in mind that the higher den-
sity case produces a qualitatively and quantitatively similar
outcome.

Fig. 6 shows the gas distribution around the MBHB af-
ter t = 11 Myr. On large scale (left–hand panel), the relic
disc resulting from the collision of the progenitor discs is al-
most totally disrupted because of SNa feedback. This resid-
ual structure is counter–rotating relative to the MBHB or-
bit. On scales of the order of few pc (right–hand panel), the
gas which has not been converted into stellar particles set-
tles in a circumbinary disc, with a total mass of few 105 M�.
The small disc corotates with the MBHB thanks to the drag-
ging of gas by the MBHs during their inspiral towards the
centre. Note that this implies that the angular momentum

Figure 4. Total mass in clumps for run ‘ThFBl’. The red dia-
monds correspond to the times at which we computed the clump
mass distribution shown in Fig. 5.

of the residual gas changed sign during the evolution of the
system.

We report in Fig. 7 the evolution of the modulus of
MBH orbital angular momentum and compared it to the
modulus of the total angular momentum of the gas which
is the closest to the MBHs in the simulation, defined as
the gas within a sphere of radius equal to 0.5 times the
MBH separation. We observe that at the beginning of the
simulation the angular momentum of the gas is larger than
that of the MBHs, and we remind that the gas is counter–
rotating. After ⇠> 4 Myr, the angular momentum associated
with the MBH orbit exceeds that of the gas and in principle
there are the conditions for a change in the sign of the gas
angular momentum, being dragged by the MBHs. The gas
angular momentum actually changes sign after ⇠ 9 Myr,
when the MBH separation is ⇠ 45 pc. At this evolutionary
stage, a large fraction (⇠> 90%) of the initial gas mass is
already converted in stellar particles. After ' 10 Myr, when
SNe start to explode, the released energy is radiated away
by the small amount of residual gas, which is however unable
to form further stellar mass at a comparable rate. In other
words, star formation is not halted by SNa feedback, rather
by gas consumption.

Concerning the impact of blast wave feedback (BWFB–
type runs), as expected it does not alter the gas dynamics
for a time ⇠ �tSN (at that point the two MBHs have already
reached the centre of the system). After that time, the al-
most simultaneous SNa events release a fairly large amount
of energy which heats the gas up but is not radiated away.
The net result is that the remaining gas is pushed at very
large distances from the MBHB (up to ⇠ 500 pc) by the
increased pressure. The MBHB lives then in a very low–
density environment, and no circumbinary disc is formed on
any scale.

3.3 Prompt SNa explosions

Both the MBH and gas dynamics are una↵ected by feedback
for the first 10 Myr as this is the assumed lifetime of massive
stars (and hence for the onset of SNa feedback). To test

c� 2015 RAS, MNRAS 000, 1–11
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Figure 2. Time evolution of the secondary BH angular momentum for the
“smooth” models with Md = 5 × 108 M". Solid and dashed lines represent
runs with e0 # 0.2 and e0 # 0.9, respectively. Black and red colors represent
runs with q = 0.1 and q = 0.2, respectively. The dots qualitatively mark the
transition between the two phases described in the text.
(A color version of this figure is available in the online journal.)

actually accreted due to the lack of an accretion prescription in
our simulations, it provides an higher effective mass that reduces
the orbital decay timescale5 up to ∼2 Myr (e.g., “clumpy 2”
model of run q01f02HM and q02f02HM).

4. DISCUSSION AND CONCLUSIONS

We compared the orbital decay of an MBH pair in clumpy
and inhomogeneous gaseous CNDs with that in smooth disks
by means of idealized N-body/SPH simulations. We found that
gravitational interactions between the BH and clumps do play
a role in the dynamics of these pairs. Gravitational slingshots
frequently perturb the orbit of the moving BH, stochastically
increasing or decreasing the separation of the pair. Scattering
between massive clumps and the secondary BH can eject the
latter from the disk plane, having a net retarding effect on
its orbital decay since in this case the dominant source of
drag on the BH is the low density stellar background. We can
estimate this orbital decay timescale τdecay for a BH of mass
M• in circular motion inside a Plummer bulge of total mass Mb
and scale radius b using standard DF (Chandrasekhar 1943) as
τdecay # τ

(ext)
decay + τ

(int)
decay, where

τ
(ext)
decay # 0.5305

ln Λ

(
Mb

M•

) [
(rin/b)7/2 − 1

]
tdyn, (2)

is the time to move from an initial radius rin to ∼ b, and

τ
(int)
decay # 0.2172

ln Λ

(
Mb

M•

)
tdyn, (3)

is the decay time inside the core. As usual, ln Λ is the Coulomb
logarithm and tdyn = 1/

√
Gρ0 is the dynamical time associated

5 We recall that both Type I migration and DF torques that provide loss of
angular momentum and/or orbital energy scale with the perturber mass
squared.

Figure 3. Time evolution of the gas surface density of the “clumpy 1” model
of run q02f2HM. The size of each panel is 240 pc per edge. The position of the
BHs are marked by two black dots.
(A color version of this figure is available in the online journal.)

with central density ρ0 of the Plummer profile. We estimate
that τdecay would vary typically between ∼20 and ∼50 Myr
depending on the secondary-BH mass and the properties of the
stellar spheroid that we assumed for our simulations. We used
ln Λ ∼ 5 and rin = 60 pc. We also checked that the decay
timescale would vary in the range ∼20–80 Myr if we adopted
a (de-projected) Sérsic profile for the bulge with structural
parameters (mass, effective radius, Sérsic index) ranging from
those typical of massive classical bulges (e.g., Andromeda
galaxy, Widrow et al. 2003; Courteau et al. 2011) to those of
pseudobulges in late-type spirals (Fisher & Drory 2008; Fisher
et al. 2009).

At the same time, the BH pairing can be accelerated either
when the secondary is scattered toward the disk center or it
manages to accrete a bound gaseous cloud around it. The second
case occurs when the orbiting BH is captured inside a massive
clump or when it rips mass off of a clump. Then, the higher total
mass of the BH+cloud system, compared to M•, can reduce
the orbital decay timescale by up to ∼2 Myr. However, BH
accretion/feedback may influence the local distribution of mass
around the secondary and, in turn, affect its sinking toward the
center.

We estimate a threshold mass M• below which an M• BH
orbiting in a disk with mass Mg and scale radius R will likely
be scattered by clumps with Mcl > M•. The BH and the
clumps both migrate toward the center on a timescale τ• and
τcl, respectively. We can envision that the BH moves in an
almost steady-state environment in which massive clumps that
dissolve close to the center are continuously replaced by new
clumps on the same timescale, so that the number and the spatial
distribution of massive clumps remain almost constant in time,
on average. The BH moves radially with an effective relative
velocity v• ∼ R/τ• ∼ 10 km s−1 with respect to the clumps.
This is a reasonable assumption when we focus on massive
clumps only since they form because of the merging of smaller
clumps during their migration on the timescale τcl and dissolve
when they reach the center on the same timescale. Under these
crude assumptions, we can imagine that the BH moves radially

4

simulations of massive isolated 
disc galaxies (no bulge)

multi-phase medium
high gas fraction >50%
star formation
AGN feedback
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Figure 5. Surface density maps, face-on and edge-on, for the control model (top panels) at 42 Myr and the clumpy model (bottom
panels) at 345 Myr, with BH accretion, feedback, zero eccentricity and α = 10. Times are chosen to show the maximum separation of
the secondary BH from the midplane in the first 400 Myr. In the control model, the secondary BH is always close to the midplane (the
maximum distance in z-axis is much lower than ∼ 500 pc), because the clumps are small, disappear in the first ∼ 100 Myr and do not
affect BH dynamics. In the clumpy model, the secondary BH can exceed 1 kpc from the midplane and reach hotter and less dense regions
due to clump interactions.

that the mass accretion rates for the central BH are gener-
ally lower than in our case: indeed in their simulations the
BH accretion rate is generally 10−5 M" yr−1, whereas we
find ∼ 10−1 M" yr−1 in the control case and ∼ 1 M" yr−1 in
the clumpy case. The substantial difference is that they have
peaks that reach the Eddington rate, whereas we do not. We
can compare our control and clumpy runs with standard BH
accretion and feedback to their models M16f10 and M4f50,
respectively. This behaviour has likely two reasons: first of
all, in Gabor & Bournaud (2013), the aim was studying the
BH growth in a clumpy medium, so they have only one cen-
tral BH, into which all the produced clumps can accrete,
while we have also the second BH that perturbs the medium
and can accrete clumps as well. The massive perturber is
very important in the control case, where gravity is not dom-
inant like in the clumpy case, and indeed our galaxy has spi-
ral arms also in the central part and a higher inflow, whereas
the model M16f10 of Gabor & Bournaud (2013) does not:
the gas density map is quite smooth (see their Figure 1,
bottom-left panel), except for some clumps in the outer

part, maybe due a different relaxation phase of the disc or
to the short simulation time. Moreover, Gabor & Bournaud
(2013) have BHs ten time less massive than in our mod-
els (and therefore a lower Eddington mass accretion rate),
which could explain the observed peaks at Eddington rates
in their mass accretion rates.

3.3 Limits of the isolated simulations; the

“asymptotic” decay time-scale

In our initial conditions, the disc scale height is 0.05Rd,
where Rd ∼ 2 kpc. During the simulations, the vertical disc
extent remains below 1 kpc, even during the vigorous frag-
mentation phase of the clumpy disc model (see Figure 5,
edge-on views). This implies that, when the secondary BH
is ejected out of the disc plane, the drag by dynamical fric-
tion drops dramatically, and the orbital decay is correspond-
ingly suppressed. As a result, a close BH pair never forms
in most of the clumpy-disc runs. However, by construction
our galaxy models lack an extended dense spheroidal com-
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End of the merger stage
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End of the remnant stage

Figure 3. Stellar (red) and gas (blue) density snapshots (viewed face-on) at representative times of the 1:4 coplanar, prograde–prograde
merger: (1) 0.20, (2) 0.30 (first pericentric passage), (3) 0.39, (4) 0.61 (first apocentric passage), (5) 0.88, (6) 0.97 (second pericentric
passage – end of the stochastic stage), (7) 1.05 (second apocentric passage), (8) 1.17 (third apocentric passage), (9) 1.24 (end of the
merger stage), (10) 1.56, (11) 1.89, and (12) 2.21 Gyr (end of the remnant stage), respectively. We have run the simulations long enough
to capture the re-establishment of quiescence after the merger: note how the galaxy in the final snapshot is a normal-looking disc galaxy.
The primary (secondary) galaxy starts the parabolic orbit on the left (right) of the first snapshot, moving right- (left-) wards. In order
to make the gas more visible, gas density was over-emphasized with respect to stellar density. Each image’s size is 70× 70 kpc.

region has formed, with its radius oscillating between ∼60
and ∼140 pc with the same temporal period of the BH ac-
cretion. When the cavity reaches its maximum radius, the
BH accretion is at its minimum, and vice versa. We believe
that this is a clear case of BH self-regulation (‘breathing’),
in which the BHs follow periodic stages of feeding and feed-
back.

In the third panel of Figs 1 and 2, we show the SF
rate (SFR) for three spherical regions centred around the
BH (of radii 0.1, 1, and 10 kpc, respectively), and the total
SFR of the entire system. SFR is evaluated every 1 Myr,
but here we show its average over the same time intervals as
those of gas mass and specific angular momentum, which are
evaluated every 5 Myr. Central SFR (<100 pc) around the
BH follows a similar behaviour to that of BH accretion rate,
staying at low levels at all times except during the ∼300 Myr
that follow the second pericentric passage. During this time,
central SFR around the secondary BH can increase by more

than three orders of magnitude from its previous levels and
account for almost the totality of the SFR in the system.
The increase in SFR around the primary BH is much more
modest, but in both cases it happens at the same time of the
BH accretion rate increase. During the final stage, when the
two BHs are at a mutual distance of !10 pc, central SFR
is higher than during the first stage. Also, SFR around the
primary BH is more ‘centralized’: the SFR in the central kpc
comprises most of the SFR of the inner 10 kpc, as opposed to
during the first stage. The link between BH accretion and SF
is at the same time simple (both processes feed off the same
reservoir of gas) and complex (the exact correlation between
them is still highly debated). In a separate paper (Volonteri
et al. 2014, submitted), we present a detailed study on this
topic.

In the fourth panel, we show the amount of gas mass in
three spherical regions (of radii 0.1, 1, and 10 kpc, respec-
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galactic cores in which they were embedded. After a few
pericentric passages, dynamical friction finally makes the
two galaxies merge at t ⌅ 5.244 Gyr. The first 4 Gyr of
the simulation have been run at low resolution to let us fo-
cus on the final merger of the galactic cores at much higher
resolution.

To avoid binary relaxation among DM/stellar particles,
the gravitational softening of every particle except for the
two SMBH particles cannot be smaller than �min = 3 pc,
consistently with our particle mass resolution. Meanwhile,
the two SMBH particle dynamics and the gas dynamics fol-
low the local resolution of the AMR grid without any limi-
tation.

2.1 Gas physics and equation-of-state

We adopt in this paper the following thermodynamical
model. It is based on a polytropic equation of state sim-
ilar to Teyssier et al. (2010) and Bournaud et al. (2010).
For the hot virialized halo, defined as nH < nh with nh =
10�3 H/cc), we use a polytrope with T = Th (nH/nh)

�h�1

with Th = 4 ⇥ 106 K and �h = 5/3. For the disk, defined
as nH > nh, we use first an isothermal equation-of-state
with T = 104 K. At the end of the merger, the two black
holes are embedded in the nuclear gas core of the remnant
galaxy. The thermodynamics of this inner region is the key
parameter of such a study. It is interesting to investigate the
impact of various models on the black hole orbital decay.
First, we assumed that a strong heating source such as an
active galactic nucleus could completely shuts down radia-
tive cooling in the high-density regions, resulting in a purely
adiabatic gas (�d = 5/3). Spaans & Silk (2000) showed that
the thermodynamic state of a solar metallicity gas heated by
a starburst can be well approximated by an ideal gas with
adiabatic index �d = 1.3�1.4 over a wide range of densities.
Consequently, we also adopted a second model for which the
high-density gas is more dissipative than in the first model
and follow a �d = 7/5 polytropic equation-of-state. For both
models, using as characteristic density nd = 1000 H/cc, we
use the following equation-of-state across the whole disk

T = max
�
104 K, Td (nH/nd)

�d�1
⇥

(1)

As shown by Escala et al. (2005) and Dotti et al. (2007),
a sound speed in the range 60 � 80 km/s, corresponds to a
pressure scale height comparable to that deduced from ob-
servations of circumnuclear disks in nearby galaxies (Downes
& Solomon 1998). In our model, we adopted a characteristic
temperature Td = 3⇥ 105 K or equivalently a characteristic
sound speed cs,d = 75 km/s.

3 RESULTS

A few Myr before the final merger of the two gaseous
cores, during the last pericenter, the symmetry of the gas
distribution changes dramatically. In Figure 1, one can see
that the gas distribution, perfectly symmetric before the last
pericenter, becomes asymmetric afterwards. This is due to
small scale turbulence between the two galactic cores (top
left view) that made the shocks within the gas asymmet-
ric during the last pericenter. Afterwards, one of the galac-
tic core (and SMBH within) ends up with a bit slower and

Figure 1. Mass-weighted gas density maps during last pericenter
and final merger. The line-of-sight is perpendicular to the orbital
plane and the maps are 1.8 kpc wide. While fairly symmetric
before the pericenter (top left), the density distribution becomes
clearly asymmetric after the pericenter (middle). After the final
merger, a thick ⇥ 109 M⇥ gaseous nuclear disk is formed (bot-
tom), in which the two SMBHs start orbiting.

with a little more mass than the other (bottom right view).
An asymmetrical SMBH injection in the nuclear disk re-
sults from this symmetry breaking : one of the black hole
is injected a few parsecs away from the nuclear disk center,
while the other starts orbiting with an apocenter as large as
r ⇤ 100 pc.

3.1 Nuclear disk formation and turbulence
dissipation

After an additional 4 Myr , the two galactic cores finally
merge together. In the �d = 5/3 case, the core coalescence
leads to the formation of a ⇤ 140 pc thick gas spheroid while
in the �d = 7/5 case, the nuclear region is more disky with
a disk thickness of ⇤ 60 pc. In both cases, the enclosed gas
mass within 100 pc is ⇤ 109 M⇥. The parameters of the
nuclear disk we obtain from this galaxy merger simulation
are consistent with nuclear regions observed in Ultra Lumi-
nous Infrared Galaxies (ULIRGs; Downes & Solomon 1998;
Sanders & Mirabel 1996), except that our model is missing
the intense star formation processes of the observed nuclear

c� 2011 RAS, MNRAS 000, 1–10

FORMATION OF A MASSIVE NUCLEAR DISC @ last pericentre
of billion solar masses 
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• gas dynamical friction 256 OSTRIKER Vol. 513

FIG. 3.ÈSolid lines : DF force in a gaseous medium as a function of
Mach number Curves correspond to 6, 8, . . . ,M\ V /c

s
. ln(c

s
t/rmin)\ 4,

16. Dashed lines : Corresponding DF force in a collisionless medium with
particle velocity dispersion andp \ c

s
rmax 4V t \Mc

s
t.

with The integrals are straight-k
C
4 (1 [M2[ x2)/(2xM).

forward ; the result is

Isubsonic \ 1
2

ln
A1 ]M

1 [M

B[M . (14)

The implicit assumptions in deriving this equation are that
exceeds the e†ective size of the perturber and(c

s
[ V )t (rmin),that is smaller than the e†ective size of the sur-(c

s
] V )t

rounding gaseous medium Under these conditions,(rmax).the dynamical drag is time independent and nonzero. The
steady state result that zero net force results from the front-
back symmetry of the density distribution is misleading ;
because of the long-range nature of the Coulomb potential,
the total drag force at any time depends on the unchanging
ratio between the(c

s
t ] vt)/(c

s
t [ vt)\ (1]M)/(1 [M)

semiminor axes of the furthest and closest perturbing partial
spheroids. The gravitational drag is always dominated by
the far Ðeld, and at any time the perturber is located ahead
of center of the sonic sphere. Physically, we can associate
the energy loss arising from the drag force with the rate at
which the expanding sound wave does work on the back-
ground medium. In the limit of a very slow perturber
M> 1, so that the drag force is pro-Isubsonic]M3/3,
portional to the perturberÏs speed V .

For the supersonic case, the whole of the perturbed
density distribution lags the perturber. The angular integra-
tion limits are k \ [1, for to (M2[ 1)1@2,k

M
x \ rmin/(cs t)and k \ [1, for x \ (M2[ 1)1@2 to M] 1 ; takes onk

C
S
Hvalues 2 and 1 in regions 2 and 1. The result of the integra-

tion is

Isupersonic \ 1
2

ln
AM] 1
M[ 1

B] ln
AM[ 1
rmin/cs t

B
\1

2
ln
A
1 [ 1

M2
B] ln

A V t
rmin

B
. (15)

We have assumed that and that the e†ec-V t[ c
s
t [ rmin,tive size of the background medium exceeds InV t] c

s
t.

the limit M? 1, we have withIsupersonic ] ln (V t/rmin) ;this recovers the steady state result.4V t ] rmax,In Figure 3, we plot the DF force as a function of the
Mach number for several values of c

s
t/rmin.

3. DISCUSSION

The main formal result of this paper is the evaluation, in
linear perturbation theory, of the gravitational drag force

on a massive perturber moving on a straight-lineFDF M
ptrajectory through an inÐnite, homogeneous, gaseous

medium of density and sound speed Together with theo0 c
s
.

deÐnition in equation (12), equations (14) and (15) give the
DF drag forces on subsonic and supersonic perturbers,
respectively. Figure 3 presents the same results graphically,
showing how the drag force varies with the Mach number
M of the perturber, and the time over which the perturber
has been moving with Ðxed speed V \ c

s
M.

For comparison, we have also included in Figure 3 the
result for the gravitational drag on a particle of mass M

pmoving through a collisionless medium with the same
density as the gaseous medium we have considered, ando0with a Maxwellian distribution of particle velocities with

From equation (7-18) of Binney & Tremaine (1987),p \ c
s
.

the collisionless DF drag force is given by equation (12)
with

Icollisionless\ ln
Armax
rmin

BC
erf (X) [ 2X

Jn
e~X2D , (16)

where From Figure 3, it is clear that (1) forX 4 V /(pJ2).
M? 1, the collisionless and gaseous DF forces are identical
(as has been previously noted) ; (2) for M\ 1, the drag force
is generally larger in a collisionless medium than in a
gaseous medium, because in the latter case pressure forces
create a symmetric distribution in the background medium
in the vicinity of the perturber ; (3) the functional form of the
gaseous DF drag is much more sharply peaked near M\ 1
than it is for the collisionless DF dragÈperturbers moving
at speeds near Mach 1 resonantly interact with the pressure
waves that they launch in the background medium; and (4)
for a given value of the peak value ofln(") 4 ln(rmax/rmin),the gaseous DF force is much larger than the corresponding
peak value of the collisionless DF force ; at MB 1, there is a
factor of 4 di†erence in the force between the two cases. We
explore some potential consequences of these results in a
variety of astronomical systems below.

As a consequence of the stronger gaseous DF force than
collisionless DF drag force for supersonic motion, massive
objects may make their way more rapidly to the center of a
star cluster or galaxy if they arrive at the outer edge before,
rather than after, the gas is turned into stars. For a particu-
lar example, we consider the decay of a massive perturberÏs
near-circular orbit in a spherical density distribution with a
singular isothermal sphere proÐle soo(r) \ c

s
2/(2nGr2),

(here denotes the sound speed or theM(r) \ 2c
s
2 r/G c

svelocity dispersion for a gaseous or stellar distribution,
respectively). For this density proÐle, the circular speed is
constant, By equating the rate of decrease ofV \ c

s
J2.

angular momentum to the torqued(M
p
V r)/dt qDF \ rFDF,

4 As pointed out by the referee S. Tremaine, the notion that the
maximum impact parameter increases as V t was earlier introduced
by Ostriker & Davidsen (1968) in a time-dependent analysis of stellar
relaxation.
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DEDICATED HIGH-RESOLUTION SIMULATIONS OF THE  BLACK HOLE EVOLUTION IN 
ROTATIONALLY SUPPORTED NUCLEAR DISCS  MESTEL PROFILE 

the disc and BH corotate counterclockwise
the drag force is mostly acting at peri-center 
where the wake lags behind

THE UNDERLYING ROTATING GASEOUS 
BACKGROUND FORCES THE SECONDARY 
BLACK HOLE TO CO-ROTATE WITH THE DISC
MEMORY LOSS OF THE INITIAL ECCENTRICITY
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Massive black hole binaries in gas-rich galaxy mergers; multiple regimes of orbital decay and interplay with

t=3 Myr

50 pc

Figure 5. Color-coded density map of one of the smooth disk simulations (time
indicated by the label) presented in Fiacconi et al. (2013), in which the spiral wave
triggered by the secondary BH, a signpost of orbital decay driven by Type I-like
torques, is evident.

friction while the onset of the second phase coincides with the appearance of a strong
triggered spiral density wave, as shown in Figure 5.

Assuming linear torque theory, Type I decay rate scales inversely with the mass

of the decaying BH as in the case of dynamical friction. An expression for the Type-I

migration timescale, which works pretty well for relatively small planets, being borne

out of linear theory, hence corresponding to light secondary black holes in our case (with

masses < 10−2 that of the disk) is due to Tanaka (2002):

τmigr = (2.7 + 1.1β)−1 M1
2

M2Σa2
h2Ω−1 (4)

where M1 is the mass of the primary black hole, M2 the mass of the secondary

black hole, a is the orbital separation of the two black holes, Σ the disk surface density,

h its scale height and Ω its angular velocity. The equation is derived assuming laminar,

non-self gravitating disks, and includes 3D effects and corotation torques, for a disk

t
migration

t
dyn�friction

⇡ 2⇡ ln⇤h

Mdisc > MBH,2

FIACCONI, MC+  2013

• after circularization the 
black hole has reduced 
its velocity relative to the 
underling medium

• the black hole dynamics 
is reminiscent of the type 
I planet migration

• disc mass dominate over 
the mass of the 
secondary black hole

•

Tuesday, August 30, 16



• black hole dynamics in massive circum-nuclear discs

• switch forcefully cooling (only) in an unstable  Mestel disc                                          
(M(disc)=100 million suns; M(BH, primary)=10 million suns, q(mass ratio)=0.1)

• formation of massive clumps
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• clump distribution and size (“clumpy 1”- cooling time  0.2 Myr, “clumpy 2” 2 Myr )
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The Astrophysical Journal Letters, 777:L14 (6pp), 2013 November 1 Fiacconi et al.

Figure 4. Top-left panel: normalized mass function of clumps for “clumpy 1” and “clumpy 2” models with Md = 108 M!. Bottom-left panel: same as before for
models with Md = 5 × 108 M!. Top-right panel: clump mass vs. size (S from Oka et al. 2001, and clump diameter Dcl) for models with Md = 108 M!. Bottom-right
panel: same as before for models with Md = 5 × 108 M!. Black continuous lines (circles), red dashed lines (crosses) and blue dot–dashed lines (triangles) show the
data from Oka et al. (2001), “clumpy 1,” and “clumpy 2” models, respectively. Vertical arrows indicate the masses of the secondary BHs.
(A color version of this figure is available in the online journal.)

by a random walk and the condition for the scattering by clumps
to be sizable reads:

1 # N ∼ R2n2
clσ

2
cl, (4)

where ncl ∼ Ncl/Vdisk is the number density of clumps in the
disk volume Vdisk ∼ h R3 with aspect ratio h, and σcl is the cross
section for a gravitational interaction with a clump. Massive
clumps have a size ∼5–10 pc, whereas the influence radius for
interaction with the BH rg ∼ GMcl/v

2
• ! 10 pc for Mcl ! 106

M!, therefore we can estimate σcl ∼ πr2
g . If we assume that

τ• scales as for DF, τ ∼ (Θ/ ln Λ) (Mg/M•) tdyn, where Θ ∼ 1,
we can rewrite Equation (4) in terms of the BH mass M• under
which scatterings are relevant:

M• # M• ∼
(
Ncl h

−1
)1/4

ln Λ

(
Mcl

Mg

)1/2

Mg. (5)

It is interesting to apply this order-of-magnitude estimate to
high-z galaxies with few clumps with masses of the order of the
maximum mass allowed by Toomre instability, Mcl ∼ η2Mg,
where η is the gas fraction of the system (Escala & Larson
2008):

M• ∼ 7 × 107
(

Ncl

4

)1/4(
η

0.4

)(
Mg

109 M!

)
M!, (6)

where we assumed h = 0.2 and ln Λ = 5. For massive systems
with Mg ∼ 1010 M!, as observed at z ! 2 (Genzel et al. 2006,
2010), this would lead to a threshold mass even a factor of !10
higher, suggesting that, at least at high-z, clump–BH interactions
can be important for massive BHs, up to the mass of some of
the largest found today in early-type galaxies (∼109 M!).

Despite the fact that this is only an order-of-magnitude
calculation, it is significant to note that the dynamics of
virtually all the MBH binaries that space-born gravitational
wave detectors such as eLISA would probe at z ! 3 (e.g.,
Amaro-Seoane et al. 2013) could be in principle affected
by the clumpy environment in the early stages of pairing.
Indeed, although our controlled experiments do not change the
overall scenario according to which MBH pairs in gaseous
environments tend to evolve toward tight binary, the even
higher inhomogeneity of the ISM in gas-rich, high-redshift
(z ! 2–3) galaxies may reasonably lead to stronger interactions
and ejections of MBHs outside the CND into the bulge, slowing
down the decay by a factor !10 (R. Roškar et al., in preparation).
If ejections causing delayed decay are common even at low
redshift, close MBH pairs at separations in the range 10–100 pc

5

• clumps migrate to the centre 

• the black hole can tidally 
disrupt a clump

• the black hole can be 
“captured” by the clump
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• close encounters 
between the 
secondary black 
hole and massive 
clumps act as “ 
gravitational 
slingshots”

• impulsive 
perturbations cause 
the black hole to 
deviate from its 
original orbit: tilt of 
the plane and 
increase of the 
eccentricity

• stochastic behavior 
when 
M(BH)<M(clump)

• broadening of the 
inspiral time scale to 
form a Keplerian 
binary -10-50 Myrs
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• very massive large scale gas disc simulating disc galaxies @ high z with 
M(disc)=10 billion suns and gas fraction of 0.5: phase of violent disc 
instability

• including black hole accretion and AGN feedback the delay and off-
plane scattering can be even more significant8 Tamburello et al.
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Figure 5. Surface density maps, face-on and edge-on, for the control model (top panels) at 42 Myr and the clumpy model (bottom
panels) at 345 Myr, with BH accretion, feedback, zero eccentricity and α = 10. Times are chosen to show the maximum separation of
the secondary BH from the midplane in the first 400 Myr. In the control model, the secondary BH is always close to the midplane (the
maximum distance in z-axis is much lower than ∼ 500 pc), because the clumps are small, disappear in the first ∼ 100 Myr and do not
affect BH dynamics. In the clumpy model, the secondary BH can exceed 1 kpc from the midplane and reach hotter and less dense regions
due to clump interactions.

that the mass accretion rates for the central BH are gener-
ally lower than in our case: indeed in their simulations the
BH accretion rate is generally 10−5 M" yr−1, whereas we
find ∼ 10−1 M" yr−1 in the control case and ∼ 1 M" yr−1 in
the clumpy case. The substantial difference is that they have
peaks that reach the Eddington rate, whereas we do not. We
can compare our control and clumpy runs with standard BH
accretion and feedback to their models M16f10 and M4f50,
respectively. This behaviour has likely two reasons: first of
all, in Gabor & Bournaud (2013), the aim was studying the
BH growth in a clumpy medium, so they have only one cen-
tral BH, into which all the produced clumps can accrete,
while we have also the second BH that perturbs the medium
and can accrete clumps as well. The massive perturber is
very important in the control case, where gravity is not dom-
inant like in the clumpy case, and indeed our galaxy has spi-
ral arms also in the central part and a higher inflow, whereas
the model M16f10 of Gabor & Bournaud (2013) does not:
the gas density map is quite smooth (see their Figure 1,
bottom-left panel), except for some clumps in the outer

part, maybe due a different relaxation phase of the disc or
to the short simulation time. Moreover, Gabor & Bournaud
(2013) have BHs ten time less massive than in our mod-
els (and therefore a lower Eddington mass accretion rate),
which could explain the observed peaks at Eddington rates
in their mass accretion rates.

3.3 Limits of the isolated simulations; the

“asymptotic” decay time-scale

In our initial conditions, the disc scale height is 0.05Rd,
where Rd ∼ 2 kpc. During the simulations, the vertical disc
extent remains below 1 kpc, even during the vigorous frag-
mentation phase of the clumpy disc model (see Figure 5,
edge-on views). This implies that, when the secondary BH
is ejected out of the disc plane, the drag by dynamical fric-
tion drops dramatically, and the orbital decay is correspond-
ingly suppressed. As a result, a close BH pair never forms
in most of the clumpy-disc runs. However, by construction
our galaxy models lack an extended dense spheroidal com-

MNRAS 000, 1–?? (0000)
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Figure 5. Surface density maps, face-on and edge-on, for the control model (top panels) at 42 Myr and the clumpy model (bottom
panels) at 345 Myr, with BH accretion, feedback, zero eccentricity and α = 10. Times are chosen to show the maximum separation of
the secondary BH from the midplane in the first 400 Myr. In the control model, the secondary BH is always close to the midplane (the
maximum distance in z-axis is much lower than ∼ 500 pc), because the clumps are small, disappear in the first ∼ 100 Myr and do not
affect BH dynamics. In the clumpy model, the secondary BH can exceed 1 kpc from the midplane and reach hotter and less dense regions
due to clump interactions.

that the mass accretion rates for the central BH are gener-
ally lower than in our case: indeed in their simulations the
BH accretion rate is generally 10−5 M" yr−1, whereas we
find ∼ 10−1 M" yr−1 in the control case and ∼ 1 M" yr−1 in
the clumpy case. The substantial difference is that they have
peaks that reach the Eddington rate, whereas we do not. We
can compare our control and clumpy runs with standard BH
accretion and feedback to their models M16f10 and M4f50,
respectively. This behaviour has likely two reasons: first of
all, in Gabor & Bournaud (2013), the aim was studying the
BH growth in a clumpy medium, so they have only one cen-
tral BH, into which all the produced clumps can accrete,
while we have also the second BH that perturbs the medium
and can accrete clumps as well. The massive perturber is
very important in the control case, where gravity is not dom-
inant like in the clumpy case, and indeed our galaxy has spi-
ral arms also in the central part and a higher inflow, whereas
the model M16f10 of Gabor & Bournaud (2013) does not:
the gas density map is quite smooth (see their Figure 1,
bottom-left panel), except for some clumps in the outer

part, maybe due a different relaxation phase of the disc or
to the short simulation time. Moreover, Gabor & Bournaud
(2013) have BHs ten time less massive than in our mod-
els (and therefore a lower Eddington mass accretion rate),
which could explain the observed peaks at Eddington rates
in their mass accretion rates.

3.3 Limits of the isolated simulations; the

“asymptotic” decay time-scale

In our initial conditions, the disc scale height is 0.05Rd,
where Rd ∼ 2 kpc. During the simulations, the vertical disc
extent remains below 1 kpc, even during the vigorous frag-
mentation phase of the clumpy disc model (see Figure 5,
edge-on views). This implies that, when the secondary BH
is ejected out of the disc plane, the drag by dynamical fric-
tion drops dramatically, and the orbital decay is correspond-
ingly suppressed. As a result, a close BH pair never forms
in most of the clumpy-disc runs. However, by construction
our galaxy models lack an extended dense spheroidal com-

MNRAS 000, 1–?? (0000)
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• extreme show case: disc angular momenta anti-parallel to the orbital angular 
momentum

• shocks become sites of intense star formation and stellar feedback alters the 
thermal and dynamical state of the gas

• only few clumps form with mass comparable to the black hole mass, so the orbit is 
perturbed but not as stochastic as in the previous models (due to the geometry of 
the collision that confines star formation along the oblique shock)

• black hole dynamics not strongly affected by the recipe of feedback MBH dynamics: binary formation 5

Figure 3. Face–on gas density map for run ‘ThFBl’ at time
t = 2.1 Myr (i.e., when the star formation rate is maximum,

see Fig. 2). The gas shocked after the first disc collision frag-

ments into a large number of small clumps which very rapidly
convert gas into new stellar mass. The black dots correspond to

the positions of the two MBHs.

clump distance when the transient binary system forms is
⇠ 10 � 20 pc, which is always resolved with a number of
cells ⇠> 10, thanks to the refinement prescription described
in Lupi, Haardt & Dotti (2015), allowing us to accurately
resolve the BH–clump close interaction.

In the case of run ‘ThFBh’, because of the relatively
higher density threshold for SF, a slightly larger number of
more massive clumps forms, resulting in the more disturbed
orbits (and faster decay) seen in Fig. 1.

We have then compared the above analysis regarding
the MBH dynamics with runs employing the aforementioned
blast wave–like feedback from SNe (BWFB–like runs). As
discussed before, this feedback implementation aims at de-
scribing non–thermal processes in the aftermath of SNa ex-
plosions. We find that the dynamical evolution of the MBHs
is largely independent upon the details of the SNa feed-
back employed, making MBH dynamics results fairly robust
against the di↵erent implementations of sub–grid physics.

3.2 Gas dynamics

We discuss here the dynamics of the gas during the merger
event. We focus on the case with the low–density threshold
for SF (run ‘ThFBl’), keeping in mind that the higher den-
sity case produces a qualitatively and quantitatively similar
outcome.

Fig. 6 shows the gas distribution around the MBHB af-
ter t = 11 Myr. On large scale (left–hand panel), the relic
disc resulting from the collision of the progenitor discs is al-
most totally disrupted because of SNa feedback. This resid-
ual structure is counter–rotating relative to the MBHB or-
bit. On scales of the order of few pc (right–hand panel), the
gas which has not been converted into stellar particles set-
tles in a circumbinary disc, with a total mass of few 105 M�.
The small disc corotates with the MBHB thanks to the drag-
ging of gas by the MBHs during their inspiral towards the
centre. Note that this implies that the angular momentum

Figure 4. Total mass in clumps for run ‘ThFBl’. The red dia-
monds correspond to the times at which we computed the clump

mass distribution shown in Fig. 5.

of the residual gas changed sign during the evolution of the
system.

We report in Fig. 7 the evolution of the modulus of
MBH orbital angular momentum and compared it to the
modulus of the total angular momentum of the gas which
is the closest to the MBHs in the simulation, defined as
the gas within a sphere of radius equal to 0.5 times the
MBH separation. We observe that at the beginning of the
simulation the angular momentum of the gas is larger than
that of the MBHs, and we remind that the gas is counter–
rotating. After ⇠> 4 Myr, the angular momentum associated
with the MBH orbit exceeds that of the gas and in principle
there are the conditions for a change in the sign of the gas
angular momentum, being dragged by the MBHs. The gas
angular momentum actually changes sign after ⇠ 9 Myr,
when the MBH separation is ⇠ 45 pc. At this evolutionary
stage, a large fraction (⇠> 90%) of the initial gas mass is
already converted in stellar particles. After ' 10 Myr, when
SNe start to explode, the released energy is radiated away
by the small amount of residual gas, which is however unable
to form further stellar mass at a comparable rate. In other
words, star formation is not halted by SNa feedback, rather
by gas consumption.

Concerning the impact of blast wave feedback (BWFB–
type runs), as expected it does not alter the gas dynamics
for a time ⇠ �tSN (at that point the two MBHs have already
reached the centre of the system). After that time, the al-
most simultaneous SNa events release a fairly large amount
of energy which heats the gas up but is not radiated away.
The net result is that the remaining gas is pushed at very
large distances from the MBHB (up to ⇠ 500 pc) by the
increased pressure. The MBHB lives then in a very low–
density environment, and no circumbinary disc is formed on
any scale.

3.3 Prompt SNa explosions

Both the MBH and gas dynamics are una↵ected by feedback
for the first 10 Myr as this is the assumed lifetime of massive
stars (and hence for the onset of SNa feedback). To test
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Figure 1. MBH dynamical evolution for runs ‘ThFBl’ (solid black lines) and ‘ThFBh’ (dashed red lines). Left–hand panel: projected
orbital evolution. Right–hand panel: MBH separation versus time. The blue dots correspond to the time of binary formation.

Figure 2. Star formation in run ‘ThFBl’. Left–hand panel: total stellar mass (solid red line) in units of the initial disc mass Md, and

the residual gas mass in units of Md (dashed blue line) as a function of time. Right–hand panel: star formation rate versus time.

how our results depend upon such choice, we cosnider the
extreme case of �tSN = 0 Myr, i.e, massive stars explode as
soon as they form.

We find that, as long as the SNa feedback is governed
by thermal processes, only small di↵erences in the MBH
dynamics exist compared to the standard delay case pre-
viously discussed. This similarity occurs because the SNa
energy is mostly released in high–density clumps, where gas
cools down very rapidly, and the clumps can survive the ex-
plosion. As a consequence, star formation can proceed until
almost all clump gas is consumed.

Large di↵erences occur instead if, along the �tSN = 0
assumption, we employ the blast wave recipe for SNa feed-
back. In Fig. 9 we compare the projected MBH orbits (left–
hand panel) and the MBH separation versus time (right–
hand panel) for runs BWFBh prompt and ThFBh prompt.
In the case of blast wave like feedback, the orbital decay is
slower, with a typical binary formation time–scale of ⇠> 13
Myr. The di↵erence is due to the early SNa explosions that,
coupled with the blast wave–like feedback, tend to disrupt

the gas clumps and to deplete the gas reservoir progressively
forming around the MBHs. As a consequence, the two MBHs
evolve in a lower density, smoother environment, where low–
mass clumps are typically unable to induce strong orbital
perturbations. The net result is a less disturbed orbital de-
cay (Fig. 9, left–hand panel).

We therefore conclude that in the case of prompt SNa
explosions, contrary to the standard delay case, the dynam-
ical evolution of the MBHs is strongly a↵ected by the feed-
back mechanism employed. The SF density threshold in-
stead does not result in relevant di↵erences anyway.

While MBH dynamics is basically una↵ected by the
value of �tSN in the case of thermal SNa feedback, substan-
tial di↵erences occur in the dynamics of the gas component.
Along with a small–scale corotating circumbinary disc, we
do observe a further, much larger disc/ring–like structure
on ⇠ 100 pc scale (see Fig 10). Indeed, feedback from SNe
does not occur suddenly after 10 Myr but it is instead di-
luted in time, so that the (rapidly cooling) gas has time to
readjust in a disc–like structure. Though several other possi-
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• thermal feed back with delayed SN explosions leaves a inner disc and no 
main disc structures around

• thermal feedback with prompt SN explosions leaves an outer  counter-
rotating ring + an inner co-rotating ring

MBH dynamics: binary formation 7

Figure 5. Mass distribution of clumps in run ‘ThFBl’. Left–hand panel: mass distribution at two selected times when the number of

clumps is relatively small. Right–hand panel: same as left–hand panel, but at two times when the number of clumps is larger. The four
selected times are marked as red dots in Fig. 4.

Figure 6. Face–on gas density maps for run ‘ThFBl’ around the MBHB at the end of the simulation (t ⇠ 11 Myr). Left–hand panel:

on large scales the disc is almost totally disrupted because of SNa explosions. Right–hand panel: zoom in of the nuclear region where an

inner corotating gas disc forms.

ble explanations exist (e.g., secular evolution of the Galactic
disc), it is tempting to associate such structure to the central
molecular zone of the Milky Way (Jones et al. 2011). It is
interesting to note that the larger scale disc keeps memory
of the initial angular momentum, and it is then counter–
rotating with respect to the small inner circumbinary disc
which is, as discussed above, dragged by the MBHB.

The case of blast wave–like feedback is still di↵erent. We
do not observe a disc–like structure, rather we find a mas-
sive triaxial gas distribution surrounding the MBHB with
density of few 105 cm�3 (see Fig. 11). This di↵erence is pro-
duced by the di↵erent nature of the SNa feedback, which
is in this case able to heat the gas and provide a pressure
support large enough to prevent gas contraction.

Because of the large fraction of gas available (due to
the SNa feedback which reduces the net star formation by
destroying gas clumps, as discussed above) the gas will con-
tinue to cool down, resulting in alternated phases of star for-
mation (due to gas cooling and contraction) and re–heating
(due to SNa feedback). We observe a large number of dense
gas streams flowing from low–density regions towards the
centre where the MBHB resides. This large inflow will re-
sult in a burst of star formation in the nucleus and in a
following phase of SN explosions. The energy provided by
SNe will then reheat the gas, stopping the contraction and
eventually expand the entire gas structure into a less dense
state. These alternated phases, if occurring for enough time,
could convert a large fraction of gas into new stellar mass,
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Figure 10. Same as Fig. 6 but for run ‘ThFBh prompt’ at time t ⇠ 10 Myr. Left–hand panel: gas settles in a disc/ring like structure

which is counter–rotating relative to the MBHs. Right–hand panel: zoom in of the region where an inner corotating gas disc forms around
the MBHB visible on the east side of the left–hand panel.

Figure 11. Gas density maps for run ‘BWFBh prompt’ around the MBHB at the end of the simulation (t ⇠ 20 Myr). The gas settles in

a triaxial structure with a denser central core. The core mass is ⇠ 107 M� within a radius ⇠ 25 pc. The upper panel shows the face–on

view, while the two bottom panels show the edge–on views of the triaxial gas configuration.

confines star formation along the oblique shock forming at
the time of impact of the two discs, and to the fact that in
our case the mass distribution of the clumps evolves as gas
is turned into stellar mass which spread due to dynamical
relaxation. Our simulated MBHs do not leave the orbital
plane due to clump–induced kick, contrary to what seen in
Roškar et al. (2015), as our simulation is strictly coplanar.
We expect that an inclined encounter would lead to a change
in the orbital plane also in our case, and this will be explored
in future. During the pairing phase, the MBH dynamics is

mostly a↵ected by the presence of clumps and not by the
recipe used to model the feedback processes.

We note that, on the contrary, the gas distribution
around the MBHs is significantly a↵ected by feedback. Ther-
mal feedback leaves no large–scale disc around the MBHB.
Yet a residual corotating circumbinary disc of mass much
smaller than the MBH mass forms around the two black
holes which we expect will control the further spiral-in via
migration–like mechanisms.

Blast wave feedback is a way to model the expansion
of SNa–driven bubbles. With the code it is then possible to
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• blast wave feed back, modeling the expansion of supernova driven 
bubbles, leave the black holes  in the midst of a triaxial gas distribution with 
a denser central core

• need of  recipes“calibrated”- matching observations with simulations

• caution - not faithful modeling of the feedback implies unphysical results
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Figure 10. Same as Fig. 6 but for run ‘ThFBh prompt’ at time t ⇠ 10 Myr. Left–hand panel: gas settles in a disc/ring like structure

which is counter–rotating relative to the MBHs. Right–hand panel: zoom in of the region where an inner corotating gas disc forms around
the MBHB visible on the east side of the left–hand panel.

Figure 11. Gas density maps for run ‘BWFBh prompt’ around the MBHB at the end of the simulation (t ⇠ 20 Myr). The gas settles in

a triaxial structure with a denser central core. The core mass is ⇠ 107 M� within a radius ⇠ 25 pc. The upper panel shows the face–on

view, while the two bottom panels show the edge–on views of the triaxial gas configuration.

confines star formation along the oblique shock forming at
the time of impact of the two discs, and to the fact that in
our case the mass distribution of the clumps evolves as gas
is turned into stellar mass which spread due to dynamical
relaxation. Our simulated MBHs do not leave the orbital
plane due to clump–induced kick, contrary to what seen in
Roškar et al. (2015), as our simulation is strictly coplanar.
We expect that an inclined encounter would lead to a change
in the orbital plane also in our case, and this will be explored
in future. During the pairing phase, the MBH dynamics is

mostly a↵ected by the presence of clumps and not by the
recipe used to model the feedback processes.

We note that, on the contrary, the gas distribution
around the MBHs is significantly a↵ected by feedback. Ther-
mal feedback leaves no large–scale disc around the MBHB.
Yet a residual corotating circumbinary disc of mass much
smaller than the MBH mass forms around the two black
holes which we expect will control the further spiral-in via
migration–like mechanisms.

Blast wave feedback is a way to model the expansion
of SNa–driven bubbles. With the code it is then possible to
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•focus now on a binary surrounded by a circum-binary 
disc
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• Tidal torques from the binary drive gas 
outward clearing a hollow cavity. Viscous 
torques in the circum-binary disc allow gas 
to flow inward and refill the cavity

• Balance of tidal and viscous torques 
determine the location of the inner edge of 
the circum-binary disc

• Cavity has a size “twice the orbital 
separation”

• Gas enters the cavity through streams which 
feeds persistent mini-discs

A&A 545, A127 (2012)

both the time series and their associated power spectra. We cut
the spatial domain into the following radial annuli:

(i) 0 a < r < 10 a: the entire domain;
(ii) 0 a < r < 1 a: the “binary region”;
(iii) 1 a < r < 1.8a: the “cavity region”;
(iv) 1.8a < r < 2.5a: the “rim region”;
(v) 2.5a < r < 10 a: the “disc region”.

The associated time series and power spectra are shown respec-
tively in the left and right panels of Fig. 7.

In all the simulations, the overall torque (i), shows a clear
periodic oscillation, much larger in amplitude than its average
value. The power spectrum unveils several distinctive peaks,
with relative amplitudes that can vary significantly for different
simulations. In particular, peaks in the iso simulations are much
sharper and better defined. This is because in the adia simula-
tions the BHB shrinks significantly, resulting in a broadening of
the characteristic frequencies. Moreover, as we shall see in the
next section, the disc sub-structures are much better defined in
the iso runs, giving rise to neater features.

In the binary region (ii) the torque is mostly coherent and
positive. Because the torque strength in (ii) is regulated by the
mass inflow, it shows periodicities that are related to the accre-
tion flow: a disc component around f ≈ 0.25P−1

0 (correspond-
ing to the disc peak density at r ≈ 2.5a), the forcing frequency
of the binary at f = P−1

0 , and the beat between these two at
f ≈ 0.75P−1

0 (see Sect. 5 and Roedig et al. 2011, Sect. 5.1). In the
cavity region (iii) the torque is negative on average but strongly
oscillating. Several periodicities are detectable, the most strik-
ing being a peak at f ≈ P−1

0 which appears again to be directly
related to the binary period. In the rim region (iv) the torque is
highly oscillating, and the strongest feature is a sharp peak at
f ≈ 1.3P−1

0 , whereas in the disc region (v) the only significant
spectral component is at f ≈ 1.7P−1

0 . As a general trend, moving
from the inner region to the disc body, torques become incoher-
ent (i.e. they average to zero) and strongly oscillating (compare
the power spectra scales in the different panels of each plot).

4.3. Interpretation: torque origin and location in the disc

In this Section, we provide a global interpretation of the fea-
tures observed both in the radial distribution of the time aver-
aged torques and in their temporal evolution. The arguments dis-
cussed below are supported by Figs. 8–10 and by Table 2.

4.3.1. Origin of the positive and negative peaks

It seems natural to compare the torque radial profiles obtained by
our simulations with linear perturbation theory, in which torque
minima and maxima are connected to outer Lindblad resonances
(OLRs). It is in fact tempting to associate the torque minimum
at r ≈ 1.6a with the 2:1 OLR. We should however be careful
in pushing this interpretation too far, since, as already pointed
out by MM08 and S11, the assumptions of linear theory are not
satisfied in this context. Most importantly, looking at the upper
panels of Figs. 8 and 9, we notice that the region r < 2a is
almost devoid of gas, and the streams are almost radial. Mass
fluxes reported in Table 2 clearly show that, at any radius, there
are always fluxes of ingoing and outgoing mass, resulting in a
steady net inward flux consistent with the accretion rate onto the
two BHs. A strict OLR interpretation of the torque minimum at
r ≈ 1.6a would instead require particles in circular orbit at that
radius, experiencing a secular effect due to the phase-coherent
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Fig. 8. Top panel: typical instantaneous logarithmic surface mass den-
sity of the iso05 simulation. Bottom row: combined surface torque den-
sity exerted by the disc onto the binary (left panel), onto the primary
BH (central panel) and onto the secondary BH (right panel). All plots
are in code units: G = M0 = a0 = 1.

periodic forcing of the binary; this is not what happens within
the cavity region. The strongest 2:1 OLR is certainly respon-
sible for the evacuation of the gas close to the binary and for
the formation and maintenance of a cavity, however cannot be
directly responsible for the coherent torque seen in the cavity re-
gion. This is also supported by the fact that MM08 and S11 find a
minimum at the same location (r ≈ 1.6−1.7a) for an equal mass
binary, where the 2:1 resonance is absent (because of the sym-
metry of the forcing potential), and the location of the strongest
OLR (3:2) would be at r ≈ 1.3a. The strong negative torque
in the cavity region has a purely kinetic origin: material ripped
off the disc edge forms well defined streams following the two
BHs, which are clearly distinguishable in both the surface den-
sity plots shown in Figs. 8 and 9. The streams are responsible
for the yellow tails following the two BHs at ∼1.5a in the torque
density panels, which lead to a net negative torque. Conversely,
at r >∼ 2a, we have a well defined, almost circular disc, and the
torque density peaks at r ≈ 2a and r ≈ 2.5a can be identified
with the loci of the strong 3:1 and 4:1 OLRs (Artymowicz &
Lubow 1994).

Our simulations also allow us to investigate the torques
within the binary corotation radius at r < a, a region often
excised in grid-based simulations (see MM08 and S11). Here
we find strong positive torques on both BHs. This is because
the infalling material approaches the BHs at super-Keplerian ve-
locities, and bends in a horseshoe fashion, exerting a net pos-
itive torque in front of them. In fact, the maximum positive
torque basically coincides with the location of the two BHs
(sharp peak at r ≈ 0.75a for the secondary and a broader peak
around r ≈ 0.3a for the primary, see Fig. 6). The very same
effect, in the context of planetary migration, was discussed by
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both the time series and their associated power spectra. We cut
the spatial domain into the following radial annuli:

(i) 0 a < r < 10 a: the entire domain;
(ii) 0 a < r < 1 a: the “binary region”;
(iii) 1 a < r < 1.8a: the “cavity region”;
(iv) 1.8a < r < 2.5a: the “rim region”;
(v) 2.5a < r < 10 a: the “disc region”.

The associated time series and power spectra are shown respec-
tively in the left and right panels of Fig. 7.

In all the simulations, the overall torque (i), shows a clear
periodic oscillation, much larger in amplitude than its average
value. The power spectrum unveils several distinctive peaks,
with relative amplitudes that can vary significantly for different
simulations. In particular, peaks in the iso simulations are much
sharper and better defined. This is because in the adia simula-
tions the BHB shrinks significantly, resulting in a broadening of
the characteristic frequencies. Moreover, as we shall see in the
next section, the disc sub-structures are much better defined in
the iso runs, giving rise to neater features.

In the binary region (ii) the torque is mostly coherent and
positive. Because the torque strength in (ii) is regulated by the
mass inflow, it shows periodicities that are related to the accre-
tion flow: a disc component around f ≈ 0.25P−1

0 (correspond-
ing to the disc peak density at r ≈ 2.5a), the forcing frequency
of the binary at f = P−1

0 , and the beat between these two at
f ≈ 0.75P−1

0 (see Sect. 5 and Roedig et al. 2011, Sect. 5.1). In the
cavity region (iii) the torque is negative on average but strongly
oscillating. Several periodicities are detectable, the most strik-
ing being a peak at f ≈ P−1

0 which appears again to be directly
related to the binary period. In the rim region (iv) the torque is
highly oscillating, and the strongest feature is a sharp peak at
f ≈ 1.3P−1

0 , whereas in the disc region (v) the only significant
spectral component is at f ≈ 1.7P−1

0 . As a general trend, moving
from the inner region to the disc body, torques become incoher-
ent (i.e. they average to zero) and strongly oscillating (compare
the power spectra scales in the different panels of each plot).

4.3. Interpretation: torque origin and location in the disc

In this Section, we provide a global interpretation of the fea-
tures observed both in the radial distribution of the time aver-
aged torques and in their temporal evolution. The arguments dis-
cussed below are supported by Figs. 8–10 and by Table 2.

4.3.1. Origin of the positive and negative peaks

It seems natural to compare the torque radial profiles obtained by
our simulations with linear perturbation theory, in which torque
minima and maxima are connected to outer Lindblad resonances
(OLRs). It is in fact tempting to associate the torque minimum
at r ≈ 1.6a with the 2:1 OLR. We should however be careful
in pushing this interpretation too far, since, as already pointed
out by MM08 and S11, the assumptions of linear theory are not
satisfied in this context. Most importantly, looking at the upper
panels of Figs. 8 and 9, we notice that the region r < 2a is
almost devoid of gas, and the streams are almost radial. Mass
fluxes reported in Table 2 clearly show that, at any radius, there
are always fluxes of ingoing and outgoing mass, resulting in a
steady net inward flux consistent with the accretion rate onto the
two BHs. A strict OLR interpretation of the torque minimum at
r ≈ 1.6a would instead require particles in circular orbit at that
radius, experiencing a secular effect due to the phase-coherent
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Fig. 8. Top panel: typical instantaneous logarithmic surface mass den-
sity of the iso05 simulation. Bottom row: combined surface torque den-
sity exerted by the disc onto the binary (left panel), onto the primary
BH (central panel) and onto the secondary BH (right panel). All plots
are in code units: G = M0 = a0 = 1.

periodic forcing of the binary; this is not what happens within
the cavity region. The strongest 2:1 OLR is certainly respon-
sible for the evacuation of the gas close to the binary and for
the formation and maintenance of a cavity, however cannot be
directly responsible for the coherent torque seen in the cavity re-
gion. This is also supported by the fact that MM08 and S11 find a
minimum at the same location (r ≈ 1.6−1.7a) for an equal mass
binary, where the 2:1 resonance is absent (because of the sym-
metry of the forcing potential), and the location of the strongest
OLR (3:2) would be at r ≈ 1.3a. The strong negative torque
in the cavity region has a purely kinetic origin: material ripped
off the disc edge forms well defined streams following the two
BHs, which are clearly distinguishable in both the surface den-
sity plots shown in Figs. 8 and 9. The streams are responsible
for the yellow tails following the two BHs at ∼1.5a in the torque
density panels, which lead to a net negative torque. Conversely,
at r >∼ 2a, we have a well defined, almost circular disc, and the
torque density peaks at r ≈ 2a and r ≈ 2.5a can be identified
with the loci of the strong 3:1 and 4:1 OLRs (Artymowicz &
Lubow 1994).

Our simulations also allow us to investigate the torques
within the binary corotation radius at r < a, a region often
excised in grid-based simulations (see MM08 and S11). Here
we find strong positive torques on both BHs. This is because
the infalling material approaches the BHs at super-Keplerian ve-
locities, and bends in a horseshoe fashion, exerting a net pos-
itive torque in front of them. In fact, the maximum positive
torque basically coincides with the location of the two BHs
(sharp peak at r ≈ 0.75a for the secondary and a broader peak
around r ≈ 0.3a for the primary, see Fig. 6). The very same
effect, in the context of planetary migration, was discussed by
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• constraining the accretion 
rate for AGN samples

• Dotti+2015 find that any 
binary formed at z~2 can 
coalesce within current 
timee
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both the time series and their associated power spectra. We cut
the spatial domain into the following radial annuli:

(i) 0 a < r < 10 a: the entire domain;
(ii) 0 a < r < 1 a: the “binary region”;
(iii) 1 a < r < 1.8a: the “cavity region”;
(iv) 1.8a < r < 2.5a: the “rim region”;
(v) 2.5a < r < 10 a: the “disc region”.

The associated time series and power spectra are shown respec-
tively in the left and right panels of Fig. 7.

In all the simulations, the overall torque (i), shows a clear
periodic oscillation, much larger in amplitude than its average
value. The power spectrum unveils several distinctive peaks,
with relative amplitudes that can vary significantly for different
simulations. In particular, peaks in the iso simulations are much
sharper and better defined. This is because in the adia simula-
tions the BHB shrinks significantly, resulting in a broadening of
the characteristic frequencies. Moreover, as we shall see in the
next section, the disc sub-structures are much better defined in
the iso runs, giving rise to neater features.

In the binary region (ii) the torque is mostly coherent and
positive. Because the torque strength in (ii) is regulated by the
mass inflow, it shows periodicities that are related to the accre-
tion flow: a disc component around f ≈ 0.25P−1

0 (correspond-
ing to the disc peak density at r ≈ 2.5a), the forcing frequency
of the binary at f = P−1

0 , and the beat between these two at
f ≈ 0.75P−1

0 (see Sect. 5 and Roedig et al. 2011, Sect. 5.1). In the
cavity region (iii) the torque is negative on average but strongly
oscillating. Several periodicities are detectable, the most strik-
ing being a peak at f ≈ P−1

0 which appears again to be directly
related to the binary period. In the rim region (iv) the torque is
highly oscillating, and the strongest feature is a sharp peak at
f ≈ 1.3P−1

0 , whereas in the disc region (v) the only significant
spectral component is at f ≈ 1.7P−1

0 . As a general trend, moving
from the inner region to the disc body, torques become incoher-
ent (i.e. they average to zero) and strongly oscillating (compare
the power spectra scales in the different panels of each plot).

4.3. Interpretation: torque origin and location in the disc

In this Section, we provide a global interpretation of the fea-
tures observed both in the radial distribution of the time aver-
aged torques and in their temporal evolution. The arguments dis-
cussed below are supported by Figs. 8–10 and by Table 2.

4.3.1. Origin of the positive and negative peaks

It seems natural to compare the torque radial profiles obtained by
our simulations with linear perturbation theory, in which torque
minima and maxima are connected to outer Lindblad resonances
(OLRs). It is in fact tempting to associate the torque minimum
at r ≈ 1.6a with the 2:1 OLR. We should however be careful
in pushing this interpretation too far, since, as already pointed
out by MM08 and S11, the assumptions of linear theory are not
satisfied in this context. Most importantly, looking at the upper
panels of Figs. 8 and 9, we notice that the region r < 2a is
almost devoid of gas, and the streams are almost radial. Mass
fluxes reported in Table 2 clearly show that, at any radius, there
are always fluxes of ingoing and outgoing mass, resulting in a
steady net inward flux consistent with the accretion rate onto the
two BHs. A strict OLR interpretation of the torque minimum at
r ≈ 1.6a would instead require particles in circular orbit at that
radius, experiencing a secular effect due to the phase-coherent
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Fig. 8. Top panel: typical instantaneous logarithmic surface mass den-
sity of the iso05 simulation. Bottom row: combined surface torque den-
sity exerted by the disc onto the binary (left panel), onto the primary
BH (central panel) and onto the secondary BH (right panel). All plots
are in code units: G = M0 = a0 = 1.

periodic forcing of the binary; this is not what happens within
the cavity region. The strongest 2:1 OLR is certainly respon-
sible for the evacuation of the gas close to the binary and for
the formation and maintenance of a cavity, however cannot be
directly responsible for the coherent torque seen in the cavity re-
gion. This is also supported by the fact that MM08 and S11 find a
minimum at the same location (r ≈ 1.6−1.7a) for an equal mass
binary, where the 2:1 resonance is absent (because of the sym-
metry of the forcing potential), and the location of the strongest
OLR (3:2) would be at r ≈ 1.3a. The strong negative torque
in the cavity region has a purely kinetic origin: material ripped
off the disc edge forms well defined streams following the two
BHs, which are clearly distinguishable in both the surface den-
sity plots shown in Figs. 8 and 9. The streams are responsible
for the yellow tails following the two BHs at ∼1.5a in the torque
density panels, which lead to a net negative torque. Conversely,
at r >∼ 2a, we have a well defined, almost circular disc, and the
torque density peaks at r ≈ 2a and r ≈ 2.5a can be identified
with the loci of the strong 3:1 and 4:1 OLRs (Artymowicz &
Lubow 1994).

Our simulations also allow us to investigate the torques
within the binary corotation radius at r < a, a region often
excised in grid-based simulations (see MM08 and S11). Here
we find strong positive torques on both BHs. This is because
the infalling material approaches the BHs at super-Keplerian ve-
locities, and bends in a horseshoe fashion, exerting a net pos-
itive torque in front of them. In fact, the maximum positive
torque basically coincides with the location of the two BHs
(sharp peak at r ≈ 0.75a for the secondary and a broader peak
around r ≈ 0.3a for the primary, see Fig. 6). The very same
effect, in the context of planetary migration, was discussed by
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Stars interacting with the BHB remove energy and angu-
lar momentum from the binary, getting ejected from the
loss cone. The binary evolution timescale is hence related to
the rate at which new stars are fed into the loss cone (e.g.
Makino & Funato 2004). Physical mechanisms able to ef-
ficiently refuel the loss cone are required in order for the
binary to coalesce in less that an Hubble time. Possible
mechanisms that have been proposed so far are: the pres-
ence of massive perturbers (such as giant molecular clouds
Perets & Alexander 2008), deviations from central symme-
try (e.g. Khan, Just & Merritt 2011; Preto et al. 2011; Gua-
landris & Merritt 2011, but see also Vasiliev, Antonini &
Merritt 2014) and gravitational potential evolving with time
(e.g. Vasiliev, Antonini & Merritt 2014).

Similarly, the effect of the interaction between BHBs
and nuclear gas has been explored analytically as well as
numerically (see Dotti, Sesana & Decarli 2012, for an up to
date review). While the full details of the gas/binary inter-
action are still under debate, mainly due to the complexity
of the system, a clear issue remains to be addressed. Sim-
ilarly to the stellar-driven case, the migration timescale of
the BHB primarily depends on how much gas is able to spi-
ral toward the MBHs and interact with them, instead of,
e.g. turn into stars (e.g. Lodato et al. 2009). This problem
is remarkably similar to the fueling problem of Active Galac-
tic Nuclei (AGN), i.e. how gas manages to lose most of its
angular momentum in order to sustain the observed nuclear
activity.

Differently from the stellar driven case, however, ob-
servational studies of the AGN population allow to con-
strain the properties of the gas flowing onto a MBH
(in particular its mass accretion rate). Decades of multi-
wavelength surveys of accreting MBHs have provided a
relatively robust picture of the AGN luminosity func-
tion evolution (see e.g. Hasinger, Miyaji & Schmidt 2005;
Hopkins, Richards & Herquist 2007; Buchner et al. 2015).
Coupling such evolution with the observationally deter-
mined MBH mass function via a continuity equation
(Cavaliere, Morrison & Wood 1971; Small & Blandford
1992) allows to further infer the evolution of the nuclear
inflow rates as a function of MBH mass and redshift (e.g.
Merloni & Heinz 2008, Shankar et al. 2013).

In this work we will assume that the fueling of BHBs
is consistent with that of single MBHs in the same mass
and redshift interval. In this way we can estimate the in-
cremental reservoir of angular momentum that a BHB can
interact with during its cosmic evolution, constraining the
binary fate, at least in a statistical fashion, directly from
observations.

2 MODEL

2.1 Gas driven BHB dynamics

To get an order of magnitude estimate of the binary co-
alescence timescale we propose a very simple zeroth-order
model for the interaction between a BHB and a circum-
binary accretion disc. We assume that the BHB is sur-
rounded by an axisymmetric, geometrically thin accretion
disc co-rotating with the BHB. Under this assumption, the
gas inflow is expected to be halted by the binary, whose grav-
itational torque acts as a dam, at a separation rgap ≈ 2a

(e.g. Artymowicz & Lubow 1994), where a is the binary
semi-major axis. At this radius the gravitational torque be-
tween the binary and the disc is perfectly balanced by the
torques that determine the large scale (r " a) radial gas in-
flow. Then, we can write the variation of the binary orbital
angular momentum magnitude (LBHB) as:

dLBHB = −dLgas = −ṁ dt
√

GM rgap (2)

where M is the total binary mass, and ṁ is the accretion
rate within the disc. Considering the definition of LBHB =
µ
√
GMa, where µ is the binary reduced mass, from eq. 2

we derive:

µ

2
√
2

da
a

≈ −ṁdt, (3)

where µ does not evolve in time consistently with the
assumption that the binary interacts with the disc only
through the gravitational torques, that stop the gas inflow
preventing the binary components to accrete.

As a note of caution, we stress that the circum-binary
discs could be, in principle, counter-rotating with respect to
the BHBs they orbit (Nixon, King & Pringle 2011). In this
configuration the gas interacts with the BHB at ≈ a, in-
stead of ∼ 2a (Nixon et al. 2011), and the specific angular
momentum transfer per unit time is uncertain, depending
on how strongly the secondary MBH is able to perturb the
gas inflow. As an example, if all the gas passing through
a bounds to the secondary MBH, the binary angular mo-
mentum diminishes by two times the angular momentum
carried by the gas. In this scenario, the BHB evolves on the
same timescale regardless of the BHB-disc relative orienta-
tion. Moreover, Rödig & Sesana (2014) demonstrated that
BHBs embedded in self-gravitating retrograde discs may sec-
ularly tilt their orbital plane toward a coplanar prograde
equilibrium configuration. For these reasons we will focus
our investigation on the prograde case in the following.

As a first order of magnitude estimate of the coalescence
timescale we can make the simplifying (although quite com-
mon) assumption of an Eddington limited accretion event
and integrate eq. 3. Further assuming a fixed radiative effi-
ciency (ε = 0.075, see section 2.2) we obtain

∆tBHB ∼ ln
(

ai

ac

)

µ ε c2

2
√
2LEdd

∼ 107
q

(1 + q)2
ln
(

ai

ac

)

yr (4)

where ai and ac define the binary separation range where
the MBH-gas interaction drives the binary orbital decay.

Eq. 4 shows that, in order to coalesce, the binary has
to interact with an amount of matter of the order of its
reduced mass, with only a weak dependence on the exact
ratio between the initial and final separation. A conservative
estimate for this ratio can be obtained setting ai equal to
the radius at which the two MBHs bind in a binary

ai ∼ GM/2σ2
! ∼ 0.5

(

M
106M!

)1/2

pc, (5)

where we have assumed the M−σ! relation (Gultekin et al.
2009). The final separation can be conservatively estimated
as ac ∼ 6 × 10−5(M/106M!)

3/4 pc, in order for the BHB
to coalesce due to the emission of gravitational waves in
∼ 104 yr. Under these assumptions ai/ac ∝ M−1/4 and
ln(ai/ac) < 9 for a binary mass > 106M!.
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Figure 1. Average Eddington ratios (left panel) and mass accretion rates (right panel) of MBHs as function of z. Black, red, green
and blue colors refer to MBH masses of 106, 107, 108, and 109 M!, respectively. The shaded areas show the range of values comprised
between the two limiting cases considered for the radiative efficiency (see discussion in the text) corresponding to ε = 0.075 and ε = 0.1.

Figure 2.Minimum redshift zBHB at which two MBHs must bind
in a binary of total mass MBHB in order to coalesce within three
different redshifts zcoal = 0 (black lines), 1 (blue lines) and 2 (red
lines). The upper and lower panels correspond to a mass ratio
q = 0.3 and q = 0.1, respectively. As in figure 1, the shaded areas
correspond to the range of values obtained considering a fixed
radiative efficiency comprised between ε = 0.075 (left curve) and
ε = 0.1 (right curve). Thin dotted lines mark the three values
assumed for zcoal, and are shown to facilitate the reader. The
case represented in the figure is when all the gas inflowing toward
the galaxy nucleus interacts with the secondary MBH.

Figure 3. Same as figure 2 either assuming that all the gas in-
teracts with the secondary MBH (shading with inclined lines) or
that only a fraction of 0.4 of the inflowing gas mass interacts with
M2 (shading with horizontal lines).

placing LEdd with f LEDD in eq. 4. Reducing the fraction of
interacting matter increases the migration timescale, hence
increasing the minimum zBHB required for the BHB to coa-
lesce within a given zcoal as shown in figure 3.

As expected, decreasing f the evolution of every binary
slows down, but the general trends discussed while com-
menting the f = 1 cases remain valid. BHBs with total mass
M ∼ 107 M!at z > 2 are particularly affected, because of
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Fig. 10 Residence time |a/ȧ| of equal-mass black hole binaries, embedded in a steady circum-
binary disc, as a function of the black hole separation (in units of 2Gm•,t/c2), as computed
in (?) for a reference disc model. The top x-axis label refers to the Keplerian relative orbital
velocity of the black holes in the binaries. The four curves correspond to binaries with total
masses of m•,t = 103, 105, 107 and 109 M� as labeled. The large dots denote the critical radius
beyond which the assumed circum-binary Keplerian disc is unstable to fragmentation. Simi-
larly, triangles denote radii beyond which the disc may be susceptible to ionisation instabilities
(the gas temperature falls below 104 K). In each case, blue/red colors indicate whether the
disc mass enclosed within the binarys orbit is larger/smaller than the black hole mass m•,2.
The dotted/dashed/solid portion of each curve indicates the outer/middle/inner disc region.
Note that in the disc-dominated regime (blu segments) the binary residence time is ⇠ 109

yrs, while it decreases below ⇠ 107 yrs for all binaries, i.e. independent of their mass, at the
entrance in the stable region of a circum-binary disc (red dots). Courtesy of ?.

the binary has evolved substantially, orbital decay accelerates or decelerates, returning
the problem to the old, outstanding issue on whether black holes are continuously fed
in galactic nuclei or not, and on which timescale.

Semi-analytical expressions of the migration time have been derived in (?) consid-
ering orbital decay within a Shakura & Sunyaev accretion disc (?). This enabled the

authors to evaluate the disc surface density, opacity, viscosity and ultimately Medge
d

as the binary transits through the outer/middle and inner zones of the disc. Under
these simplifying assumptions (of a steady 1D disc), ? have shown that the sinking
time of the binary is a monotonic decreasing function of the binary orbital period (or
separation). The residence time tres ⇠ |a/ȧ| for equal-mass binaries (which is in this
context close to ⌧ IImig) is plotted in Figure ?? from ? for a disc with ↵ viscosity pa-
rameter equal to 0.3, a radiative e�ciency of 0.1 and an accretion rate equal to 0.1 of
the Eddington value. In the disc-dominated regime when Medge

d > m•,2 the migration
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Figure 2.4: Gravitational wave signals from massive black hole binaries (MBHBs): (a) gravitational wave
energy (upper) and generic waveform (lower) for a massive black hole binary system illustrating the
successive inspiral, plunge, merge, and ringdown phases; (b) two simulated waveforms, illustrating how
the waveforms are highly sensitive to the binary system parameters, including the mass and spin of each
component, as well as the detailed orbit geometry; (c) in the currently favored cosmological model,
galaxies form in a hierarchical fashion, starting from small systems at early times, and then growing
via mergers: each galaxy observed today is a consequence of its merger history extending back to high
redshifts. If black holes formed at early times, they will have followed the merger hierarchy of their host
galaxies. Black hole mergers are therefore expected to be common events.
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Figure 2.5: Gravitational wave signals from ‘extreme mass ratio inspiral’ systems (EMRIs): (a) schematic
of the associated spacetime (Drasco & Hughes, 2006; Amaro-Seoane et al., 2013); (b) segments of generic
waveforms, showing the plus-polarised waves produced by a test mass orbiting a 106MØ black hole spin-
ning at 90 per cent of the maximal rate allowed by general relativity, at a distance D from the observer
(Drasco & Hughes, 2006; Amaro-Seoane et al., 2013). Top panel: slightly eccentric and inclined retro-
grade orbit modestly far from the horizon, in which the amplitude modulation is mostly due to Lense–
Thirring precession of the orbit plane. Bottom panel: highly eccentric and inclined prograde orbit closer
to the horizon, in which the more eccentric orbit produces sharp spikes at each pericentre passage.
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CONCLUSIONS

• the last parsec problem resolved (1 Gyr)

• gas-rich mergers are far more complex to model

• gas-fraction/amount of molecular gas/star formation/
stellar feedback/AGN feedback make black hole 
dynamics far more complex to model

• state of the art numerical simulations are just in their 
infancy - need to explore a wide parameter space

• EM observations of DUAL- sub-pc binary AGN are in their 
infancy

• EM observations of galaxies at high redshift will better 
anchor our modeling of galaxy mergers
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