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Who’s	
  who?

exoplanet was discovered (4, 5). The timing
was a boon for Kepler as it was proposing to
use this detection technique from space. In
2000, Kepler was one of the three Discovery
Mission proposals invited to submit a Con-
cept Study Report. It was selected for flight
on December 20, 2001.
As Kepler was being designed and built,

exoplanet discoveries were growing at an
accelerated pace. By the eve of Kepler’s
launch, over 300 discoveries had been re-
ported including nearly 70 transiting systems.
All non-Kepler discoveries up through April
2014 are shown in Fig. 1, Left, in a plot of
mass (or minimum mass for nontransiting
planets) versus orbital period with symbols
color-coded by the discovery method. (Meth-
odologies with small numbers of discoveries
have been left out for clarity). Collectively,
there are 697 (non-Kepler) exoplanets (with
a measured orbital period and radius or mass)
associated with 583 unique stars. Approxi-
mately 16% of these host stars are known to
harbor multiple planets.
Fig. 1, Right, shows the same population

together with the Kepler planet candidate
discoveries in the cumulative table at NEA
as of April 2014. Detections are plotted as
planet radius versus orbital period, and the
non-Kepler discoveries are included for
comparison. Where planet radii are not
available (as is the case for most of the Doppler

detections), they are estimated using a poly-
nomial fit to solar systemplanets (R=M0.4854)
(6). Shown here are 3,553 Kepler discoveries
associated with 2,658 stars. Approximately
22% of the Kepler host stars are known to
harbor multiple planet candidates. The over-
all reliability of the catalog (80–90%) is
discussed below.
The demographics of the observed pop-

ulation has changed remarkably. Kepler has
increased the roster of exoplanets by nearly
400%. More remarkable still is the change in
the distribution: 86% of the non-Kepler dis-
coveries have masses larger than Neptune
whereas 85% of the Kepler discoveries have
radii smaller than Neptune. Kepler is filling
in an area of parameters space that was not
previously accessible. The increase in sensi-
tivity afforded us by Kepler has opened the
floodgates to the small planets so difficult to
detect from ground-based surveys. The most
common type of planet known to us is a
population that does not exist in ourown solar
system: the super-Earths and mini-Neptunes
between 1 and 4 Earth radii.

Status of Kepler’s Discovery Catalogs
Catalogs of Kepler’s viable planet candidates
have been released periodically since launch
and have included 312, 1,235, 2,338, 2,738,
and 3,553 detections (cumulative counts) as-
sociated with 306, 997, 1,797, 2,017, and

2,658 stars based on 1.5, 13, 16, 22, and 34.5
of the ∼48 mo of data acquired during the
primary mission (7–11). Kepler data in the
prime mission were downlinked monthly but
processedonaquarterlybasis.Transit searches
and the associated planet candidate catalogs
are, therefore, referred to by the quarters
bracketing the data. The most recent planet
candidates were identified in a search of 12
quarters of data (Q1–Q12) where the first is
only slightly longer than one month in du-
ration (hence the 34.5-mo time span).
Previously detected candidates are reex-

amined as larger data volumes become avail-
able. However, this does not occur with every
catalog release. Some of the candidates in the
cumulative archive at the NEA were discov-
ered with less than 34.5 mo of data and have
not yet been reexamined. This nonuniformity
will be resolved as Kepler completes its final
search and vetting of the entire 17 quarters
(48 mo) of data acquired during its primary
mission lifetime. Kepler’s planet candidate
catalog is also known as the Kepler Object of
Interest (KOI) Catalog. However, KOIs also
include events that are classified as false
alarms or astrophysical false positives. Only
those flagged as planet candidates in the
NEA cumulative catalog are shown in Fig. 1.
The catalogs contain the five parameters

produced by fitting a limb-darkened Mandel
and Agol (12) model to the observed flux
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Fig. 1. Non-Kepler exoplanet discoveries (Left) are plotted as mass versus orbital period, colored according to the detection technique. A simplified mass–radius relation is used
to transform planetary mass to radius (Right), and the >3,500 Kepler discoveries (yellow) are added for comparison. Eighty-six percent of the non-Kepler discoveries are larger than
Neptune, whereas the inverse is true of the Kepler discoveries: 85% are smaller than Neptune.
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Table 1
(Continued)

Name Per Mass Radius Flux1 First Ref. Mass, Radius Ref.
(days) (M⊕) (R⊕) (F⊕)

KOI-1612.01 2.465 0.48 ± 3.20 0.82 ± 0.03 1700 Borucki et al. (2011) Marcy et al. (2014)
KOI-314 b 0.669 0.06 ± 1.20 1.07 ± 0.02 3600 Borucki et al. (2011) Kipping et al. (2014)
KOI-314 c 0.669 0.06 ± 1.20 1.07 ± 0.02 3600 Borucki et al. (2011) Kipping et al. (2014)

Notes.
1 Incident stellar flux is calculated as F/F⊕ = (R!/R")2(Teff/5778 K)4a−2

√
1/(1 − e2), where a is the semi-major axis in A.U. and e is the eccentricity. Typical

errors are 10%.
2 Mass is from Endl et al. (2012), radius is from Dragomir et al. (2013b). The density is calculated from these values.
3 Planet mass determined by TTVs of a neighboring planet.
4 Planet mass and density updated based on additional RVs.

Figure 2. Left: density vs. radius for 65 exoplanets. Gray points have RV-determined masses, orange points have TTV-determined masses, and the point size
corresponds to 1/σ (ρP). The blue squares are weighted mean densities in bins of 0.5 R⊕, with error bars representing σi /

√
Ni , where σi is the standard deviation of

the densities and Ni is the number of exoplanets in bin i. We omit the weighted mean densities below 1.0 R⊕ because the scatter in planet densities is so large that
the error bars span the range of physical densities (0–10 g cm−3). The blue diamonds indicate solar system planets. The red line is an empirical density–radius fit for
planets smaller than 1.5 R⊕, including the terrestrial solar system planets. The green line is the mass–radius relation from Seager et al. (2007) for planets of Earth
composition (67.5% MgSiO3, 32.5% Fe). The increase in planet density with radius for RP < 1.5 R⊕ is consistent with a population of rocky planets. Above 1.5 R⊕,
planet density decreases with planet radius, indicating that as planet radius increases, so does the fraction of gas. Right: mass vs. radius for 65 exoplanets. Same as left,
but the point size corresponds to 1/σ (MP) and the blue squares are the weighted mean masses in bins of 0.5R⊕, with error bars representing σi /

√
Ni , where σi is the

standard deviation of the masses and Ni is the number of exoplanets in bin i. The black line is an empirical fit to the masses and radii above 1.5 R⊕; see Equation (3).
The weighted mean masses were not used in calculating the fit. Some mass and density outliers are excluded from these plots, but are included in the fits.
(A color version of this figure is available in the online journal.)

Kepler-78 b, and Kepler-406 b (KOI-321 b). Because there are
so few planets with well-determined masses in this regime, we
include the terrestrial solar system planets (Mercury, Venus,
Earth, Mars) in a fit to the planets smaller than 1.5 R⊕. We im-
pose uncertainties of 20% in their masses and 10% in their radii
so that the solar system planets will contribute to, but not dom-
inate, the fit. Because the solar system planets appear to satisfy
a linear relation between density and radius, we choose a linear
fit to planet density versus radius. We find

ρP = 2.43 + 3.39
(

RP

R⊕

)
g cm−3. (1)

Transforming the predicted densities to masses via

MP

M⊕
=

(
ρP

ρ⊕

)(
RP

R⊕

)3

(2)

and calculating the residuals with respect to the measured planet
masses, we obtain reduced χ2 = 1.3, rms = 2.7 M⊕.

For exoplanets satisfying 1.5 ! RP/R⊕ < 4, we calculate an
empirical fit to their masses and radii, yielding

MP

M⊕
= 2.69

(
RP

R⊕

)0.93

(3)

with reduced χ2 = 3.5 and rms = 4.7 M⊕. We exclude Uranus
and Neptune from this fit because they differ from the exoplanets
in our sample. Most of the exoplanets in our sample have P < 50
days, and so we do not expect them to resemble Uranus and
Neptune, which have orbital periods of tens of thousands of
days.

The empirical density– and mass–radius relations and their
goodness of fit are summarized in Table 2. Below, we discuss
the implications of these relations for planet compositions.
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A closely packed system of low-mass,
low-density planets transiting Kepler-11
Jack J. Lissauer1, Daniel C. Fabrycky2, Eric B. Ford3, William J. Borucki1, Francois Fressin4, Geoffrey W. Marcy5, Jerome A. Orosz6,
Jason F. Rowe7, Guillermo Torres4, William F. Welsh6, Natalie M. Batalha8, Stephen T. Bryson1, Lars A. Buchhave9,
Douglas A. Caldwell7, Joshua A. Carter4, David Charbonneau4, Jessie L. Christiansen7, William D. Cochran10, Jean-Michel Desert4,
Edward W. Dunham11, Michael N. Fanelli12, Jonathan J. Fortney2, Thomas N. Gautier III13, John C. Geary4, Ronald L. Gilliland14,
Michael R. Haas1, Jennifer R. Hall15, Matthew J. Holman4, David G. Koch1, David W. Latham4, Eric Lopez2, Sean McCauliff15,
Neil Miller2, Robert C. Morehead3, Elisa V. Quintana7, Darin Ragozzine4, Dimitar Sasselov4, Donald R. Short6 & Jason H. Steffen16

When an extrasolar planet passes in front of (transits) its star, its radius can be measured from the decrease in starlight
and its orbital period from the time between transits. Multiple planets transiting the same star reveal much more: period
ratios determine stability and dynamics, mutual gravitational interactions reflect planet masses and orbital shapes, and
the fraction of transiting planets observed as multiples has implications for the planarity of planetary systems. But few
stars have more than one known transiting planet, and none has more than three. Here we report Kepler spacecraft
observations of a single Sun-like star, which we call Kepler-11, that reveal six transiting planets, five with orbital periods
between 10 and 47 days and a sixth planet with a longer period. The five inner planets are among the smallest for which
mass and size have both been measured, and these measurements imply substantial envelopes of light gases. The degree
of coplanarity and proximity of the planetary orbits imply energy dissipation near the end of planet formation.

Kepler is a 0.95-m-aperture space telescope using transit photometry
to determine the frequency and characteristics of planets and plan-
etary systems1–4. The only fully validated multiple transiting planet
system to appear in the literature to date is Kepler-9, with two giant
planets5 orbiting exterior to a planet whose radius is only 1.6 times
that of Earth6. The Kepler-10 system7 contains one confirmed planet
and an additional unconfirmed planetary candidate. Light curves of
five other Kepler target stars, each with two or three (unverified)
candidate transiting planets, have also been published8. A catalogue
of all candidate planets, including targets with multiple candidates, is
presented in ref. 35.

We describe below a six-planet system orbiting a star that we
name Kepler-11. First, we discuss the spacecraft photometry on
which the discovery is based. Second, we summarize the stellar prop-
erties, primarily constrained using ground-based spectroscopy. Then
we show that slight deviations of transit times from exact periodicity
owing to mutual gravitational interactions confirm the planetary
nature of the five inner candidates and provide mass estimates.
Next, the outer planet candidate is validated by computing an upper
bound on the probability that it could result from known classes of
astrophysical false positives. We then assess the dynamical properties
of the system, including long-term stability, eccentricities and rela-
tive inclinations of the planets’ orbital planes. We conclude with a
discussion of constraints on the compositions of the planets and
the clues that the compositions of these planets and their orbital
dynamics provide for the structure and formation of planetary
systems.

Kepler photometry
The light curve of the target star Kepler-11 is shown in Fig. 1. After
detrending, six sets of periodic dips of depth of roughly one milli-
magnitude (0.1%) can be seen. When the curves are phased with these
six periods, each set of dips (Fig. 2) is consistent with a model9 of a
dark, circular disk masking out light from the same limb-darkened
stellar disk; that is, evidence of multiple planets transiting the same
star. We denote the planets in order of increasing distance from the
star as Kepler-11b, Kepler-11c, Kepler-11d, Kepler-11e, Kepler-11f
and Kepler-11g.

Background eclipsing binary stars can mimic the signal of a transi-
ting planet10. Kepler returns data for each target as an array of pixels,
enabling post-processing on the ground to determine the shift, if any,
of the location of the target during the apparent transits. For all six
planetary candidates of Kepler-11, these locations are coincident, with
3s uncertainties of 0.7 arcseconds or less for the four largest planets
and 1.4 arcseconds for the two smallest planets; see the first section of
the Supplementary Information and Supplementary Table 1 for
details. This lack of displacement during transit substantially restricts
the parameter space available for background eclipsing binary star
false positives.

Supplementary Table 2 lists the measured transit depths and dura-
tions for each of the planets. The durations of the drops in flux caused
by three of the planets are consistent with near-central transits of the
same star by planets on circular orbits. Kepler-11e’s transits are one-
third shorter than expected, implying an inclination to the plane of the
sky of 88.8u (orbital eccentricity can also affect transit duration, but

1NASA Ames Research Center, Moffett Field, California 94035, USA. 2UCO/Lick Observatory, University of California, Santa Cruz, California 95064, USA. 3University of Florida, 211 Bryant Space Science
Center, Gainesville, Florida 32611-2055, USA. 4Harvard-Smithsonian Center for Astrophysics, 60 Garden Street, Cambridge,Massachusetts02138, USA. 5Department ofAstronomy, UC Berkeley, Berkeley,
California 94720, USA. 6San Diego State University, 5500 Campanile Drive, San Diego, California 92182, USA. 7SETI Institute/NASA Ames Research Center, Moffett Field, California 94035, USA.
8Department of Physics and Astronomy, San Jose State University, One Washington Square, San Jose, California 95192, USA. 9Niels Bohr Institute, Copenhagen University, Juliane Maries Vej 30, DK-2100
Copenhagen, Denmark. 10McDonald Observatory, The University of Texas at Austin, Austin, Texas 78712-0259, USA. 11Lowell Observatory, 1400 W. Mars Hill Road, Flagstaff, Arizona 86001, USA. 12Bay
Area Environmental Research Inst./NASA Ames Research Center, Moffett Field, California 94035, USA. 13Jet Propulsion Laboratory, 4800 Oak Grove Drive, Pasadena, California 91109, USA. 14Space
Telescope Science Institute, 3700 San Martin Drive, Baltimore, Maryland 21218, USA. 15Orbital Sciences Corporation/NASA Ames Research Center, Moffett Field, California 94035, USA. 16Fermilab Center
for Particle Astrophysics, MS 127, PO Box 500, Batavia, Illinois 60510, USA.
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system, the largest planets with measured masses, Kepler-11d and
Kepler-11e, must contain large volumes of H, and low-mass planet
Kepler-11f probably does as well. Planets Kepler-11b and Kepler-11c
could be rich in ‘ices’ (probably in the fluid state, as in Uranus and
Neptune) and/or a H/He mixture. (The error bars on mass and radius
for Kepler-11b allow for the possibility of an iron-depleted nearly pure
silicate composition, butwe view this as highly unlikely on cosmogonic
grounds.) In terms of mass, all five of these planets must be primarily
composed of elements heavier than helium. Future atmospheric
characterization to distinguish between H-dominated or steam atmo-
spheres would tell us more about the planets’ bulk composition and
atmospheric stability26.
Planets Kepler-11b and Kepler-11c have the largest bulk densities

and would need the smallest mass fraction of hydrogen to fit their
radii. Using an energy-limited escapemodel27, we estimate a hydrogen
mass-loss rate of several times 109 g s21 for each of the five inner
planets, leading to the loss of ,0.1 Earth masses of hydrogen over
10Gyr. This is less than a factor of ten below total atmosphere loss for
several of the planets. The modelling of hydrogen escape for strongly
irradiated exoplanets is not yet well-constrained by observations28,29,
so larger escape rates are possible. This suggests the scenario that
planets Kepler-11b and Kepler-11c had larger H-dominated atmo-
spheres in the past and lost these atmospheres during an earlier era
when the planets had larger radii, lower bulk density, and a more
active primary star, which would all favour higher mass-loss rates.

The comparative planetary science permitted by the planets in
Kepler-11 system may allow for advances in understanding these
mass-loss processes.
The inner five observed planets of the Kepler-11 planetary system

are quite densely packed dynamically, in that significantly closer
orbits would not be stable for the billions of years that the star has
resided on the main sequence. The eccentricities of these planets are
small, and the inclinations very small. The planets are not locked into
low-order mean motion resonances.
Kepler-11 is a remarkable planetary system whose architecture and

dynamics provide clues to its formation. The significant light-gas
component of planets Kepler-11d, Kepler-11e and Kepler-11f imply
that at least these three bodies formed before the gaseous component
of their protoplanetary disk dispersed, probably taking no longer than
a few million years to grow to near their present masses. The small
eccentricities and inclinations of all five inner planets imply dissipa-
tion during the late stages of the formation/migration process, which
means that gas and/or numerous bodies much less massive than the
current planets were present. The lack of strong orbital resonances
argues against slow, convergentmigration of the planets, which would
lead to trapping in such configurations, although dissipative forces
could have moved the inner pair of planets out from the nearby 5:4
resonance30. In situ formationwould require amassive protoplanetary
disk of solids near the star and/or trapping of small solid bodies whose
orbits were decaying towards the star as a result of gas drag; it would
also require accretion of significant amounts of gas by hot small rocky
cores, which has not been demonstrated. (The temperature this close
to the growing star would have been too high for ices to have con-
densed.) The Kepler spacecraft is scheduled to continue to return data
on the Kepler-11 planetary system for the remainder of its mission,
and the longer temporal baseline afforded by these data will allow for
more accurate measurements of the planets and their interactions.

Received 13 December; accepted 20 December 2010.
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equilibrium temperatures for Bond albedo5 0.2 for the extrasolar planets),
with values shown on the colour scale on the right. Using previously
implemented planetary structure and evolution models32,33, we plot mass–
radius curves for 8-Gyr-old planets, assuming Teff5 700K. The solid black
curve corresponds to models of planets with Earth-like rock-iron composition.
The higher dashed curve corresponds to 100% H2O, using the SESAME 7154
H2O equation of state. All other curves use a water or H2/He envelope on top of
the rock-iron core. The lower dashed curve is 50% H2O by mass, while the
dotted curves are H2/He envelopes that make up 2%, 6%, 10% and 20% of the
total mass. There is significant degeneracy in composition constrained only by
mass and radius measurements34. Planets Kepler-11d, Kepler-11e and Kepler-
11f appear to require a H2/He envelope, much like Uranus and Neptune, while
Kepler-11b and Kepler-11c may have H2O and/or H2/He envelopes. We note
that multi-component and mixed compositions (not shown above), including
rock/iron,H2O, andH2/He, are expected and lead to even greater degeneracy in
determining composition from mass and radius alone.

ARTICLE RESEARCH

3 F E B R U A R Y 2 0 1 1 | V O L 4 7 0 | N A T U R E | 5 7

Macmillan Publishers Limited. All rights reserved©2011

Five low-mass planets 
around a Sun-like star

All the low-mass planets are 
less dense than rocky 
objects
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Jupiter’s Core Mass 
with different EOSs
Data from Saumon & Guillot (2004)
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OLIGARCHIC GROWTH OF PROTOPLANETS 177

runaway stage, while most planetesimals remain small. The
typical orbital separation of protoplanets kept while grow-
ing is about 10rH. This value depends only weakly on the
mass of protoplanets, the surface density of the solid mate-
rial, and the semimajor axis. This self-organized structure
is a general property of self-gravitating accreting bodies
in a disk when gravitational focusing and dynamical friction
are effective.

If we assume that the oligarchic growth continues till
the final stage of planetary accretion, the mass of proto-
planets is estimated by M 5 2fabS. In the solar nebula
model that is 50% more massive than the minimum mass
model, the surface mass density of the solar nebula is
given by

S 5 510 S a
1 AUD23/2

[g cm22] a , 2.7 AU

4 S a
5 AUD23/2

[g cm22] a . 2.7 AU.

(12)

Adopting this S and b 5 10rH, we have M Q 0.2M% and
b Q 0.07 AU at 1 AU (S 5 10 g cm22), M Q 7M% and
b Q 2 AU at 7 AU (S 5 2.4 g cm22), and M Q 17M% and
b Q 8 AU at 25 AU (S 5 0.36 g cm22), where M% is the
Earth mass. In the terrestrial planet region, the estimated
mass and the orbital separation of protoplanets are still
smaller than the present planets. This may suggest that
oligarchic growth does not continue till the final stage of
planetary accretion in the terrestrial planet region. TheFIG. 4. The same as Fig. 1 but for the system initially consists of

4000 equal-mass planetesimals (m 5 3 3 1023 g). The radius increase orbital separation may get larger in the terrestrial planet
factor is 6. In the final frame, the filled circles represent protoplanets region, if the radial excursion of planetesimals ea that is
and lines from the center of the protoplanets to both sides have the proportional to the random velocity gets larger than 10rHlength of 5rH. The protoplanets are selected if their masses are larger than

due to, for example, the clearance of solar nebula gas in1/5 of the maximum mass of the system. The numbers of planetesimals are
the late stage of planetary accretion. The absence of gas1977 (t 5 5000 years), 1514 (t 5 10,000 years), and 1116

(t 5 20,000 years). drag leads to the higher velocity dispersion and thus wider
radial excursion.

In the jovian planet region, however, the oligarchic
growth may be consistent with the formation of the presentare formed, while most planetesimals remain small. The
planets. As for Jupiter and Saturn, which have massive gasfive protoplanets have the 34% of the total mass of the
envelopes, the estimated mass of protoplanets is as largesystem. The lines with the length of 5rH are drawn from
as the critical mass to onset the gas accretion onto thethe center of the protoplanets to both sides in the final
protoplanets. As for Uranus and Neptune, which consistframe. This Hill radius is slightly modified to include only
mainly of solid material, the estimated mass of proto-the mass of a protoplanet. The separations are roughly
planets and the orbital separation are consistent with theirconstant with the typical value of 5–10rH, which agrees
present values. These results suggest that jovian planetswell with the result of the two-protoplanet system and the
may have been formed along the line of oligarchic growth.analytical estimation.
However, we should be careful when we apply oligarchic
growth to the jovian planet region. Oligarchic growth is4. CONCLUSION AND DISCUSSION
obtained from the local area simulation where the semima-
jor axis is much larger than the width of the simulationWe have shown the oligarchic growth of protoplanets in

the post-runaway stage. Protoplanets with the same order region. It is uncertain that oligarchic growth takes place
in the wide jovian planet region in the same way as the localmasses with the orbital separation larger than about 5rH

is the inevitable outcome of planetary accretion in the post- area simulation. Further work on this issue is required.
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Relevant	
  Processes

Local accretion is unable to 
form super-Earth-mass cores.

Have to collect solids from wider regions. 
=> Need for orbital migration and/or giant collision



Dilemma
• Orbital migration of low-mass planets 

requires the presence of disk gas.
• If a super-Earth-mass core is formed 

and isolated well before disk dispersal, 
the core readily becomes a gas giant.

Why are there so many 
close-in super-Earth-mass planets?
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Figure 4. Evolution of the surface density distribution for the same disk/star
system as Figure 2 but which is irradiated only by FUV photons (LFUV =
10−2–10−3 L", ΦEUV = 0, LX = 0). The disk loses mass rapidly due to a
combination of accretion and FUV photoevaporation and at ∼3.5 × 106 yr,
FUV photons burn a gap in the inner disk. The disk is then photoevaporated by
direct illumination of the inner gap as the outer disk continues to deplete. The
remaining torus-like disk is eroded at both the inner and outer regions, while
the intermediate regions survive the longest.

FUV photoevaporation shortens the disk lifetime consider-
ably, as can be seen from Figure 4. The disk surface density
decreases with time rapidly at all radii, but photoevaporative
mass-loss rates are higher at larger disk radii. This causes a
steepening of the disk surface density profile in the outer disk
from r−1 for the earlier cases where viscosity prescribes evo-
lution, to r−2 or steeper. Due to the steep surface density slope
caused by FUV photoevaporation, the matter in that region is in
fact moving outward due to viscous torques, instead of inward.
Therefore, more matter from the inner/intermediate disk re-
gions is “fed” into regions where FUV mass loss is high, which
accelerates the FUV photoevaporative destruction of the disk
considerably. In other words, the surface density in the inner
disk drops not only because of viscous accretion onto the star,
but also due to spreading to large radii where it photoevaporates.

An important result is the formation of a gap by FUV photons
in the inner disk, even in the absence of EUV and X-rays. We
had speculated on the likelihood of such a gap in our earlier
static analysis (GH09) and we find that FUV photons are indeed
capable of forming gaps in disks, even as the accretion rate and
accretion luminosity decline in the disk. In order to show how
the relative values of the local accretion rate and local mass-loss
rate result in the formation of a gap at a given radius and lead
subsequently to an inner hole, we introduce a quantity that we
call the radial photoevaporation rate as 〈Ṁpe〉 = 2πr2Σ̇pe. (We
note that the actual mass-loss rate from a radial annulus around r
is given by 2πrΣ̇pedr , which is smaller than the quantity 〈Ṁpe〉.)
We also calculate the radial mass accretion rate Ṁacc from the
surface density and midplane temperature at a given epoch and
compare this with 〈Ṁpe〉 as a function of radius.

Figure 5 shows the mass accretion rate (dashed line) and
the radial photoevaporation rate (solid line) in the disk before,
during, and after gap formation. The mass-loss rate in the first
panel of Figure 5 is seen to first increase with disk radius, drop

Figure 5. Radial photoevaporation rate (〈Ṁpe〉 = 2πr2Σ̇pe, solid line) and
mass accretion rate (Ṁacc, dashed line) as a function of radius at three different
epochs for the disk irradiated only by FUV photons. The gap forms when
〈Ṁpe〉 > Ṁacc at ∼3 × 106 yr (second panel) at r ∼ 2–6 AU. After the gap
opens, direct illumination of the inner rim increases 〈Ṁpe〉 by a factor of ∼3–5.
Note the steep decline in the photoevaporation rate in the intermediate regions
of the disk (r ∼ 10–30 AU) where disk mass survives the longest. In the outer
regions of the disk, Ṁacc ! 〈Ṁpe〉 and viscosity continually feeds mass into
these photoevaporation zones, thereby aiding disk dispersal.

sharply at intermediate radii and rise again toward large disk
radii. This behavior is due to the higher gas temperatures (∼
few 1000 K) in the inner disk due to efficient FUV and X-ray
heating. At intermediate regions, the gas temperature begins to
fall and the gravitational field is still fairly strong, i.e., rg ' r
in Equation (3), resulting in low mass-loss rates here. We note
that the flows induced by FUV/X-rays at these regions of the
disk are predominantly subsonic (Adams et al. 2004). At larger
disk radii, gravity is weaker, but gas temperatures do not fall
quite as rapidly, resulting in relatively high Σ̇pe combined with
increased disk surface area to produce enhanced mass loss from
these regions (also see GH09). The second panel shows how
the gap first opens when Ṁacc first becomes lower than 〈Ṁpe〉,
at ∼2 AU and at ∼3 × 106 yr. There is direct illumination of
the rim after the hole forms, and 〈Ṁpe〉 increases here after the
inner hole is created. The entire disk is dispersed in 5 × 106 yr,
when the surface density at all disk radii is zero. The disk again
lasts for !106 yr after the hole is formed. Note that although
FUV photoevaporation rates are much higher than EUV-induced
mass-loss rates (by factors of 10–100), the survival time for the
disk after the hole forms is nearly the same as the pure EUV
case. This is because of the larger disk mass (∼4 × 10−2 M")
at the gap creation epoch for the FUV case, where the gap
is created at earlier stages of accretion. Additionally, the gas
temperature attained by FUV heating declines with distance to
the star and the direct illumination of the rim only enhances the
mass-loss rates significantly in the inner disk regions. The outer
disk continues to lose mass from the surface rapidly, and the
disk evolves into a ring-like structure. The intermediate regions
of the disk, where gas temperatures attained are not very high
and where the stellar gravitational field is moderate, survive for
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Figure 6
The evolution of a typical disk. The gas distribution is shown in blue and the dust in red. (a) Early in its evolution, the disk loses mass
through accretion onto the star and far-UV (FUV) photoevaporation of the outer disk. (b) At the same time, grains grow into larger
bodies that settle to the mid-plane of the disk. (c) As the disk mass and accretion rate decrease, extreme-UV(EUV)-induced
photoevaporation becomes important; the outer disk is no longer able to resupply the inner disk with material, and the inner disk drains
on a viscous timescale (∼105 years). An inner hole is formed, accretion onto the star ceases, and the disk quickly dissipates from the
inside out. (d ) Once the remaining gas photoevaporates, the small grains are removed by radiation pressure and Poynting-Robertson
drag. Only large grains, planetesimals, and/or planets are left. This debris disk is very low mass and is not always detectable.

as a CTTS based on the presence of accretion indicators. Accretion may be variable on short
timescales, but shows a declining long-term trend.

At the same time, grains grow into larger bodies that settle onto the mid-plane of the disk,
where they can grow into rocks, planetesimals, and beyond. Accordingly, the scale height of the
dust decreases and the initially flared dusty disk becomes flatter (Figure 6b). This steepens the
slope of the mid- and far-IR SED as a smaller fraction of the stellar radiation is intercepted by
circumstellar dust (Dullemond & Dominik 2005). The near-IR fluxes remain mostly unchanged
because the inner disk stays optically thick and extends inward to the dust sublimation temperature.
The most noticeable SED change during this stage is seen in the decline of the (sub)millimeter
flux, which traces the decrease in the mass of millimeter- and smaller sized particles (Andrews &
Williams 2005, 2007a) (see Figure 7).

As disk mass and accretion rate decrease, energetic photons from the stellar chromosphere are
able to penetrate the inner disk and photoevaporation becomes important. When the accretion
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Figure 6
The evolution of a typical disk. The gas distribution is shown in blue and the dust in red. (a) Early in its evolution, the disk loses mass
through accretion onto the star and far-UV (FUV) photoevaporation of the outer disk. (b) At the same time, grains grow into larger
bodies that settle to the mid-plane of the disk. (c) As the disk mass and accretion rate decrease, extreme-UV(EUV)-induced
photoevaporation becomes important; the outer disk is no longer able to resupply the inner disk with material, and the inner disk drains
on a viscous timescale (∼105 years). An inner hole is formed, accretion onto the star ceases, and the disk quickly dissipates from the
inside out. (d ) Once the remaining gas photoevaporates, the small grains are removed by radiation pressure and Poynting-Robertson
drag. Only large grains, planetesimals, and/or planets are left. This debris disk is very low mass and is not always detectable.

as a CTTS based on the presence of accretion indicators. Accretion may be variable on short
timescales, but shows a declining long-term trend.

At the same time, grains grow into larger bodies that settle onto the mid-plane of the disk,
where they can grow into rocks, planetesimals, and beyond. Accordingly, the scale height of the
dust decreases and the initially flared dusty disk becomes flatter (Figure 6b). This steepens the
slope of the mid- and far-IR SED as a smaller fraction of the stellar radiation is intercepted by
circumstellar dust (Dullemond & Dominik 2005). The near-IR fluxes remain mostly unchanged
because the inner disk stays optically thick and extends inward to the dust sublimation temperature.
The most noticeable SED change during this stage is seen in the decline of the (sub)millimeter
flux, which traces the decrease in the mass of millimeter- and smaller sized particles (Andrews &
Williams 2005, 2007a) (see Figure 7).

As disk mass and accretion rate decrease, energetic photons from the stellar chromosphere are
able to penetrate the inner disk and photoevaporation becomes important. When the accretion
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Stage 1: Viscous accretion

Stage 2: Photo-evaporation

Two-Step (UV-switch) Model

Illustration from William & Cieza (2008)
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1150 C. Mordasini et al.: Extrasolar planet population synthesis. I.

Fig. 8. Planetary formation tracks in the mass-distance plane. The large black symbols show the final position of a planet. The shape of the symbols
is explained in the text. Planets reaching the feeding limit at atouch (indicated by the long dashed line) have arbitrarily been set to 0.1 AU. The short
dashed lines have a slope of −π (discussion in Sect. 5.1.3). Each track is color-coded according to the migration mode, and small black dots are
plotted on the tracks every 0.2 Myr to indicate the temporal evolution of a planet.

contain a large sub-population of low mass planets. This is com-
patible with the non-detection of giant planets around 90 to 95%
of nearby solar like stars.

In Fig. 9, left panel, exemplary formation tracks for a number
of such planets are plotted. As expected from Eq. (12) for Miso,
“failed cores” can reach larger masses at larger distances. The
right panel of Fig. 9 shows the temporal evolution of the mass
and semimajor axis of one typical “failed core”. This seed starts
at astart = 3.7 AU in a disk with fD/G = 0.028 ([Fe/H] = −0.15)
and Σ0 = 165 g/cm2. This initial position is situated not far out-
side the iceline. For such a solid surface density, forming the ini-
tial seed takes a significant amount of time (cf. Fig. 7), namely
about 1.1 Myr.

As is shown in the right panel of Fig. 9, the core then quickly
accretes all planetesimals in its reach. Gas accretion is of negli-
gible importance. At about 1.2 Myr, the mass of the core ap-
proaches the local isolation mass2. For the remaining 0.2 Myr of
evolution, the core grows only very slowly. The envelope now

2 From Eq. (11) one would calculate a Miso of about 2.8 M⊕, using
BL = 4. However, as we do not reduce the initial solid surface density
by the amount of material already in the initial seed, a value larger for
the mass by about 3/2 × Memb,0 is obtained.

becomes more massive, due to the reduced luminosity of the
core. The evolution of this planet corresponds to the two first
phases described by Pollack et al. (1996), with the difference
that further evolution is inhibited by the dispersion of the proto-
planetary nebula after 1.45 Myr. At this time, we are left with a
“failed core”, consisting of about 3.6 M⊕ of heavy elements, and
∼0.1 M⊕ of gas. The extent over which migration occurred is tiny
because of fI = 0.001, roughly 0.004 AU, much less than the ex-
tent of the planet’s Hills radius. The fact that further growth is
inhibited by the disappearance of the gaseous disk is character-
istic for this type of planet.

The vast sub-population of “failed cores” is not identical to
the final terrestrial planet population, expected to be located in
a similar a − M region. Rather, they represent an earlier mo-
ment in evolution. “Failed cores” are formed from one large em-
bryo accreting small field planetesimals while the gas disk is
still present. Terrestrial planets on the other hand derive their
final properties from giant impacts between bodies of a sim-
ilar size (several “failed cores”) on much longer timescales, a
phase missing in our model. We expect that after disk dispersal,
all the “failed cores” of one disk would start to interact gravita-
tionally, leading to scattering, ejections and collisions, until the
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Fig. 8. Planetary formation tracks in the mass-distance plane. The large black symbols show the final position of a planet. The shape of the symbols
is explained in the text. Planets reaching the feeding limit at atouch (indicated by the long dashed line) have arbitrarily been set to 0.1 AU. The short
dashed lines have a slope of −π (discussion in Sect. 5.1.3). Each track is color-coded according to the migration mode, and small black dots are
plotted on the tracks every 0.2 Myr to indicate the temporal evolution of a planet.

contain a large sub-population of low mass planets. This is com-
patible with the non-detection of giant planets around 90 to 95%
of nearby solar like stars.

In Fig. 9, left panel, exemplary formation tracks for a number
of such planets are plotted. As expected from Eq. (12) for Miso,
“failed cores” can reach larger masses at larger distances. The
right panel of Fig. 9 shows the temporal evolution of the mass
and semimajor axis of one typical “failed core”. This seed starts
at astart = 3.7 AU in a disk with fD/G = 0.028 ([Fe/H] = −0.15)
and Σ0 = 165 g/cm2. This initial position is situated not far out-
side the iceline. For such a solid surface density, forming the ini-
tial seed takes a significant amount of time (cf. Fig. 7), namely
about 1.1 Myr.

As is shown in the right panel of Fig. 9, the core then quickly
accretes all planetesimals in its reach. Gas accretion is of negli-
gible importance. At about 1.2 Myr, the mass of the core ap-
proaches the local isolation mass2. For the remaining 0.2 Myr of
evolution, the core grows only very slowly. The envelope now

2 From Eq. (11) one would calculate a Miso of about 2.8 M⊕, using
BL = 4. However, as we do not reduce the initial solid surface density
by the amount of material already in the initial seed, a value larger for
the mass by about 3/2 × Memb,0 is obtained.

becomes more massive, due to the reduced luminosity of the
core. The evolution of this planet corresponds to the two first
phases described by Pollack et al. (1996), with the difference
that further evolution is inhibited by the dispersion of the proto-
planetary nebula after 1.45 Myr. At this time, we are left with a
“failed core”, consisting of about 3.6 M⊕ of heavy elements, and
∼0.1 M⊕ of gas. The extent over which migration occurred is tiny
because of fI = 0.001, roughly 0.004 AU, much less than the ex-
tent of the planet’s Hills radius. The fact that further growth is
inhibited by the disappearance of the gaseous disk is character-
istic for this type of planet.

The vast sub-population of “failed cores” is not identical to
the final terrestrial planet population, expected to be located in
a similar a − M region. Rather, they represent an earlier mo-
ment in evolution. “Failed cores” are formed from one large em-
bryo accreting small field planetesimals while the gas disk is
still present. Terrestrial planets on the other hand derive their
final properties from giant impacts between bodies of a sim-
ilar size (several “failed cores”) on much longer timescales, a
phase missing in our model. We expect that after disk dispersal,
all the “failed cores” of one disk would start to interact gravita-
tionally, leading to scattering, ejections and collisions, until the

interactions of (proto) planets and external perturbers can be
found in Davies et al. (2013).

Illustrative output: formation tracks

An illustrative output of the population synthesis framework
represented in Fig. 3 is shown in Fig. 12. It shows formation
tracks in the mass–distance plane for the one-embryo-per-disc
approximation. The non-isothermal type I migration model
is used. Planetary embryos are inserted at a given starting
distance into protoplanetary disc of varied properties with an
initial mass of 0.6 Earth masses. They then grow by accreting
planetesimals and gas, and concurrently migrate due to the
interaction with the gas disc. The distribution of the final
positions of the planets (at the moment the protoplanetary disc
goes away) can be compared with the observed semi-major
axis–mass distribution.
One can see that the outcome of the formation process is of a

high diversity, despite the fact that always exactly the same
formation model is used. This is a basic outcome similar to the
observational result. In the figure, one can, for example, find
tracks that lead to the formation of hot Jupiters. Most
embryos, however, remain at a low mass, since they cannot
accrete a sufficient amount of planetesimals to start rapid
gas accretion and become a giant planet. At an orbital
distance of 0.2–1 AU, an overdensity of low-mass planets
(M!,5M⊕) can be seen. These are planets that are captured in

the inner convergence zone (cf. Fig. 11). One also notes that
almost all giant planets are inside of 1 AU, which is not in
agreement with observations. These points to too rapid inward
orbital migration in the model, meaning that the theoretical
description of this process must be further improved. It is a
typical result that the synthetic mass distribution (discussed in
the next section) is in better agreement with the observational
data than the synthetic semi-major axis distribution (e.g.
Mordasini et al. 2009b).

Comparisons with observation

In this section, we discuss important selected comparisons
between theoretical and observed statistical properties. Thanks
to the coupling of planet formation and evolution in the global
model as shown in Fig. 3, it is possible to compare with all
major observational techniques.

Radial velocity: the planetary initial mass function

Among the many outputs that can be compared with
observations, one of the most fundamental results of popu-
lation synthesis is a prediction for the distribution of planetary
masses. It is obvious that the planetarymass function hasmany
important implications, including the question about the
frequency of habitable extrasolar planets. In the left panel of
Fig. 13, the planetary mass function is shown as derived from
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Fig. 12. Theoretical planetary formation tracks that show how planetary seeds (initial mass 0.6 Earth masses) concurrently grow andmigrate. The
colours indicate the different types of orbital migration (type I: brown: locally isothermal; red: adiabatic, unsaturated corotation torque; blue:
adiabatic, saturated coronation torque; green: type II). The position of the planets at the moment in time that is shown (4.9Myr) is indicated by
black symbols. Some planets have reached the inner border of the computational disc at 0.1 AU.
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A recent progress in migration theory

Mordasini et al. (2015)
also Dittkrist et al. (2014)

isothermal, linear (reduced) non-isothermal, non-linear

Through back-and-forth migration, rocky planetary embryos 
sweep planetesimals to be super-Earth-mass planets
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Missing	
  Processes
• Subsequent (i.e., post-migration) 

modification to planetary composition
1. Collisional erosion
2.Post-giant-collision gas accretion
3.Photo-evaporative mass loss



Collisional	
  Erosion
Inamdar & Schlichting (2015)

Giant collisions after disk dispersal are incompatible 
with the presence of low-density low-mass planets.

Formation of super-Earths and mini-Neptunes 1757

Figure 5. Global atmospheric mass-loss fraction as a function of
vimpmimp/(vescMcore). Each curve represents a solution to equation (18)
for given envelope mass to core mass ratio.

Figure 6. Example impact histories. On the left-hand side, each impactor
has a mass of 0.5 M⊕, and the planet core grows gradually by successive
addition of 0.5 M⊕ impactors. On the right-hand side, each impact consists
of a collision between equal-mass impactors. Each giant impact history
represents an extreme formation scenario, with a real giant impact history
likely to be some combination of the two.

occurs between equal-mass impactors. The impact histories that we
investigate here represent two extremes: one in which the impactor
mass is constant such that Mcore/mimp always increases, and one in
which equal-size impacts occur (Mcore/mimp = 1). The actual im-
pact history is likely to be a combination of these two scenarios.
We determine the evolution of the atmosphere-to-core mass ratio
Matm/Mcore with successive impacts. For impacts between disparate
mass bodies, we assume a relative random velocity vran ∼ vesc,
so that the impact velocity vimp ∼

√
2vesc. To calculate the global

atmospheric mass-loss of the target, we use the results from Sec-
tion 3.2 to determine the atmospheric mass-loss fraction for the
larger body. For the smaller impactor, we assume that all its atmo-
spheric mass is lost. For impacts between equal-sized bodies, there
is some ambiguity in how the impact and subsequent atmospheric
loss occurs. In this case, we assume that impacts occur at a relative
velocity of vimp ∼

√
2vesc, where vesc is the escape velocity of a sin-

gle body, and that a shock is launched into each body with a velocity
about half the impact velocity, such that vimpmimp/(vescMcore) ≈ 0.7.
We assume that the resulting planet has an envelope with a mass

Figure 7. Evolution of atmosphere-to-core mass ratio as a function of im-
pact history. Each marker indicates a different collision event. Blue triangles
indicate a collision history in which the embryo grows gradually through
impacts with 0.5 M⊕ impactors (left-hand side of Fig. 6). The orange squares
are the case in which all impacts occur between equal-mass bodies (right-
hand side of Fig. 6). Atmosphere-to-core mass ratios are normalized by the
initial isolation mass atmosphere-to-core mass ratio, (Matm/Mcore)0, which
are calculated in Section 2. If there is no atmospheric loss throughout the
giant impact history, then Matm/Mcore/(Matm/Mcore)0 = 1.

equal to the sum of the remaining envelopes of the two individual
impactors.

In Fig. 7, we show an example of the evolution of Matm/Mcore

for each of the two impact scenarios. In this example, we assume
that the initial core mass is 0.5 M⊕ with the initial atmosphere-
to-core mass ratio (Matm/Mcore)0 = 2 × 10−3 (see Fig. 2). Each
marker indicates a separate impact event. The blue triangles in-
dicate the history in which Mcore/mimp always increases. The or-
ange squares represent the case in which all collisions are between
equal-mass impactors. If no atmosphere is lost throughout the giant
impact history, Matm/Mcore equals (Matm/Mcore)0. For a final planet
mass of 4.5 M⊕ and a collision history in which all impactors are
0.5 M⊕, our model yields a final atmosphere-to-core mass ratio
of ∼10−2(Matm/Mcore)0 ∼ 10−5. The case in which giant impacts
occur between equal-mass impactors, on the other hand, yields a
final Matm/Mcore ∼ 10−1(Matm/Mcore)0 ∼ 10−4.

We have applied the collision histories shown in Fig. 6 to ob-
served exoplanets. In Fig. 8, we show the atmospheric masses that
we obtain for observed close-in exoplanets after a phase of giant
impacts. For each Kepler planet, we take its calculated isolation
mass (see e.g. Fig. 1) and calculate the initial atmospheric mass
accreted by the isolation mass core given its semimajor axis and the
corresponding enhancement in gas density relative to the MMSN
(see Fig. 1). We then perform Monte Carlo simulations to determine
the atmospheric mass-loss due to giant impacts. For each planet, we
conduct 10 trials. In each trial, a core of initial mass Miso succes-
sively undergoes a series of giant impacts with impactors either of
its own mass (Mcore/mimp = 1) or with a mass equal to the initial
isolation mass Miso (Mcore/mimp increasing). For each collision, we
randomly choose which type of impact occurs and assign a probabil-
ity of (Mcore/Miso)/(Mcore/Miso + 1) that an impact with an embryo
of mass Miso occurs. This probability is chosen such that on average,
a planet grows equally in mass by merging with equal-size bodies
and smaller ones. For each trial, the core undergoes giant impacts
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Figure 8. Atmosphere-to-core mass ratios for observed close-in exoplanets
after a phase of giant impacts. Modelled planets are shown in the figure with
small markers, while observed close-in planet atmospheric masses and cor-
responding semimajor axis ranges (Lopez & Fortney 2014) are shown with
large markers. Initial atmospheric masses are calculated assuming observed
close-in planets initially accreted gas envelopes in situ as isolation masses
(see e.g. Fig. 1) and were then assembled by giant impacts. The giant impact
results shown in this figure are the mean of 10 simulations for each planet.
The median atmosphere-to-core mass ratio after giant impacts for a close-in
planet is 8 × 10−4 (blue cross), with a lower and upper quartile range of
1 × 10−4 and 6 × 10−3, respectively.

until the final, observed mass is assembled. The post-giant impact
atmosphere-to-core mass ratios shown in Fig. 8 are the mean of
all 10 trials for each planet. The median atmosphere-to-core mass
ratio after the phase of giant impacts for observed close-in plan-
ets is 8 × 10−4 and the values for the lower and upper quartile
range are 1 × 10−4 and 6 × 10−3, respectively. These values are
consistent with terrestrial planet atmospheres and exoplanets that
have inferred rocky compositions, but are typically smaller, by an
order of magnitude, than atmospheric masses of 1–10 per cent in-
ferred from observation for many close-in exoplanets. In situ forma-
tion of close-in planets via giant impacts typically does not result
in atmospheric masses that are 1–10 per cent or more of the core
mass.

5 PO S T-G I A N T I M PAC T AC C R E T I O N

Since atmospheric masses containing 1–10 per cent or more of the
total planet mass are difficult to achieve as a result of giant impacts,
we investigate now the importance of gas accretion after assembly
has taken place. In this case, the analysis presented in Section 2 still
holds with slight modification. In order for giant impacts to proceed,
the gas surface density in the disc will have had to decrease, so that
!g ∼ !s (Goldreich et al. 2004). In the full disc, the excess of gas
relative to solids can effectively limit giant impacts from proceeding
by damping out the large eccentricities required for them. It is only
after a sufficient amount of gas has been dissipated from the disc
that giant impacts can proceed. Therefore, in order to calculate the
masses of envelopes accreted after giant impacts, we take the gas
surface density to be 200 times smaller than before the giant impact
phase. For our opacity calculations, we assume that the gas-to-dust
ratio is still 200.

Figure 9. Atmospheric masses due to gas envelope accretion by assembled
core masses after giant impacts. Matm/Mcore for observed close-in plan-
ets are shown with triangles (semimajor axes less than 0.05 au), circles
(0.05−0.15 au), and squares (semimajor axes greater than 0.15 au)(Lopez
& Fortney 2014). Matm/Mcore ratios calculated for a range of core masses
are shown at semimajor axes of 0.03 au (red lines), 0.1 au (blue lines), and
0.3 au (black lines) for two limiting cases. The thick solid lines correspond
to the case in which L = Lacc, where the accretion luminosity is due to the
gravitational potential energy from a giant impact between two equal mass
bodies of 0.5 Mcore that is released over 0.8 Myr. The thin dashed lines with
circular markers corresponds to the case in which Lacc = 0.

In Fig. 9 , we show Matm/Mcore for gas accretion after giant
impacts for two limiting cases. In thick solid lines, we show the
case in which L = Lacc. Here, we assume that the gravitational
potential energy resulting from the last mass doubling of the planet
by giant impacts is released over the disc dissipation time-scale,
so that Ṁcore = 0.5Mcore/τdiss, where we take the disc dissipation
time-scale τ diss ∼ 800 kyr (Hillenbrand 2005). In thin dashed lines
with circular markers, we show the case in which Lacc = 0 and the
evolution of L is governed by equation (13). In this case, we cut off
gas accretion at τ diss.

In contrast to envelope accretion from a full gas disc investigated
in Section 2, in the case of a dissipating gas disc, the gas densities
and opacities are now sufficiently low such that the envelope can
cool, contract, and accrete more atmospheric mass over the disc
dissipation time-scale if Lacc = 0. In this case, atmospheres con-
taining several per cent of the planets’ total mass can be accreted.
The Lacc = 0 case is likely an upper limit since planetesimal ac-
cretion very likely continued after the giant impact stage and since
the giant impacts themselves will give rise to significant core lu-
minosity. The magnitude of the core luminosity is highly uncertain
since it depends on the viscosity of the core, which is unknown. If
the gravitational potential energy resulting from the last mass dou-
bling of the planet is released over the disc dissipation time-scale,
then the accreted envelope masses are reduced by about an order of
magnitude compared to the Lacc = 0 case (see Fig. 9).

While the two limiting cases we explore here show a plausible
range of atmospheric masses, atmospheric masses exceeding sev-
eral per cent seem difficult to accrete from a reduced gas disc after
giant impacts. Post-giant impact accretion does not seem to be ca-
pable of producing atmospheric masses exceeding several per cent
of the core mass.
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Successive orbital migration of planetary embryos forms a 
compact multiple-embryo system via resonance trapping. 
Disk begins to dissipate, triggering orbital instability of 
the multiple-embryo system and then giant collisions
The merged planet captures gas from the dissipating disk.
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Table 2
Results from Mass Loss: Mass and Composition for Super-Earths

Planet Mass 100 Myr % H/He 100 Myr Mass 10 Myr % H/He 10 Myr
(M⊕) (M⊕)

Kepler-11b 34.6±6.5
28.2 87.6 ±6.6

85.4 % 44.8±9.7
10.1 90.4 ±5.1

8.2 %

Kepler-11c 13.7±4.7
5.8 6.0 ±5.0

3.2 % 14.2±4.3
3.1 9.1 ±28

7.3 %

Kepler-11d 6.7±2.8
0.6 16.5 ±22

8.5 % 7.8±12.8
0.8 28 ±56

17 %

Kepler-11e 8.8±2.3
1.6 21.2 ±6.0

3.2 % 9.7±2.5
1.9 28.1 ±10.5

7.7 %

Kepler-11f 3.1±5.2
0.2 29 ±58

24 % 3.4±6.6
0.4 35 ±57

25 %

Notes. Masses and H/He fractions predicted by coupled mass loss and thermal evolution models at 100 and
10 Myr, assuming that all five planets are water-poor super-Earths. The large error bars on some compositions
are due mostly to uncertainties in the current masses from TTV. The 10 Myr values are subject to some model
uncertainties as discussed in Sections 2.2 and 2.3. Kepler-11b is extremely vulnerable to H/He mass loss and
would have to start off implausibly massive to retain a small H/He envelope today. For the best-fit masses,
Kepler-11c is less vulnerable to mass loss due to its massive core. However, Kepler-11c–f are all consistent with
have formed with ∼30% H/He.

Figure 3. Mass vs. time with mass loss for three model runs that match the
present-day mass along with its 1σ range for Kepler-11b. All three models
assume a water-poor super-Earth composition that is 0.3% H/He today. The
curves are color coded by log density. The solid line corresponds to the best-fit
current mass from TTV; the dashed lines correspond to the 1σ bounds. This
demonstrates several features described in the text. The initial mass is actually
lower if Kepler-11b is more massive today due to a correspondingly more
massive core. There is a period of runaway mass loss during which the density
actually declines slightly, and the timing of this period depends strongly on the
mass of the rocky core.
(A color version of this figure is available in the online journal.)

forces the total radius to shrink even if the planet is unable to
cool efficiently. Figure 3 shows this process as Kepler-11b loses
mass for three different values of its current mass and therefore
its core mass. The curves correspond to the best-fit mass from
transit timing as well as the 1σ error bars. This shows that the
timing of this runaway loss event depends strongly on the mass
of the rock/iron core.

Super-Earth models of Kepler-11b are unusual in that they
are subject to tremendous mass loss and yet they retain a small
amount of H/He today. Typically models that start out ∼90%
H/He either experience runaway mass loss and lose their H/He
envelopes completely, or they never enter the runaway regime
and remain over 50% H/He. The uncertainty in the initial
composition of Kepler-11b is due to uncertainty in its TTV mass.
At a given current mass, the range of Kepler-11b models that
will retain an envelope that is <1% H/He is extremely narrow.
In this sense, the current composition of Kepler-11b requires a
rare set of initial conditions if it is a water-poor super-Earth.

Counterintuitively, if Kepler-11b is more massive today then
its implied mass in the past is actually lower. This is because
a higher mass today would imply a more massive core, which
would increase the planet’s density and decrease its mass-loss
rate. As a result, a more massive model for Kepler-11b today
is less vulnerable to mass loss and so less H/He is needed in
the past in order to retain 0.3% today. At 100 Myr, there is a
very large uncertainty in the composition due to the uncertainty
in the core mass. However, even if we assume the 1σ error bar
6.5 M⊕, Kepler-11b would still be at least 37 M⊕ and at least
83% H/He at 10 Myr. In Section 5.1, we will compare this to
models of in situ formation and show that such a scenario is
unlikely.

On the other hand, Kepler-11c is not particularly vulnerable
to mass loss, at least using the best-fit mass from transit timing,
despite having the second highest flux in system. This is because
of the relatively large mass of its rocky core; the high gravity
means that additional H/He has a more modest effect of the
planet’s radius and therefore on the mass-loss rate. In fact, along
with the incident XUV flux the mass of the rocky core is the
single largest factor that determines whether a given planet will
be vulnerable to mass loss. As a result, the dominant sources
of uncertainty in our mass-loss models are the uncertainties in
the masses from TTV. These dominate over all the theoretical
uncertainties in the thermal evolution and mass-loss models. The
uncertainty in planet mass from transit timing is particular large
for Kepler-11c. If its mass is close to the 1σ low value, then it is
possible Kepler-11c has undergone more substantial mass loss
similar to Kepler-11d–f. Fortunately, as more quarters of data
are processed the mass estimates from TTV will become more
precise (Agol et al. 2005; Holman & Murray 2005). Finally,
Kepler-11d–f are modestly vulnerable to mass loss and are
consistent with having originated with ∼20% H/He at 100 Myr
and ∼30% H/He at 10 Myr. In Section 5.2, we will discuss
these results in terms of orbital stability.

3.3. The Water-rich Scenario

Next we consider a water-rich scenario where the entire sys-
tem formed beyond the snow line. We assume that Kepler-11c–f
are water-rich sub-Neptunes as described in Section 2.1, while
Kepler-11b is currently a water-world. Otherwise the thermal
mass-loss histories are calculated in the same manner as the
water-poor super-Earth scenario. For Kepler-11c–f we calculate
the planet mass H/He fraction at 10 and 100 Myr, assuming

6
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Escape
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Coupled thermal evolution and photo-evaporative mass loss

Mass Evolution of Kepler-11b

Close-in low-mass planets have lost 
significant amounts of H/He for billion years.
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Evaporation 
valley

Such clear deficit is NOT observed 
in the distribution of KOIs.

See also

H/He atmospheres of < ~10% are 
removed readily, which results in 
an evaporation valley.
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Fig. 4. Mass versus semi-major axis diagram for a population of planets,
assuming one planet grows in each disc. The colour code shows the frac-
tion of rocky planetesimals accreted by the planet. Planets whose core
is the result of the accretion of rocky planetesimals are in red, whereas
planets whose core has been made by the accretion of icy planetesimals
are in blue. The total number of point is 4936. Planets in the vertical line
at 0.05 AU are planets that reached the inner boundary of the computed
disc. If the computational domain were extended to lower semi-major
axis, their fate is uncertain. They could continue migrating toward the
central star and be accreted, or could stop their migration somewhere in
the inner disc cavity.
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Fig. 5. Same as Fig. 4, but assuming now that ten planetary embryos
are growing and migrating in every protoplanetary disc. The number
of points is 5010. Planets on the vertical line at 1000 AU are planets
ejected from the system. Their mass represents their mass at the time of
ejection. Planets on the vertical line at 0.005 AU are planets that have
collided with the central star. We do not include in our models planet-
star interactions that could modify the orbital evolution of planets in the
innermost parts of the disc.

5.2.2. Mass versus semi-major axis diagrams

The number of planetary embryos we consider in each proto-
planetary disc is a free parameter. In order to ease the compari-
son between the two computations, the total number of planets
in each case is similar (at least at the beginning of the cal-
culation): we have considered 500 systems with ten planets,
and ∼5000 systems with only one planet. The initial locations
of planets, in the two cases, are statistically the same, but, as op-
posed to what was presented in Sect. 5.1, the starting location of
planets in the one-planet case are not exactly the same as in the
ten-planet case.

Figure 4 shows the mass versus semi-major axis diagram of
synthetic planets, in the case where only one planet forms in the
system (case 1). The colour code is related to the composition
of the planetary core, which itself is the result of the accretion
of different kinds of planetesimals (icy planetesimals or rocky
planetesimals). Figure 5 presents the same results, but in the case
of ten planets per system.

After comparing the two diagrams (Figs. 4 and 5), it appears
clearly that not all planets (in terms of mass and semi-major axis)
are affected in the same way by the presence of other bodies. In
particular, the sub-population of massive planets does not seem
to be affected as much, although planets in the ten-planet case are
slightly less massive. Another interesting difference is that plan-
ets in the one-planet case are located closer to the central star,
still in the same mass domain. The origin of both differences is
the competition between planets forming in the same disc. As
planets compete for the accretion of solids, their growth is de-
layed. They start to migrate later in the disc lifetime and start to
accrete gas in a runaway mode at a later time. As a consequence,
their final location is somewhat further out than in the one-planet
case, and their mass is lower. (The mass of the planets is plotted
using a logarithmic scale, which decreases the visual difference
between the two populations.)

In the sub-population of low-mass planets, in particular close
to the central star, the effect of multiplicity is very important.
In the ten-planet case, a population of close-in Earth- to super-
Earth mass planets appears, whereas this region is empty in the
case of one-planet systems. This difference stems from the grav-
itational interactions between planets in the same system. At a
fraction of an AU from the central star, the mass of solids (these
planets are made almost totally from solids) is not high enough
to grow a planet of a few Earth masses, at least not for the disc
masses we consider here. On the other hand, disc-planet angular-
momentum exchange alone (leading to migration) is not strong
enough for these planets to move planets from the outside toward
this region. As a consequence, planets at these distance are either
less massive than the Earth or more massive than ∼10 M⊕. In the
case of a multi-planetary system, planets interact gravitationally
with another member of the same system, which itself is mas-
sive enough to migrate appreciably. As a consequence, an inner,
low-mass planet can be pushed by resonant interaction toward
the inner parts of the protoplanetary disc. However, this does not
imply that the different planets are in mean-motion resonance at
the end of the protoplanetary disc lifetime. Indeed, depending
on the planetary mass, a mean-motion resonance can be broken
during a later phase of disc evolution.

A third sub-population that is notably different between the
two cases is the population of planets below 0.05 AU, at all
masses. The difference again stems from the resonant interaction
between planets. In the one-planet case, since the protoplane-
tary disc is assumed to only extend down to 0.05 AU, migration
ceases for planets below this radius. In the ten-planet case, on
the other hand, planets can suffer resonant interaction and enter
the innermost parts of the disc. It should be noted, however, that
this difference depends strongly on the adopted value of the disc
inner cavity radius.

A fourth difference is related to planets located at large dis-
tances from their central star. Obviously, since the initial loca-
tion of the planets is assumed to be smaller than 20 AU, plan-
ets in the one-planet case are all located in the inner regions of
the disc. (Although planets can migrate outwards during some
phases of their formation, they generally terminate their migra-
tion at a position closer to the star than the initial one.) In the
ten-planet case, gravitational interactions between planets can
lead to the scattering of planets either towards the outer regions
of the disc (few hundreds of AU), or to ejecting them from the
system alltogether (the outer boundary of the system is assumed
to be at 1000 AU). Some of the planets ejected from the inner re-
gions of the system, but still bound to the star, are quite massive
and could be compared with planets detected by direct imaging
(e.g. Marois et al. 2008; Kalas et al. 2008; Lagrange et al. 2009).
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Fig. 4. Mass versus semi-major axis diagram for a population of planets,
assuming one planet grows in each disc. The colour code shows the frac-
tion of rocky planetesimals accreted by the planet. Planets whose core
is the result of the accretion of rocky planetesimals are in red, whereas
planets whose core has been made by the accretion of icy planetesimals
are in blue. The total number of point is 4936. Planets in the vertical line
at 0.05 AU are planets that reached the inner boundary of the computed
disc. If the computational domain were extended to lower semi-major
axis, their fate is uncertain. They could continue migrating toward the
central star and be accreted, or could stop their migration somewhere in
the inner disc cavity.
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Fig. 5. Same as Fig. 4, but assuming now that ten planetary embryos
are growing and migrating in every protoplanetary disc. The number
of points is 5010. Planets on the vertical line at 1000 AU are planets
ejected from the system. Their mass represents their mass at the time of
ejection. Planets on the vertical line at 0.005 AU are planets that have
collided with the central star. We do not include in our models planet-
star interactions that could modify the orbital evolution of planets in the
innermost parts of the disc.

5.2.2. Mass versus semi-major axis diagrams

The number of planetary embryos we consider in each proto-
planetary disc is a free parameter. In order to ease the compari-
son between the two computations, the total number of planets
in each case is similar (at least at the beginning of the cal-
culation): we have considered 500 systems with ten planets,
and ∼5000 systems with only one planet. The initial locations
of planets, in the two cases, are statistically the same, but, as op-
posed to what was presented in Sect. 5.1, the starting location of
planets in the one-planet case are not exactly the same as in the
ten-planet case.

Figure 4 shows the mass versus semi-major axis diagram of
synthetic planets, in the case where only one planet forms in the
system (case 1). The colour code is related to the composition
of the planetary core, which itself is the result of the accretion
of different kinds of planetesimals (icy planetesimals or rocky
planetesimals). Figure 5 presents the same results, but in the case
of ten planets per system.

After comparing the two diagrams (Figs. 4 and 5), it appears
clearly that not all planets (in terms of mass and semi-major axis)
are affected in the same way by the presence of other bodies. In
particular, the sub-population of massive planets does not seem
to be affected as much, although planets in the ten-planet case are
slightly less massive. Another interesting difference is that plan-
ets in the one-planet case are located closer to the central star,
still in the same mass domain. The origin of both differences is
the competition between planets forming in the same disc. As
planets compete for the accretion of solids, their growth is de-
layed. They start to migrate later in the disc lifetime and start to
accrete gas in a runaway mode at a later time. As a consequence,
their final location is somewhat further out than in the one-planet
case, and their mass is lower. (The mass of the planets is plotted
using a logarithmic scale, which decreases the visual difference
between the two populations.)

In the sub-population of low-mass planets, in particular close
to the central star, the effect of multiplicity is very important.
In the ten-planet case, a population of close-in Earth- to super-
Earth mass planets appears, whereas this region is empty in the
case of one-planet systems. This difference stems from the grav-
itational interactions between planets in the same system. At a
fraction of an AU from the central star, the mass of solids (these
planets are made almost totally from solids) is not high enough
to grow a planet of a few Earth masses, at least not for the disc
masses we consider here. On the other hand, disc-planet angular-
momentum exchange alone (leading to migration) is not strong
enough for these planets to move planets from the outside toward
this region. As a consequence, planets at these distance are either
less massive than the Earth or more massive than ∼10 M⊕. In the
case of a multi-planetary system, planets interact gravitationally
with another member of the same system, which itself is mas-
sive enough to migrate appreciably. As a consequence, an inner,
low-mass planet can be pushed by resonant interaction toward
the inner parts of the protoplanetary disc. However, this does not
imply that the different planets are in mean-motion resonance at
the end of the protoplanetary disc lifetime. Indeed, depending
on the planetary mass, a mean-motion resonance can be broken
during a later phase of disc evolution.

A third sub-population that is notably different between the
two cases is the population of planets below 0.05 AU, at all
masses. The difference again stems from the resonant interaction
between planets. In the one-planet case, since the protoplane-
tary disc is assumed to only extend down to 0.05 AU, migration
ceases for planets below this radius. In the ten-planet case, on
the other hand, planets can suffer resonant interaction and enter
the innermost parts of the disc. It should be noted, however, that
this difference depends strongly on the adopted value of the disc
inner cavity radius.

A fourth difference is related to planets located at large dis-
tances from their central star. Obviously, since the initial loca-
tion of the planets is assumed to be smaller than 20 AU, plan-
ets in the one-planet case are all located in the inner regions of
the disc. (Although planets can migrate outwards during some
phases of their formation, they generally terminate their migra-
tion at a position closer to the star than the initial one.) In the
ten-planet case, gravitational interactions between planets can
lead to the scattering of planets either towards the outer regions
of the disc (few hundreds of AU), or to ejecting them from the
system alltogether (the outer boundary of the system is assumed
to be at 1000 AU). Some of the planets ejected from the inner re-
gions of the system, but still bound to the star, are quite massive
and could be compared with planets detected by direct imaging
(e.g. Marois et al. 2008; Kalas et al. 2008; Lagrange et al. 2009).
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C. Cossou et al.: Super-Earths and giant planet cores
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Fig. 15. Our formation scenario for hot super-Earths and giant planet
cores. These scenarios are represented over the migration map of our
reference disk, showed in Fig. 3.

As the disk dissipates, cores migrate inward with the zero-torque
radii until they disappear. The inner resonant chain of super-
Earths is destabilized as the disk damping is removed. There is
a phase of collisions akin to the last phases of in situ accretion.
The surviving super-Earths are no longer systematically found
in resonances.

Our model is appealing in its simplicity. The same disk can
form multiple types of planets depending on the simple compe-
tition between migration and growth. It naturally explains how
disk with a simple power-law surface density profile can end
up with a big pile up of mass in the inner parts of the system.
By destabilizing resonant chains of migrated embryos during the
dissipation of the disk our model retrieves the attractive aspects
of the in situ accretion model (Hansen & Murray 2013) without
invoking ad hoc or unphysical initial conditions.

Our model requires that embryos form quickly at orbital dis-
tances of several AU. While the formation of these objects is not
fully understood, such cores must indeed form in order to explain
the known gas giants and ice giants. Our model also requires the
existence of a zone in which embryos migrate outward. Type I
migration maps are sensitive to a range of disk parameters; a
non-exhaustive list includes the total disk mass, viscosity, vis-
cosity profile (alpha vs. constant), the opacity table, the accre-
tion rate and the planetary eccentricity (Kretke & Lin 2012;
Bitsch et al. 2013, 2014; Cossou 2013). Nonetheless, a wide
range of tested disk models do indeed contain zones of outward
migration.

6.2. Limitations of the simulations

We consider this study to be a proof of concept. We have demon-
strated that our model is valid and interesting but our simulations
only covered a narrow range of parameter space and were miss-
ing several important e↵ects. We now discuss these limitations.

Our simulations only consider a single, somewhat arbitrary
disk profile. Type I migration maps were produced for a vast
range of disk parameters during C. Cossou’s thesis (see also
Kretke & Lin 2012; Bitsch et al. 2013, 2014). Although there
was a lot of diversity, a broad range of disks had similar struc-
ture. In particular, the important outer lobe of outward migration
was at a similar orbital radius and mass for a range of disk pa-
rameters. The disk detailed in Sect. 3.1 has structure that is char-
acteristic of these disks. Testing additional disk profiles would
nonetheless help constrain the global validity of our model.

We also only considered a single, oversimplified mode for
dissipation of the disk. New models show that the dissipation
of the disk is complex, time-varying and inside-out or, in some
cases, outside-in (see review by Alexander et al. 2013). The most
important aspect of the disk dissipation is to trigger instabili-
ties in the resonant chains formed toward the inner edge, so we
do not expect this to strongly a↵ect our results. Nonetheless, it
would be interesting to include a more realistic treatment of disk
dispersal in this type of simulation.

There are several key e↵ects missing from our simulations.
Probably the most important is that we do not include gas ac-
cretion onto the growing embryos. Gas accretion depends on
the planet’s mass and density and the disk local thermodynamic
properties (e.g. Ikoma et al. 2001; Hubickyj et al. 2005). Even
a small increase in the embryo mass during its inward migra-
tion could have an important consequence, by possibly pushing
it into the outward-migration region. In addition, if any candi-
date giant planet cores undergo rapid gas accretion and become
gas giants, they should carve annular gaps in the disk and tran-
sition to type II migration (Lin et al. 1996; Ward 1997). This
in turn a↵ects the dynamics of the entire system (e.g. Thommes
et al. 2008; Hellary & Nelson 2012).

Likewise, we did not include planetesimals, pebbles or dust
in the simulations. A large reservoir of small bodies should have
both dynamical and accretional consequences at early times.
Small bodies provide both e�cient damping of random veloc-
ities (Chambers 2006) and in some cases can be e�ciently
accreted (Rafikov 2004; Levison et al. 2010; Lambrechts &
Johansen 2012).

We also did not include collisional fragmentation. A sig-
nificant fraction of impacts between embryos should not lead
to perfect merging (Agnor & Asphaug 2004; Asphaug et al.
2006). Rather, there exists a wide range of possible out-
comes (Leinhardt & Stewart 2012; Genda et al. 2012). Although
this does not appear to strongly a↵ect the outcome of late-stage
accretion (Kokubo & Genda 2010) it may a↵ect how fast plan-
ets grow (Chambers 2013), a critical parameter for giant planet
core formation. It remains unclear whether giant impacts have
a negative e↵ect on core growth due to collisional erosion or a
positive one by promoting rapid gas accretion (Broeg & Benz
2012).

Finally, our simulations did not include stochastic pertur-
bations from turbulent fluctuations in the disk (Laughlin et al.
2004; Ogihara et al. 2007). Turbulence a↵ects the stability of
mean motion resonances (Adams et al. 2008; Pierens et al. 2013)
and may play a role in shaping the period ratio distribution (Rein
2012). However, the huge number of planetary embryos (⇠100)
and perturbations that comes with it, act in a similar way and
break resonances through planet-planet perturbations.

6.3. Matching observations

We now put our model in perspective by confronting it with sev-
eral aspects of the observed extra-solar planet population. We
discuss both the specific distributions of certain planet classes
and larger-scale issues.

– The inferred eccentricity and mutual inclination distribu-
tions of Kepler candidate super-Earths (Moorhead et al.
2011; Tremaine & Dong 2012; Fang & Margot 2012). The
planetary systems that formed in simulations in static disks
were too dynamically cold, with very small eccentricities
and inclinations. However, simulations in dissipating disks
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Summary	
  &	
  Conclusions
• Close-in low-mass exoplanets (super-Earths and mini-

Neptunes) are quite diverse in bulk density.
• From viewpoints of planet formation theory, the 

diversity cannot be explained only by rock and H/He. 
Contribution of ice would be needed.

• The effects of orbital migration and gravitational 
interaction among planetary embryos and also the 
condition for gas giant formation (see P31 Venturini) must 
be investigated in more detail.

• Important observational constraints to be obtained:
‣ The number of planets in regions of intermediate 

period and intermediate mass
‣ The ratio of short-period low-mass planets to 

intermediate-period gas giants
‣ Compositions of the atmospheres of close-in low-mass 

planets (see P19 Kawashima)


