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1.4 - Structures 13

In addition to these jets, a slower component is also observed in molecular lines. This
“molecular outflow” is denser and reach velocities v ⇠ 1 � 10 km.s�1. They could be due to
the interaction of the jet with its environment, or they could be a genuine outflow component,
emitted further outside of the disc.

1.4 Structures

The progress in observational techniques (adaptative optics, interferometry) now allows as-
tronomers to resolve the disc and look for signatures of planet formation, accretion or other
unexpected processes. The first class of observations relies on polarimetric di↵erential imag-
ing (PDI) of scattered light emission in the near infrared. This technique allows one to obtain
only the light scattered by dust grains (which is naturally polarised) and not the light of the
central object. They have been used to probe the disc surface of various disc (mainly tran-
sitional discs). Stunning structures such as spiral and rings were found1 in several objects
(Fig. 4).

M. Benisty et al.: Asymmetric features in the protoplanetary disk MWC 758
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Fig. 1. Left and middle: polarized intensity images (Q�) obtained in December 2014 and March 2015, respectively. East is toward the left. Right:
radial map of the deprojected Q� image from March 2015 using i = 21� and PA = 65�. The dashed line indicates a radius of 0.23��. Each pixel has
been scaled with the square of its distance from the star, r2, to compensate for the r�2 dependency of the stellar illumination. The color scale is
arbitrary.

are indicated by arrows in Fig. 1: (1) a spiral arm located in
the south and east (hereafter, the SE spiral) at deprojected dis-
tances r ⇠ 0.26���0.53��; (2) an arc in the west at r ⇠ 0.2��–
0.3��; (3) a spiral arm in the northwest (hereafter, the NW spiral)
at r ⇠ 0.22��–0.34��; (4) an arc located north of the NW spi-
ral at r ⇠ 0.32��–0.53��; (5) substructures inside the spirals at
r ⇠ 0.1��–0.2�� and (6) a substructure branching o↵ the SE spiral
at r ⇠ 0.21��–0.27��. We note that although there is some clear
scattered light signal very close to the coronagraph, the exact
morphology of feature (5) may be a↵ected by the e�ciency of
the AO correction and the coronagraph centering. Appendix A
provides the U� images (Fig. A.1) and S/N maps (Fig. A.2). The
features are detected above the disk background at more than
3� and do not appear in the U� images. This suggests that they
are real and not di↵raction residuals that would a↵ect the Q�
and U� images alike. Although one could naturally see a sin-
gle spiral arm in the west, extending from PA ⇠ 180� to 350�,
the radial mapping (Fig. 1, right) shows that it consists of dif-
ferent features that have a very distinct dependence on the PA,
with a sharp transition at PA ⇠ 240�. In the December 2014 im-
age, feature (2) hosts an area that is ⇠1.5 times brighter than the
NW spiral, at PA ⇠ 240��260�. In the March dataset, the area at
PA ⇠ 260� in contrast seems fainter than the background spiral.
Since it is very close to the residual spiders, it is di�cult to con-
clude whether it is an instrumental e↵ect, or if it has a physical
origin which, considering the timescale of the variations, would
point to a variability in the inner disk. While the detected struc-
tures agree with the HiCIAO H-band image (Grady et al. 2013),
we did not detect a significant di↵erence in the extent of the scat-
tered light signal between the west and the east sides.

4. Spiral feature modeling

Planets embedded in circumstellar disks are known to launch
spiral waves at Lindblad resonances both inside and outside of
their orbit (e.g. Ogilvie & Lubow 2002). The shape of the spiral
wake is determined by the disk rotation profile and by the sound
speed (i.e., temperature) distribution in the disk. In this section,
we attempt to fit the shape of the two regions where there is a sig-
nificant departure from circular symmetry, features (1) and (3),
with a model based on the spiral density wave theory. As the spi-
ral features are very similar in both datasets, and since the ob-
servations in March were obtained under better conditions, we

only fit the corresponding dataset. We assume that the observed
scattered light traces small dust grains that are well coupled to
the gas, and thus, that it indirectly traces the gas. Following the
prescription of Rafikov (2002) and Muto et al. (2012), the spiral
wake in polar coordinates (r,�) follows

�(r) = �c +
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where ↵ and � are the exponents of the disk rotation and
sound speed profiles, respectively: ⌦ / r�↵, cs / r��. hc =
cs(rc)/rc⌦(rc) is the ratio of the pressure scale height H to the
radius (also called disk aspect ratio) at the location of the planet
(rc,�c). The pitch angle of the spirals depends on the disk tem-
perature (hence on the aspect ratio) and the distance from the
launching planet. The flaring index, ↵ � � � 1, determines the
variation of H/r with radius. Equation (4) is valid in the lin-
ear or weakly nonlinear regimes, in which a single spiral wave
is launched by an embedded planet, and approximates well the
shape of the density wave given by the WKB theory (Rafikov
2002).

We attempted to fit both spirals simultaneously assuming
that they are launched by two planets in circular orbit at di↵erent
radii in the disk. We assumed that the disk is in Keplerian rota-
tion and fixed ↵ = 3/2. Varying � has little influence on the fit,
and we fixed � = 0.45, following Andrews et al. (2011). We con-
sidered that hc is a global disk parameter, meaning that the values
of aspect ratios at the locations of the planets should be consis-
tent. This leads to five free parameters in total. We restricted
our models to planets located inside the submillimeter cavity,
whose extent is ⇠0.36�� within large uncertainties (Isella et al.
2010; Andrews et al. 2011) and considered disk aspect ratios of
at most 0.20 to be consistent with the modeling of the spectral
energy distribution (SED; Andrews et al. 2011). The parameters
are thus varied as 0.03 � hc � 0.20, 0.01�� � rc,NW/SE � 0.36��,
0 � �c,NW/SE � 360�, in 20, 50, and 50 linearly spaced values,
respectively.

We deprojected the image and fit the locations of the sur-
face brightness maxima along a set of azimuth angles (PA ⇠
70��200� (80 linearly spaced values) and 280�–340� (50 val-
ues), for the SE and NW spirals, respectively). We minimized
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Fig. 2: SPHERE/IRDIS DPI (left) and ADI (right) images of HD 97048. The recovered disk structure is indicated. In the r2-scaled
DPI image we see signal at the (forward scattering) positions of the two outermost rings recovered in the ADI image. In addition,
we see some signal on the far side of the disk that likely originates from the backscattering side of these outermost rings.

ical value. However, we have to keep in mind that the pressure
scale height for which the 9/7 exponent has been derived is en-
tirely dependent on the temperature and does not directly trans-
late into the height where the disk becomes optically thick for
photons flying radially, so where we would expect the scattering
surface to lie. One possible explanation for the stronger surface
flaring would be, that HD97047 has a more shallow radial slope
of the surface density that would push up the surface height in
the outer regions. Incidentally, this is consistent with the very
low physical scale heigh that we measure in the inner disk re-
gion, expressed in our fit by the very low prefactor of the flaring
powerlaw. E↵ectively, the region inside ⇠50 au is geometrically
flat, pointing to a very low surface density or extremely e↵ective
dust settling.

3.3. Scattered light phase function

The surface brightness of an inclined protoplanetary disk will be
a↵ected by the phase function of the dust which depends on grain
properties such as size, shape, structure and index of refraction
(e.g. Mishchenko et al. 2000). Therefore, a measurement of the
(polarization) phase function of the scattered light image will
allow us to put constraints on the grain properties in the disk
surface of HD 97048. We follow the method from Stolker et al.
(submitted to A&A), which maps the scattered light image onto a
power law shaped disk surface. In this way, we can calculate the
disk radius and scattering angle in each pixel which is required
to determine the scattering phase function and to construct r2-
scaled images that correct both for the inclination and thickness
of the disk.
In Sect. 3.2, we used ellipse fitting to determine at several disk
radii the height of the disk surface where in radial direction the
optical depth is unity. The power law that was fitted to those data
points (see Fig. 6) is used as input for the scattered light map-

ping from which we calculated r2-scaled Q� images3 (see Figs. 1
and 2) and determined the phase function of the SPHERE image
along Ring 2 (130-160 au). The phase function calculation was
not possible for Ring 1 because it shows strong artifacts from
the telescope spider, neither for Ring 3 because the detection is
of low S/N.
DPI observations measure polarized intensity so we have to cor-
rect the polarized intensity phase function for the degree of po-
larization in order to obtain a total intensity phase function.
Scattering of light by protoplanetary dust grains gives rise to a
scattering angle dependent degree of polarization which can of-
ten be approximated by a bell-shaped curve (e.g. Mishchenko
et al. 2002; Min et al. 2005; Murakawa 2010). Therefore, we
use a Rayleigh polarization curve to reconstruct the total inten-
sity phase function. Note that the peak value of the bell-shaped
polarization curve does not a↵ect the result because we work in
normalized surface brightness units.
Figure 7 shows the polarized intensity phase function that is
measured from the SPHERE Q� image, as well as the recon-
structed total intensity phase function that is obtained from the
ratio of the polarized intensity phase function and the degree of
polarization. The polarized intensity phase function is close to
isotropic for most of the scattering angles that are probed with
the SPHERE DPI observations. The degree of polarization de-
creases towards forward and backward scattering angles which
gives rise to the forward scattering peak in the reconstructed to-
tal intensity phase function since we probe scattering angles as
small as 35�. This result is supported by the ADI observation
which shows that the near side of the disk is brighter than the far
side in total intensity (see Fig. 1).
Grains that are much smaller than the observed wavelength scat-

3 We note that our scattered light surface height profile is likely too
steep beyond ⇠270 au, thus the brightness increase in that region of the
image might be somewhat overestimated.
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Figure 4: Scattered light images in the near infrared using polarimetric di↵erencital imag-
ing (PDI). Left: spiral structures observed in MWC758, from Benisty et al. (2015). Right:
multiple ring structures observed in HD97048, from Ginski et al. (2016).

The second class of observation is based on interferometry at millimetric and submilli-
metric wavelengths. The ALMA observatory has been very successful at probing the very
structure of protoplanetary discs with incredible resolution and unexpected results (Fig. 5).

All these observations indicate that discs are not smooth and symmetrical. They are in-
stead structured on length scales comparable to our solar system. Structures are categorised
in spirals, rings and horseshoes, which can be associated to specific physical processes in the
disc. It should be noted that most of these structures are found in transitional discs (with the
notable exception of HL-Tau), i.e. truncated discs which are presumably in the final evolution
stage of protoplanetary discs. All of these structures could be the signature of embedded plan-
ets perturbing the disc structure by gravitational interaction. However, other processes have

1These structures trace the disc surface and not the column density
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November 23 and 0.7 mm on the latter two executions. The
total on-target integration time was !2 hr.

These raw data were calibrated by NRAO staff. After
applying phase corrections from water vapor radiometer
measurements, the data were time-averaged into 2 s integra-
tions and !agged for problematic antennas and times. The
bandpass response of each spectral window was calibrated
using the observations of J1058+0133. The amplitude scale
was determined from J1037–2934 and J1107–4449. The
complex gain response of the system was calibrated using the
frequent observations of J1103–3251. Although images
generated from these data are relatively free of artifacts and
recover the integrated !ux density of the target (1.5 Jy), folding
in additional ALMA observations with a higher density of short
antenna spacings improves the image reconstruction.

To that end, we calibrated three archival ALMA data
observations of TW Hya, from 2012 May 20, 2012 November
20, and 2014 December 31, using 16, 25, and 34 antennas
spanning baselines from 15 to 375 m. The "rst two observa-
tions had four 59MHz wide spectral windows centered at
333.8, 335.4, 345.8, and 347.4 GHz. The latter had two
235MHz windows (at 338.2 and 349.4 GHz), one 469MHz
window (at 352.0 GHz), and one 1875MHz window (at
338.4 GHz). J1037–2934 was employed as a gain calibrator,
and Titan and 3C 279 (May 20), Ceres and J0522-364
(November 20), or Ganymede and J0158+0133 (December 31)
served as !ux or bandpass calibrators. The weather for these
observations was excellent, with PWV levels of 0.5–1 mm. The
combined on-target integration time was 95 minutes. The basic
calibration was as described above. As a check, we compared
the amplitudes from each individual data set on overlapping
spatial frequencies and found exceptional consistency.

The calibrated visibilities from each observation were shifted
to account for the proper motion of the target and then
combined after excising channels with potential emission from
spectral lines. Some modest improvements were made with a
round of phase-only self-calibration. Continuum images at a
mean frequency of 345.9 GHz (867 !m) were generated by
Fourier inverting the visibilities, deconvolving with a multi-
scale, multi-frequency synthesis version of the CLEAN
algorithm, and then restoring with a synthesized beam. All
calibration and imaging were performed with the CASA
package (v4.5.0).

After some experimentation, we settled on an analysis of two
images made from the same composite data set. The "rst used a
Briggs weighting (with a robust parameter of 0) to provide a
24!!!18 mas synthesized beam (at P.A.!=!78°). While this
provides enhanced resolution, it comes at the cost of a dirty
beam with !20% sidelobes (due to the sparse coverage at long
baselines) that degrades the image quality. A second image was
made with a robust parameter of 0.5 and an elliptical taper to
create a circular 30 mas beam with negligible sidelobes. Both
images are consistent (within the resolution differences) and
have rms noise levels around 35 !Jy beam!1.

3. RESULTS

Figure 1 shows a high-resolution map of the 870 !m
continuum emission from the TW Hya disk, revealing a series
of concentric bright and dark rings out to a radial distance of
60 au from the host star with a nearly pole-on viewing
geometry. To aid in the visualization of this substructure,
Figure 2 shows the image transformed into polar coordinates

and azimuthally averaged into a radial surface brightness
pro"le.
The inner disk includes an unresolved (<0.5 au in radius)

0.93!±!0.04 mJy source coincident with the stellar position and
a bright ring that peaks at 2.4 au; between them is a dark
annulus centered at 1 au. The bright ring and dark annulus are
unresolved (<1 au across). Because it is unresolved, the depth
of the dark annulus is dif"cult to determine unambiguously: we
"nd at least a 30% brightness reduction.

Figure 1. Synthesized image of the 870 !m continuum emission from the TW
Hya disk with a 30 mas FWHM (1.6 au) circular beam. The rms noise level is
!35 !Jy beam!1. The inset shows a 0 2 wide (10.8 au) zoom using an image
with "ner resolution (24!!!18 mas, or 1.3!!!1.0 au, FWHM beam).

Figure 2. (top) High-resolution (24!!!18 mas beam) synthesized image
described in Section 2, deprojected into a map in polar coordinates to more
easily view the disk substructure. (bottom) The azimuthally averaged radial
surface brightness pro"le. For reference, the dashed red curve shows the
midplane temperature pro"le derived from a representative model disk. The
gray curve in the bottom left re!ects the pro"le of the synthesized beam.

2

The Astrophysical Journal Letters, 820:L40 (5pp), 2016 April 1 Andrews et al.

optically thick and thin regions, driving any derived values of
dust opacity spectral index to be lower than reality.

3.1.4. Compact Spectral Lines

At 1!. 1 resolution, the HCO+(1-0) emission shows a
morphology similar to the 12CO(1-0) shown in Figure 1(a),
albeit somewhat less extended. Interestingly, it also shows a
barely resolved velocity gradient across the HL Tau disk itself,
though it is confused with the surrounding out!ow gas,
especially to the NE of the disk. Fortunately, at 0!. 25 resolution

most of the out!ow emission is resolved out, making it possible
to spatially resolve the morphology of the HL Tau molecular
gas disk for the "rst time. The 0!. 25 resolution HCO+(1-0)
channel maps shown in Figure 4 reveal: (1) a notable de"cit of
blueshifted versus redshifted emission, (2) HCO+(1-0) absorp-
tion near the systemic velocity 6.5–7.0 km s!1, (3) a roughly
Keplerian velocity distribution with a detectable radial velocity
range of 2.0 to 12.0 km s!1, and (4) comparable gas and
continuum disk sizes (at least at the current sensitivity level).
To further explore points (1) and (2), Figure 5 shows spectra
from the 1!. 1 resolution cubes toward the continuum peak. All
of the lines show absorption at 6.0–7.0 km s!1, indeed CN and
HCN(1-0) are only detected in absorption. Additionally, the
absorption is non-Gaussian in shape, instead showing a gradual
increase in absorption on the blueshifted side compared to a
steeper rise on the redshifted side. As shown in Figure 1(a), the
blueshifted out!ow emerges from the NE of HL Tau and, based
on the continuum disk orientation, propagates toward us at
i 47� °. Self-absorption by this out!owing gas is likely
responsible for both the non-Gaussian line shape and the
de"cit of observable blueshifted disk emission. The deepest
absorption for the CN and HCN transitions occurs at an LSRK
velocity of 7.0± 0.2 km s!1, which we take to be the rest
velocity of the system.
Under the assumption of circular Keplerian motion and

noting that the velocity extrema of HCO+(1-0) emission occurs
at V 5� ± km s!1 (see Figure 4) from the systemic velocity
(7.0 km s!1) at a radius of !25 AU, we "nd that with i 47= °,
the enclosed mass is !1.3M�. This value is near the high end
of the range previously reported for HL Tau (see Section 1).
However, it is clear that even on the less absorbed redshifted
side, the velocity pattern is not so simple and may, for example,
have a contribution from infall (see, for example, Gómez &
D’Alessio 2000). Future detailed radiative transfer analysis
coupled with a physical model will be required to reproduce the
complex HCO+(1-0) absorption and emission toward the
HL Tau disk in order to obtain a more accurate kinematic
stellar mass.

3.2. XZ Tau 2.9 mm Continuum

At 2.9 mm we resolve the known multiple system XZ Tau
into two components, A and B (Figure 1(b) and Table 1; also
see Forgan et al. 2014 and Carrasco-González et al. 2009),
separated by 273± 1 mas at a P.A. of 128.7 0 .5± � . This
separation is 8% smaller than predicted by Forgan et al. (2014)
for a circular, face-on orbit (296± 1 mas), particularly in R.A.
This is likely an indication that the orbit is not face-on, but will
require future observations to con"rm and quantify. Like
Forgan et al. (2014), we "nd no evidence for component “C”
(a putative third star) reported by Carrasco-González et al.
(2009) at 7 mm. Using the 2.9 mm !ux densities from Table 1
and the JVLA 7mm !ux densities from Forgan et al. (2014),
we "nd spectral indices of +1.8± 0.5 for both XZ Tau A and
B, suggesting both have a free–free component in addition to
dust emission (see also Carrasco-González et al. 2009).

3.3. LkH!358 2.9 mm Continuum

At 2.9 mm, we have resolved the LkH!358 disk for the "rst
time in the millimeter continuum to a size of only 21± 1 AU
with an inclination angle of 56 2± ° at a P.A. 170 3= ± ° (see
Figure 1(c) and Table 1). Schaefer et al. (2009) used PdBI to

Figure 3. Panel (a) shows the deprojected 1.0 mm B6+B7 image of
HL Tau (see Section 3.1.3); the angular resolution is 38.6 19.3� mas (P.A .
20.7� � ). Rings for which a full range of ellipse parameters could be "t are

labeled horizontally (solid and dashed lines), while the less distinct rings are
labeled vertically (dotted lines). Panels (b) and (c) show cross-cuts at P.A.
138= ° through the continuum peak of the 1.0 mm continuum and spectral

index images shown in Figures 2(e) and (f) (positive values of distance
correspond to the SE portion of Figure 2(e)). In panel (c) the gray region
delineates the statistical 1� spectral index uncertainty; it does not account for
the absolute !ux uncertainty. For the fully "tted rings, panels (b) and (c) show
dashed lines for the locations of dark rings and solid lines for bright rings. The
"tted offsets from the continuum peak (Table 2) have been taken into account.
Panel (d) shows the same cross-cut as panel (b) but on a Planck brightness
temperature (TB) scale. Panels (b) and (d) are shown on a log scale on the y-
axis. The dashed curve on panel (d) shows a representative power law for TB as
a function of radius with an exponent of !0.65 extending from the B1 peak; it
is not a "t.

7

The Astrophysical Journal Letters, 808:L3 (10pp), 2015 July 20 ALMA Partnership et al.

the standard core-accretion picture, dust grains
must grow from submicrometer sizes to rocky
cores ~10 times the mass of Earth (MEarth) within
the ~10-million-year lifetime of the circumstellar
disk. However, this growth process is stymied
by what is usually called the radial drift and
fragmentation barrier: Particles of intermediate
size [~1 m at 1 astronomical unit (AU) (1 AU =
1.5 ! 108 km = distance from Earth to the Sun),
or ~1 mm at 50 AU from the star] acquire high
drift velocities toward the star with respect to the
gas (3, 4). This leads to two major problems for
further growth (5): First, high-velocity collisions
between particles with different drift velocities
cause fragmentation. Second, even if particles
avoid this fragmentation, they will rapidly drift
inward and thus be lost into the star before they
have time to grow to planetesimal size. This
radial drift barrier is one of the most persistent
issues in planet formation theories. A possible
solution is dust trapping in so-called pressure
bumps: local pressure maxima where the dust
piles up. One example of such a pressure bump
is an anticyclonic vortex, which can trap dust
particles in the azimuthal direction (6–10).

Using the Atacama Large Millimeter/
submillimeter Array (ALMA), we report a high-
ly asymmetric concentration of millimeter-sized
dust grains on one side of the disk of the star
Oph IRS 48 in the 0.44-mm (685 GHz) con-
tinuum emission (Fig. 1). We argue that this can
be understood in the framework of dust trapping
in a large anticyclonic vortex in the disk.

The young A-type star Oph IRS 48 [dis-
tance from Earth ~120 parsecs (pc), 1 pc = 3.1 !
1013 km] has a well-studied disk with a large
inner cavity (a deficit of dust in the inner disk
region), a so-called transition disk. Mid-infrared
imaging at 18.7 mm reveals a disk ring in the
small dust grain (size ~50 mm) emission at an
inclination of ~50°, peaking at 55 AU radius or
0.46 arc sec from the star (11). Spatially resolved
observations of the 4.7-mm CO line, tracing 200
to 1000 K gas, show a ring of emission at 30 AU
radius and no warm gas in the central cavity
(12). This led to the proposal of a large planet
clearing its orbital path as a potential cause of
the central cavity. Although these observations
provide information about the inner disk dy-
namics, they do not address the bulk cold disk
material accessible in the millimeter regime.

The highly asymmetric crescent-shaped dust
structure revealed by the 0.44-mm ALMA con-
tinuum (Fig. 1) traces emission from millimeter-
sized dust grains and is located between 45 and
80 AU (T9 AU) from the star. The azimuthal
extent is less than one-third of the ring, with no
detected flux at a 3s level (2.4 mJy per beam) in
the northern part (fig. S1). The peak emission
has a very high signal-to-noise ratio of ~390, and
the contrast with the upper limit on the opposite
side of the ring is at least a factor of 130. The
complete absence of dust emission in the north of
IRS 48 and resulting high contrast make the
crescent-shaped feature more extreme than earlier
dust asymmetries (10, 13). The spectral slope
a of the millimeter fluxes Fn [0.44 mm com-
bined with fluxes at lower frequencies n (14)]
is only 2.67 T 0.25 (Fn º na), suggesting that
millimeter-sized grains (15) dominate the
0.44-mm continuum emission. However, the
gas traced by the 12CO 6-5 line from the same
ALMA data set indicates a Keplerian disk pro-
file characteristic of a gas disk with an inner
cavity around the central star (Fig. 1B). 12CO 6-5
emission is detected down to a 20 AU radius,
which is consistent with the hot CO ring at 30 AU
(14). This indicates that there is indeed still some
CO inside the dust hole, with a significant drop
of the gas surface density inside of ~25 T 5 AU.
The simultaneous ALMA line and continuum
observations leave no doubt about the relative
position of gas and dust.

The observations thus indicate that large
millimeter-sized grains are distributed in an asym-
metric structure, but that the small micrometer-
sized grains are spread throughout the ring. To
our knowledge, the only known mechanism that
could generate this separation in the distribution
of the large and small grains is a long-lived gas
pressure bump in the radial and azimuthal di-
rection. The reason that dust particles get trapped
in pressure bumps is their drift with respect to the
gas in the direction of the gas pressure gradient:
v!dust ! v!gas º "

!
p (3, 4), where v!dust and

v!gas are the dust and gas velocities and p is
the pressure. In protoplanetary disks without
vortices, this gradient typically points inward,
so dust particles experience the above-mentioned
rapid radial drift issue. If, however, there exists
(for whatever reason) a local maximum of the
gas pressure in the disk (i.e., where "

!
pgas ! 0

and "
!2pgas < 0), then particles would con-

verge toward this point and remain trapped
there (3, 5), avoiding both inward drift and
destructive collisions (14). Because small dust
particles are strongly coupled to the gas, they
will be substantially less concentrated toward
the pressure maximum along the azimuthal di-
rection than large particles. Various mechanisms
have been proposed that could produce a local
pressure maximum in disks; for instance, when
there is a “dead zone” (16) or a substellar com-
panion or planet (14, 17) in the disk, hindering
accretion. Until recently, however, the presence
of such dust pressure traps was purely speculative,
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public of China. 7Dublin Institute for Advanced Studies, 31
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Fig. 1. IRS 48 dust and gas observations. The
inclined disk around IRS 48 as observed with ALMA
Band 9 observations, centered on the star (white
star symbol). The ALMA beam during the observa-
tions is 0.32!! ! 0.21!! and is indicated with a white
ellipse in the lower left corner. (A) The 0.44-mm
(685 GHz) continuum emission expressed both in
flux density and relative to the root mean square
(rms) level (s = 0.82 mJy per beam). The 63 AU
radius is indicated by a dashed ellipse. (B) The
integrated CO 6-5 emission over the highest ve-
locities in contours (6,12,...,60sCO levels, sCO =
0.34 Jy km s!1): integrated over –3 to 0.8 km s!1

(blue) and 8.3 to 12 km s!1 (red), showing a sym-
metric gas disk with Keplerian rotation at an in-
clination i = 50°. The green background shows the
0.44-mm continuum. The position angle is indi-
cated in the upper right corner. (C) The Very Large
Telescope Imager and Spectrometer for the mid-
infrared (VISIR) 18.7-mm emission in orange con-
tours (36 to 120sVISIR levels in steps of 12sVISIR,
sVISIR = 0.2 Jy arc sec!2) and orange colors,
overlayed on the 0.44-mm continuum in green
colors and the 5s contour line in green. The VISIR
beam size is 0.48!! in diameter and is indicated
with an orange circle in the bottom right corner.
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parent molecular cloud (22), accretes material
from its surrounding disk with a mass accretion
rate of 8 ! 10!8 M" year!1 (25). Previous ob-
servations at 0.6! to 1.1! angular resolution were
well described by a smooth and axisymmetric
distribution of material in the disk that extends
near the stellar photosphere and decreases mono-
tonically with distance from the star (20, 23).
To estimate the optical depth of the observed

dust continuum emission, we performed radi-
ative transfer calculations using RADMC-3D (26)
at 1.3 mm (17), using the previous surface den-
sity constraint found for the Elias 2-27 disk (20).
This model reproduces the azimuthally averaged
radial profile of the observed ALMA 1.3-mm con-
tinuum emission (fig. S1) (17). At a radial distance
from the star (hereafter referred to as radius and
denoted by R) larger than R # 10 AU, the emis-
sion is optically thin and thus traces the density
of solid material down to the midplane of the
disk. At the location of the spiral structures (from
R = 100 to 300 AU), the azimuthally averaged
optical depth t of the dust continuum emission
is t = 0.1 at R = 100 AU, decreasing to t = 0.02
at R = 300 AU (fig. S1B), which is consistent
with the measured peak brightness tempera-
ture on the spirals of 1.2 K at R = 150 AU.
The spiral structures are even more evident

in Fig. 2A, in which the data has been projected
into a polar coordinate grid that accounts for
the viewing geometry of the disk. In polar coordi-
nates, a ring with zero eccentricity would have
a constant radius for all polar angles. However,
shown in Fig. 2A are two bright structures that
grow in radius from ~100 to 300 AU as the polar
angle increases. The brightest of these two struc-
tures lies northwest of the star, labeled “NW”;
the spiral structure southeast of the star is labeled
“SE.” In Fig. 2B, we present the surface brightness
contrast of the NW and SE arms, defined as the
ratio between the peak of emission at the arm
and the background surface brightness (17). We
found that both arms have similar contrasts
ranging between values of 1.3 and 2.5. The spiral
arms reach their highest contrast at R = 150 AU,
coinciding with the location in the disk where
gravity has the most influence over thermal pres-
sure and shear forces, that is, where the Toomre
Q parameter is lowest (fig. S2) (17). However,
even at its minimum value Toomre Q is well
inside the stable regime (17). If the spirals arms
suffer from beam dilution (if their physical size
is smaller than the angular resolution of our ob-
servation), a higher optical depth than our pre-
vious estimate could be possible, implying an
even higher density contrast in the arms. Thus,
the contrast values measured for NW and SE are
lower limits.
We determined the local maxima and minima

of emission in the dust continuum observations
at evenly spaced azimuthal angles, after subtract-
ing a smooth monotonically decreasing intensity
profile that best fit the intensity radial profile of
the disk (fig. S3) (17). As demonstrated in Fig. 3,
the emission local maxima (Fig. 3, crosses) describe
two spiral structures, whereas the emission local
minima (Fig. 3, circles) describe an ellipse. We

constrained the geometry of these structures by
modeling their location in polar coordinates
(where R is the distance from the star located at
the origin and q is the angle from the x axis),
taking into account that these structures have
been inclined and rotated with respect to our
line of sight by their inclination (i) and position
angle (PA). The emission local minima were fitted
with a circular ring (R = a0, where a0 is the
radius at which the gap is located), whereas
the emission local maxima were fitted with two
symmetric logarithmic spirals (R = R0 e

bq, where
R0 is the spiral radius at q = 0°, and b is the rate
at which the spirals increase their distance from
the origin). The best-fit parameters for the sym-
metric spirals that describe the local maxima
are R0 = 84 ± 4 AU and b = 0.138 ± 0.007 (which
corresponds to a pitch angle of f= 7.9° ± 0.4°),

whereas the circular ring that describes the local
minima has a radius of a0 = 71 ± 2 AU. The
geometry of the spiral arms and dark ring can
all be described with a single inclination angle
of i = 55.8° ± 0.9° and position angle PA =
117.3° ± 0.9°. The best-fit model and constraints
at the 3s level are shown in Fig. 3 for the spiral
arms and dark ring.
Spatially resolved molecular line observations

of CO and two isotopologues, simultaneous to the
continuum observations discussed here, suggest
that the southwest side of the disk is tilted
toward Earth while the disk rotates in a clock-
wise direction in a Keplerian velocity pattern
(figs. S4 to S7) (17). It is most likely that the
observed NW and SE spirals point away from
the direction of rotation—that these are trailing
spiral arms.

1520 30 SEPTEMBER 2016 • VOL 353 ISSUE 6307 sciencemag.org SCIENCE

Fig. 1. Thermal dust emission from the protoplanetary disk surrounding Elias 2-27. The disk was
imaged at a wavelength of 1.3 mm,with ALMA reaching an angular resolution of 0.26! by 0.22! (indicated
by the ellipse in the bottom left corner), which corresponds to 36 by 31 AU at the distance of the star.
The field-of-view center (at 0, 0) corresponds to the disk emission peak located at right ascension (J2000) =
16 hours 26 min 45.024 s, declination (J2000) = –24 degrees 23 min 08.250 s, and coincidental with
the position of the star Elias 2-27. (A) 1.3-mm dust continuum image from the Elias 2-27 proto-
planetary disk over a 4! by 4! area. The color scale represents flux density measured in units of Jansky
per beam (1 Jy = 10!26 W m!2 Hz!1). (B) Increased contrast image from processing the original ALMA
observations shown in (A) with an unsharp masking filter (17).

Fig. 2. Polar projection of disk emission and measured contrast over the spirals in the Elias 2-27
protoplanetary disk. (A) Projection onto polar coordinates (polar angle q versus deprojected radial
distance to the central star R) of the dust continuum observations from the Elias 2-27 disk.The emission
has been scaled by R2 in order to aid visualization, and the polar angle is defined as q = 0° (north) increasing
toward east. Curves correspond to the best-fit model spirals for the NW and SE arms (dashed lines) and
their constraint at the 3s level (solid lines). (B) Surface brightness contrast of the continuum emission along
each spiral arm, defined as the ratio between the peak of emission and the background surface brightness
(17), which is computed at increasing radial distance from the star.
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Figure 5: Top left: Ring-like structures observed in TW Hydra. From Andrews et al. (2016).
Top right: multiple ring structure in a deprojected image of HL-Tau from Partnership et al.
(2015). Bottom left: horsehoe-like structure observed in Oph IRS 48 at sub-mm wavelengths
(green, tracing mm-sized dust) and corresponding scattered light infrared emission (yellow,
tracing µm size dust) from van der Marel et al. (2013). Bottom right: spiral structures seen at
sub-mm wavelengths in the young and massive disc of Elias 2-27, from Pérez et al. (2016)

been proposed which do not assume planets. One of the key questions is therefore whether or
not these structures are necessarily a signature of embedded planets.

1.5 Turbulence and magnetic fields

Turbulence is likely one of the key elements of any dynamical theory for the evolution of discs.
Theoretical arguments (see §4.4) show that turbulence should be subsonic in these systems i.e.
that chaotic motions of the gas are slower than the sound speed. This implies that turbulence is
di�cult to detect since the turbulent broadening of spectral lines is comparable to the thermal
spreading of the molecules constituting the gas. For this reason, heavy molecules such as
CN and CO tend to be preferred to detect turbulence, since their thermal velocity is lower
compared to lighter molecules at a given equilibrium temperature. High-resolution spectra
obtained from ALMA for CO lines indicates that turbulence is very weak, if any (Flaherty



Young disc are often observed in association with outflows
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12 Observational context

magnetic field. The gas then ends up in a nearly free fall speed and hits the stellar surface by
forming an accretion shock. The luminosity of this accretion shock observed in UV bands is
directly related to the accretion rate in the accretion columns and therefore in the innermost
disc. It should be kept in mind that accretion rates deduced by this method are not necessarily
accretion rates in the entire disc, which can in principle vary with radius if the disc is not in
steady state. Typical results show accretion rates of the order of 10�8 M�/yr with uncertainties
of the order of an order of magnitude (e.g. Fig. 2-left). These accretion rates tend to decrease
over timescales of a few million years.

The second observational evidence lies in the proportion of stars showing disc features
(accretion on the stellar surface, or infrared excess signifying the presence of dust around
the star) as a function of the stellar age. The disappearance of these signatures in older stars
allows one to evaluate the typical gas and dusty disc lifetimes. These two time scales do
not necessarily match as the gas disc could, for instance, disappear before the dusty disc.
However, they both show the same trend: disc tends to disappear on a timescale of a few
million years (Fig. 2-right).

By combining this information, and assuming that accretion is approximately constant
during the lifetime of these objects, one deduces that typical protoplanetary disc masses range
from 10�3 M� to 10�1 M�.

1.3 Ejection: winds and jets

Atomic Jet

Molecular outflow

Disc seen edge on

Figure 3: Observation of an atomic jet and a molecular wind observed in CO(2-1) by ALMA
in HH30, a protoplanetary disc seen edge-on. Courtesy of C. Dougados (Dougados et al.
2017).

Protoplanetary discs are often observed in association with large-scale winds and jets.
Jets are often seen in forbidden emission lines and correspond to fast collimated flow (v >
100 km.s�1). Their high velocity suggests they are launched from the inner few AU of the
disc (Frank et al. 2014). The typical outflow rate is estimated to be of the order of 10% of the
accretion rate in classical T-tauri stars (Frank et al. 2014).

12 Observational context
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Protoplanetary discs are often observed in association with large-scale winds and jets.
Jets are often seen in forbidden emission lines and correspond to fast collimated flow (v >
100 km.s�1). Their high velocity suggests they are launched from the inner few AU of the
disc (Frank et al. 2014). The typical outflow rate is estimated to be of the order of 10% of the
accretion rate in classical T-tauri stars (Frank et al. 2014).

HH30: a disc+jet+wind seen edge on  
[Louvet+ 2018]

Ṁacc = 2⇥ 10�8M�/yr

Molecular wind

ṀJet = 2⇥ 10�9M�/yr

ṀWind = 9⇥ 10�8M�/yr



Accretion rate onto the stellar surface
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L. Venuti et al.: Mapping accretion and its variability in the young open cluster NGC 2264

    Accretion bursts
    Variable extinction

Fig. 16. Ṁacc distribution as a function of stellar mass for the population of NGC 2264 accreting members observed at CFHT. Upper limits are
shown for those objects that fall below the estimated confidence threshold for accretion detection (see text). For some objects, no significant Ṁacc
has been detected at the median state of the system, but they do show a significant accretion activity (i.e., above the detection level) at the brightest
state; in these cases, an upper limit is placed at the detection threshold, while a cross marks the maximum Ṁacc actually detected. Orange dots and
green triangles mark two subgroups of objects dominated respectively by stochastic accretion bursts and variable extinction from a rotating inner
disk warp (Stau!er et al. 2014).

the degree of disentanglement between the observed mass-Ṁacc
dependence and the e!ects of censoring in the data.

A statistical approach that allows us to infer a robust measure
of correlation in a given sample, in presence of multiple censor-
ing (both ties, here points at the same x-value but with di!erent
y-values, and non-detections, i.e. upper limits), is a generaliza-
tion of Kendall’s ! test for correlation (see Feigelson & Babu
2012; Helsel 2012). The test consists in pairing the data points
(measurements and upper limits) in all possible configurations
and, for each pair, measuring the slope (positive or negative) of
the line connecting the two points. A pair of data points having
the same x-value will be counted as an indeterminate relation-
ship, likewise a pair of upper limits; upper limits will uniquely
contribute a definite relationship when paired with actual detec-
tions at higher y-value. The number of times positive slopes oc-
cur is then compared to the number of negative slopes, and their
di!erence weighted against the total number of available pairs.
This defines the statistical correlation coe"cient, !. ln this pic-
ture, upper limits have the e!ect of lowering the likelihood of
a correlation, if this is present in the data, as they introduce a
number of indeterminate relationships among the tested pairs.
Conversely, no correlation will be found in a pure sample of up-
per limits, even though these trace a well-defined trend, since

the number of pairs with definite relationship will be zero. In
the null hypothesis of no correlation, ! is expected to follow a
normal distribution centered around zero; by measuring the de-
viation from zero of the actually found value, in terms of ", it
is thus possible to assess a confidence level for the presence of
correlation in a given sample.

The application of this statistical tool to our data allowed us
to establish the presence of a correlation (! ! 0.28) that appears
to hold across the whole mass range studied here with a confi-
dence of more than 6". The robustness of this result was tested
against a similar search for correlation in randomly generated
distributions of Ṁacc in the log range ["10.5 ,"6.5] for the same
stellar population with the same individual detection thresholds.
The ! distribution inferred from 100 iterations is peaked around
! = 0.00 (no correlation) with a " of 0.04; this suggests that
indeed an intrinsic correlation is observed in our data to a sig-
nificance of >6". We then inferred a statistical estimate for the
slope following the approach of Akritas-Theil-Sen nonparamet-
ric regression (see Feigelson & Babu 2012):

1. we derived a first guess for the slope from a least-squares fit
to the data distribution and explored a range of ±0.5 around
this first estimate with a step of 0.005;

A82, page 15 of 24

[Venuti+2014]
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Mass accretion requires angular momentum transport

Angular momentum transported in the disc 
bulk (via turbulence or waves) 
One defines a « turbulent » viscosity

9

⌫t = ↵csH

Angular momentum 2H

«turbulent transport» «sound speed» «1/2 disc thickness»

to explain observed accretion rates↵ 2 [10�3, 10�1]

« Viscous » disc

Angular momentum

Magnetised wind

Angular momentum extracted from the disc 
by a magnetic wind 
[Blandford & Payne 1982, MNRAS, 199, 883] 
Magnetic field exerts a torque on the disc 
which generates accretion  
(not described by α-disc!)



15 years ago, life was « easy »

10

One didn’t have to wear 
masks at all time

George Bush was the  
US president

The United Kingdom was a 
member of the European Union

Viscous disc model was justified by  
MRI-driven turbulence

↵

<latexit sha1_base64="3ACibY6YRB6AkgqqQdxZjU+iMhc="></latexit>

Magnetorotational 
instability  

[Balbus & Hawley 1991]



Ionisation sources in protoplanetary discs
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~1AU ~30AU

Thermal 
ionisation

X-rays 
Far-UV

Cosmic rays

« non ideal » MHD effects 

Ohmic diffusion (electron-neutral collisions) 

Ambipolar Diffusion (ion-neutral collisions) 

Hall Effect (electron-ion drift) 

Amplitude of these effects depends strongly on location & composition



Ohmic resistivity
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MRI-driven turbulence 
is stabilised when 
Rm<1 [Jin 1996]

[Thi+2018]

W.-F. Thi: Grain charging in protoplanetary disks
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Fig. 8. Ohmic Elsasser number for the DIANA typical disk (first row). White contours correspond to the location of the total charge in the disk.
Ambipolar di↵usion Elsasser number is shown in the second row. The location where the C and C+ abundances are equal are overplotted in red.
The stability criterion (74) for all modes to be damped, corresponding to a dead zone, is shown in the lower panels (Jin = 1). The left column are
models with �mid=104 and the right column are models with �mid=106.14

Dead 
zone

« Historical » dead zone [Gammie 1996]



Ambipolar diffusion
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W.-F. Thi: MRI in protoplanetary disks
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Fig. 8. The Elsasser Ohm number is shown in the upper panels for the DIANA typical disk and. The white contours corresponds the location of the
total charge in the disk. The middle panels show the ambipolar di↵usion number in the disk models. The location where the C and C+ abundances
are equal are overplotted in red. The criterion for all modes to be damped is shown in the lower panels. The lefts panels are models with �mid=104

and the right panels are models with 106.14

Dead zone

Am<100 MRI is suppressed

[Thi+2018]

extended dead zone

Discs are too diffusive to sustain MHD turbulence. 

[Perez-Becker & Chiang 2011]
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Line broadening
Emission lines from the gas are broaden by: 

Keplerian rotation 

Thermal velocity 

Turbulence
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from !tting the low-resolution spectra which has different
values of Tmid0 and Tatm0, and predicts a CO ice line at Rice=
103 18

23
�
� AU, but produces similar images.
While our models do not treat the dust, assumptions about

the dust distribution may still be implicit in our models.
Jonkheid et al. (2007) !nd that in their chemical models the
depletion of dust from the upper layers of the dust leads to a
drop in the gas temperature. In the context of the D’Alessio
et al. (2006) models, Qi et al. (2011) show that the settling of
large dust grains will affect the height at which the disk reaches
the atmosphere temperature; in other words more settling
results in lower Zq0. Our assumed value of Zq0 is most similar
to models with little dust settling (Qi et al. 2011). The
signi!cant degeneracy between Zq0 and Tatm0 means that a
model with lower Zq0, when combined with a lower Tatm0,
would !t the data as well as the models presented here.
Rosenfeld et al. (2013a), using the same functional form for the
vertical temperature pro!le as we do here, !nd that the data can
be !t with Tatm0= 64 K, given Zq0= 43 AU. This atmosphere
temperature is much lower than our Tatm0= 86± 1 K but the
difference in Zq0 means that both models produce a nearly
identical gas temperature at the != 1 surface. Further data
probing the uppermost layers in the disk atmosphere, where CO
is photodissociated, are needed to break this degeneracy.

Overall we are able to !nd a model that accurately !ts the
data and is consistent with previous radiative transfer models of
the HD 163296 system. By carefully accounting for parameter
degeneracies and systematic effects due to assumptions about
the distance and "ux calibration, we can measure the statistical
and systematic uncertainties in temperature and density
structure of the disk. This indicates that our derived disk
structure is not going to strongly bias our characterization of
turbulence.

4.1.1. Turbulence

When !tting either the high-resolution or low-resolution CO
(3-2) spectra, we consistently !nd low levels of turbulence
(Table 1). We conservatively quote three-sigma upper limits of
vturb< 0.03 cs and vturb< 0.04 cs, respectively. In the

uppermost layers of the CO region, these limits correspond to
velocity dispersions of less than !9–19 m s"1, with higher
velocities at smaller radii. While we have some constraint on
the inner disk from the high velocity channels, most of the
information about the turbulence comes from the spatially
resolved outer disk (R> 30 AU) and our upper limit is
indicative of the behavior in this region. Our limit is well
below the spectral resolution of even the high-resolution data
("v= 0.1 km s"1). To test whether we can distinguish between
turbulence at the resolution limit from much weaker non-
thermal motion, we run an additional MCMC !t to the low-
resolution CO(3-2) data with vturb !xed at 0.1 km s"1 while
allowing the other model parameters to vary. Figure 6 shows
the best-!t vturb= 0.1 km s"1 model along with our !ducial low
turbulence model, using a Gaussian !t to the short-baseline
visbilities to derive the spectra. The low turbulence models are
a much better !t to the spectra, and the chi-squared, which
captures the behavior of the full three-dimensional data set, also
!nds a signi!cantly better !t (>10# signi!cance) from the low-
turbulence models. This behavior indicates that !tting a model
to the full data set has a stronger diagnostic power than the
broadening of the line in the spectral domain. Simon et al.
(2015) have suggested the peak-to-trough ratio as a potential
diagnostic of turbulence. They found in simulated observations
of numerical MRI simulations, with typical vturb! 0.1–0.5 cs at
the CO(3-2) emitting surface, that the peak-to-trough ratio
decreases as the turbulence increases. This behavior can be
seen in Figure 6 where the vturb= 0.1 km s"1 models have a
much lower peak-to-trough ratio than the low-turbulence
models and the data, consistent with the conclusion that the
turbulence is weaker than 0.1 km s"1.
Peak-to-trough ratio is a one-dimensional metric that

provides a convenient way of diagnosing differences in the
three-dimensional data set. Variations in the temperature can
also affect the peak-to-trough ratio, however the uncertainty in
temperature is dominated by the uncertainty in the "ux
calibration and within the range of temperatures given by this
uncertainty the peak-to-trough ratio is substantially more

Figure 5. In !tting the low-resolution CO(3-2) data we see evidence for a
degeneracy between Tmid0 and Tatm0. As Tmid0 increases the disk becomes
puf!er, raising the ! = 1 surface higher in the disk where it is warmer, and
Tatm0 must then adjust downward to maintain the same "ux from the ! = 1
surface.

Figure 6. CO(3-2) high resolution spectra (black line) compared to the median
model when turbulence is allowed to move toward very low values (red dotted–
dashed lines) or when it is !xed at 0.1 km s"1 (blue dashed lines). All spectra
have been normalized to their peak "ux to better highlight the change in shape.
The models with weak turbulence provide a signi!cantly better !t to the data
despite the fact that the turbulence is smaller than the spectral resolution of
the data.
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Measuring line  
broadening due to 

turbulence requires very 
precise measures/estimates 

of      and  

[Flaherty+2015]

Turbulence velocity smaller 
than 0.04 cs



Dust settling (I)

The thickness of the dust layer depends on the 
competition between settling and turbulent mixing

16

Dust 
settling

Turbulent  
mixing



Dust settling (II)

17

Assume the disc is organised into rings

Thick dust disc Thin dust disc

In a thick disc seen inclined, the dark bands are strongly non-axisymmetric  



Dust settling (III)

HL tau dust disc is very thin (H/R<0.01)       [Pinte+2016] 

Very strong settling
18

Thin disc model Thick disc model

HL tau, as seen by ALMA observatory 
[ALMA partnership 2015]



Dust settling 
in edge on discs
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ALMA band 6

mm-sized dust grains are strongly settled          low level of turbulence

100 AU
[Courtesy F. Ménard]

HST

HH30



Summary: Failure of the turbulent disc model

Discs are very weakly ionised 

“Non-ideal” MHD effects 

MHD turbulence too weak to explain 
observed accretion rates  
[Turner+2014, PPVI]

20

Theoretical Observational

Turbulent line broadening (CO, DCO+) smaller 
than expected from MHD turbulence  
[Flaherty+2015, 2017] 

Vertical dust settling stronger than expected 
from MHD turbulence [Pinte+2016]

Turbulence (if it exists) is much weaker than 
anticipated in the turbulent disc model

Key questions 

What drives accretion in protoplanetary discs? 

Which process is responsible for the large scale structures we observe?



Today’s special
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Starters

Mains
Observational overview salad

Magnetised surface winds soufflé

Appetisers
Accretion theory in a nutshell

https://www.google.com/imgres?imgurl=https%3A%2F%2Fasda.scene7.com%2Fis%2Fimage%2FAsda%2F3168430244849%3Fhei%3D532%26wid%3D910%26qlt%3D85%26fmt%3Dpjpg%26resmode%3Dsharp%26op_usm%3D1.1%2C0.5%2C0%2C0%26defaultimage%3Ddefault_details_George_rd&imgrefurl=https%3A%2F%2Fdirect.asda.com%2Fgeorge%2Fhome-garden%2Fpots-pans%2Ftefal-extra-non-stick-b3010572-frying-pan-26cm%2F050302462%2Cdefault%2Cpd.html&docid=nQE9vJ9gP9ABDM&tbnid=mwbwzDKE6pCy3M%3A&vet=10ahUKEwiqtPuF2eXbAhXMuRQKHV2WBZ0QMwg0KAIwAg..i&w=910&h=532&safe=off&client=firefox-b&bih=1029&biw=1864&q=frying%20pan&ved=0ahUKEwiqtPuF2eXbAhXMuRQKHV2WBZ0QMwg0KAIwAg&iact=mrc&uact=8


A little experiment
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Origin of a large scale field
Collapse calculation (initial phases of star+disc formation)

23

J. Masson et al.: Ambipolar di↵usion in low-mass star formation. I.
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Fig. 8. Visualisation of the disk structures. Top row: panels a) and b) show side and top views, respectively, of the disk density (orange), with the
velocity vectors superimposed for µ = 5. Panels c) and d) are the same side and top views, but showing the plasma � parameter (colour map), over
which we plot the magnetic field direction for the side view c) and the velocity vectors for the top view d). Bottom row: same as for the top row,
but for the µ = 2 simulation. Each row has a di↵erent spatial scale.
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Fig. 9. µ = 5, aligned case. Toroidal (v✓) velocity as a function of radius
for disk cells. The pink dashed line is the fit (in the log/log space) of
the blue points by a power law axb. The grey dashed line is the same fit
but by enforcing b = �1/2. The vertical dotted line at 7 au is the inner
radius for the fit.

the disk inner radius coincides with the outer layers of the core,
and the disk slowly grows as matter is accreted. The final radius
is about 20 au with a mass of 0.03 M�. The aspect ratio remains
close to unity, and the structure exhibits the same characteristic
properties as in the previous case: it has a close-to-Keplerian
velocity field with a high plasma � in the rotationally domi-
nated structure, while in contrast, the regions outside the disk
are magnetically dominated. No spiral arms have developed in
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Fig. 10. Disk mass evolution. Solid lines: µ = 5; dashed lines: µ = 2.
Black: aligned case. Red: misaligned case. t = 0 corresponds to the first
core formation to allow direct comparison between cases.

this case, even at the end of the simulation, but steady state has
not been reached yet as the disk is still slowly accreting.

As an important global remark, we note that since values of
� � 1 in the disk are found in all our simulations in niMHD for
any initial condition, a �-based criterion could thus be used as a
robust disk criterion in niMHD simulations6.

6 This criterion encompasses the core itself, which needs to be re-
moved from the disk by considering the thermal to kinetic energy ratio,
as done in Joos et al. (2013).
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Wind-driven accretion in dead zones

24

~1AU ~30AU

«Dead zone»

[Bai+ 2013, Lesur+ 2014, Simon+ 2015]

Large-scale magnetic field



Global simulations 
Numerical setup

25

Disc including Ohmic diffusion, 
Hall effect & Ambipolar diffusion

Poloidal field threading 
the disc

Ionised corona thanks 
to UVs and Xrays

3D grid 
Pluto code, static mesh 

refinement



Global picture
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Accretion 
streamers

supersonic 
outflow

�p = 104, Ammid = 1average from t=1700 orbits to t=2400 orbits

« looks » 
laminar…



Global simulations 
Accretion mechanism
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William Béthune et al.: Global simulations of protoplanetary disks with net magnetic flux
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Fig. 7. Accretion in the disk region of run R10-M3-C2 (fiducial), be-
tween r 2 [3, 8] r0; the actual mass flux (solid black) is decomposed
into radial (dashed blue) and vertical (red dots) torques as explicited in
Eq. (9); the sum is drawn (dashed cyan) to validate this decomposition.

4.1.4. Cold, magnetized wind

We have shown that a wind is launched by the outer half of the
disk, where the Maxwell stress transports angular momentum
from the disk to the corona. We qualify these winds as ‘cold’
since the ratio of sound speeds between the disk and the corona
is set to k = 2 (which corresponds to a factor 4 in temperature).

To characterize these winds, we first look at the dynamics of
a fluid element. We average every quantity in azimuth and time,
and compute the characteristic velocities along a streamline in
the poloidal plane. We recall the definition of the slow (minus
sign) and fast (plus sign) magnetosonic waves velocity:

v2
± ⌘

1
2

✓
v2

A + c2
s ±

q
(v2

A + c2
s)2 � 4c2

sv2
Ap

◆
, (15)

where the index p stands for the poloidal component of a vector.
These velocities are relevant only in the ideal MHD regime.

As apparent in Fig. 8, the fluid poloidal velocity monoton-
ically increases, and crosses all characteristic MHD velocities.
Surprisingly, the fast-magnetosonic point is located right before
the domain boundary. The same is true in several, but not all
runs (see for example Fig. 13). This fact was already observed
in stratified, shearing-box simulations (Fromang et al. 2013). It
indicates that our boundary conditions are still, somehow, con-
straining the flow structure down to the disk in this run.

The mass transported by the wind is computed via Eq. (10).
We estimate its average value ṁW ⇡ 2.6 ⇥ 10�4 in code units,
corresponding to approximately 2.3⇥ 10�7 M�. yr�1 for this run.

We compute separately the acceleration ap ⌘ vp@pvp, and the
acceleration caused by the forces F along the streamline. These
include the thermal pressure gradient, the Lorentz force, and the
inertial force due to gravitational and centrifugal accelerations:

Finertia ⌘ �⇢
⇣
r� + v · rv � vp@pvp

⌘
. (16)

We present the resulting accelerations F/⇢ in Fig. 9, normalized
by the Keplerian value aK ⌘ v2

K/r at the streamline base. The
sum of the forces decently reproduces the true acceleration, in
spite of the variability of the flow. The thermal pressure gradient
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v
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Fig. 8. Velocities projected on a streamline passing through (r = 6r0, z =
5h) in run R10-M3-C2 (fiducial), averaged from 400T0 to 500T0, and
normalized by the Keplerian velocity at the launching radius vK0; flow
velocity v (solid black), sound speed cs (dashed orange), Alfvén velocity
vA (dashed green), slow magnetosonic speed v� (dashed blue) and fast
magnetosonic speed v+ (red dots).

helps accelerating the flow, but it is significantly weak than the
Lorentz force. The latter barely compensates the inertial term,
resulting in an overall small wind acceleration ap/aK0 . 2%.
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Fig. 9. Acceleration along a streamline passing through (r = 6r0, z =
5h) in run R10-M3-C2 (fiducial), averaged from 400T0 to 500T0, nor-
malized by the Keplerian acceleration aK0 at the streamline base. The
sum of the di↵erent forces (dashed cyan) is shown to validate this de-
composition.

We split the specific angular momentum of a fluid element
into its matter and magnetic contributions:

j ⌘ rv'|{z}
matter

� rB'/|{z}
magnetic

, (17)

where  ⌘ ⇢vp/Bp is the ratio of mass over magnetic flux along
the streamline. Both j and  should be invariant along stream-
lines for stationary, axisymmetric, ideal MHD flows (Chan-
drasekhar 1956; Pelletier & Pudritz 1992). We show in Fig. 10
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wind-driven accretion

Ṁacc = Ṁturb + ṀMHD wind

Total accretion rate « Turbulence » 
contribution

MHD wind 
contribution

ṀturbṀacc Ṁwind

G. R. J. Lesur : Towards a systematic description of wind-driven protoplanetary discs

Fig. 2. Flow topology in the fiducial run (ambipolar diffusion only ΛA = 1). Top row: poloidal streamlines (white) and log of the sonic Mach
number. Bottom row: poloidal field and log of density, normalised so that the midplane density at R = 1 is unity. Note that the colour scales are
identical between the columns. From left to right the disc magnetisation increases: β = 105 ; 103 ; 35. The green lines denotes critical lines of the
flow: Alfv’enic (plain) and fast magnetosonic (dot-dashed). The green dashed line represents the disc "surface" where the flow becomes ideal,
arbitrarily located at z = 3.5h for all of the solutions.

where I have split Ṁacc in a contribution from the radial (ṁR)
and vertical (ṁz) stresses. Even though these are usually referred
to as "turbulent" and "wind" contributions (even in cases where
the flow is laminar), I insist here that there is no turbulent stress.
Hence both contributions are intrinsically due to the wind. Using
the power law scalings in Fig. 3, I find that

ṁz

ṁR
= 1.5β0.26.

Hence whenever β ≫ 1, the vertical stress is largely dominant
and the radial transport of angular momentum can be neglected
altogether, which is consistent with previous 3D numerical sim-
ulations (Béthune et al. 2017).

Neglecting ṁR, I can derive the mass accretion rate in a real-
istic disc using only the scaling for υ±, which gives

Ṁacc = 6.6 × 10−8
#

Σ

10 g.cm−2

$ / R
10 A.U.

00.5
×

#
M
M⊙

$0.5 /
β

104

0−0.78

M⊙/yr, (18)

or substituting β with the field strength and the surface density

Ṁacc = 1.6 × 10−8
#

Σ

10 g.cm−2

$0.22 / R
10 A.U.

02.08 # M
M⊙

$−0.28

×
/
ε

0.1

0−0.78 / Bz

1 mG

01.56

M⊙/yr. (19)

It is worth noting that the mass accretion rate does not de-
pend strongly on the disc surface density, in contrast to the usual
viscous disc model. Instead, I find that it is the field strength that
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[Lesur 2021]

Accretion rate is mostly controlled by the poloidal field strength



Ejection efficiency

Wind mass loss rate defined as 

Ejection efficiency is 

Typically have  
[Béthune+2017, Bai 2017, Wang+2018, Lesur 2021]
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⇠ = 0.2—1

Mass accretion rate onto the star can be significantly 
smaller than the wind mass loss rate 

Rin R⇠ =
2⇡R2[⇢uz]surface

Ṁacc

<latexit sha1_base64="FNdkoCmPwEUUOJ2SJr+MdfJ3Yf0="></latexit>

Ṁwind = 2⇡

Z R

Rin

dRR[⇢uz]surface

<latexit sha1_base64="8SzlokAldXXPEJa2Yfn41/Gjkww="></latexit>

Ṁwind

<latexit sha1_base64="TfdbOKCS1bqqY+ohQ4kuSGX0GHQ="></latexit>

Ṁacc

<latexit sha1_base64="zxqneAZCjNsGL6eVrhBwmMwQl38="></latexit>



Dust Dynamics
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A. Riols and G. Lesur: Ring formation and dust dynamics in PP discs
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Fig. 1. Right: average gas density and streamlines in the poloidal plane. Left: average toroidal field and poloidal field lines. All quantities are
averaged between t = 250T0 and t = 1000T0.

Fig. 2. Top: vertical profiles of the radial and vertical velocity; bottom:
vertical profiles of the radial and toroidal magnetic fields. Quantities
are averaged between R = 25AU and R = 50AU and in time between
t = 250T0 and t = 1000T0.

Fig. 3. Time evolution of the radial (blue) and vertical (orange) torques,
averaged radially and vertically, appearing in the right hand side of the
angular momentum equation (Eq. 29)
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gas
dust grains

[Riols & Lesur 2019, 
Riols+2020]

Levels of turbulence in models are compatible with observed dust settling

A. Riols and G. Lesur: Dust dynamics in outer regions of protoplanetary discs
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St=0.01, non-ideal simulation b = 103

St=0.01, ideal MRI simulation (Fromang et al. 2006)
ALMA constraints by Pinte et al. 2016 (0.87-2.9 mm)

Fig. 18. Vertical density profile of the millimetre dust simulated at 30
AU (St ' 0.025) and comparison with ALMA observations. The red
profile corresponds to our simulation with � = 103 and ambipolar dif-
fusion (Am = 1). The purple profile is that obtained in the ideal (zero
net flux) MRI simulation of Fromang et al. (2006) for the same Stokes
number. The orange area corresponds to the range of profiles compati-
ble with the 0.87-2.9 mm dust continuum emission measured by ALMA
(Pinte et al. 2016). To help the comparison, the density profiles are all
normalized with ⇢0 = 1; the gas profile is represented by a blue line. The
x-axis unit is in AU, the conversion is about 1H ' 2.5 AU at R = 30
AU.

200 for � = 103. Hence, the gas transport is always much larger
than the vertical dust transport. This in contrast with ideal MRI
turbulence simulations (either zero or non-zero net vertical flux)
for which typical Schmidt number is never larger than 10 (Jo-
hansen et al. 2006; Fromang et al. 2006). We can interpret this
result as a consequence of enhanced Maxwell to Reynolds stress
ratio at large Bz (see Section 3.1). In fact, in non-ideal MHD
flows, angular momentum is mainly extracted through coronal
winds and laminar Mawell stress, while dust is more sensitive to
turbulent gas motions. Note that the large S c found in our sim-
ulations, as well as the the small Hd/H and ⌧corr⌦ ' 0.5, seem
incompatible with the recent non-ideal MHD simulations of Zhu
et al. (2015) with ambipolar di↵usion. Indeed in their case, they
found S c . 1 and di↵usion coe�cients 10 to 20 times larger than
ours. The main di↵erence between their simulations and ours is
the vertical and radial box size (they used Lx = 4H, Lz = 6H.
while we use a larger domain with Lx = 8H, Lz = 12H). We ran
few simulations by varying both Lx and Lz and found that the
discrepancy is mainly due to the vertical extent Lz. The reason is
that the wind properties, in particular its strength and mass loss
rate, depend strongly on the the vertical extent of the box (Fro-
mang et al. 2013). We checked that for a box of size Lz = 6H,
the vertical r.m.s turbulent fluctuations are stronger by a factor
almost 2 and the wind by a factor 3-4, compared to the case
Lz = 12H. This leads to a much higher di↵usion coe�cient and
a ratio Hd/H three time larger. We emphasize that the conver-
gence of the outflow properties with Lz is probably not reached
even for Lz = 12H. The ratio Hd/H may therefore be slightly
over-estimated by our simulations. To avoid such bias, it is nec-
essary to model the wind in a global way and characterize the
dust settling in global simulations, which will be the object of a
future paper.

6.2. Vertical settling and comparison with ALMA

observations

We compare here the dust scaleheight Hd measured in our
simulations with that inferred from observations. We discuss
also about the limitations of such comparison. Most of the
constraints available today on Hd come from the sub-millimetre
ALMA observations of T-Tauri discs like HL-Tau (Pinte et al.
2016). These constraints, based on the measure of the rings
contrast, suggest that sub-millimetre particles are contained in
a geometrically thin disc with scale height between 0.7 and 2
AU at 100 AU. If we assume that the ratio Hd/H does not vary
strongly with R and consider disc aspect ratio H/R ' 0.1 at
R = 100AU (suggested by Pinte et al. 2016, for HL Tau), we
find Hd/H ' 0.07 � 0.2.

Using either the MMSN model or current estimation
of disc surface density profiles, it is possible to show that
sub-millimetre dust particles measured by ALMA lies into
the range St = 0.005 � 0.01 at 30 AU (see Section 2.3). To
obtain this range, we have considered that most of the emission
in the band 6-7 of ALMA (with wavelength � ' 1 mm) is
due to particles of size a ' �/(2⇡) ' 160 µm (Kataoka et al.
2017). For such St, our simulations with ambipolar di↵usion
indicate that the dust is contained within Hd ' 0.11 � 0.19H,
depending on the magnetization of the disc. This scaleheight is
then compatible with observation. To facilitate the comparison,
we superimpose in Fig. 18 the normalized density profile in
z obtained numerically at � = 103 , St = 0.01 (red line) and
a surface (in orange) covering the range of Gaussian profiles
estimated by the observations of Pinte et al. (2016). Note that
the profiles obtained for smaller � lies only marginally within
the error bar. We stress that the scaleheights considered here are
4 to 10 times smaller than those found in ideal MRI simulations
(Fromang & Papaloizou 2006). In particular, the typical vertical
di↵usion coe�cient in this case (' 5.5 ⇥ 10�3) is 20 times
larger than those obtained in our simulations with ambipolar
di↵usion. All these results are indications that the dynamics
of discs like HL-Tau, in regions beyond 1 AU, is strongly af-
fected by non-ideal MHD processes such as ambipolar di↵usion.

There are however many caveats associated with such
comparison. First the uncertainties on the gas surface density in
the outer regions can be more important than those estimated.
The current MMSN models and the observations can di↵er by
one order of magnitude at most. We have also assumed that the
dust to gas scaleheight ratio Hd/H does not vary with radius,
which is a crude approximation. In reality, it may encounter
large variations between 30 AU and 100 AU, either due to radial
variation of turbulence strength or local change in the gas to
dust ratio (Pinte et al. 2016). The estimation of Hd from the
rings contrast is also largely arguable, since it depends on the
dust opacities and radiative transfer used in the synthesized
model of the disc. High resolution imaging of edge-on discs is
probably a better and promising avenue to measure directly the
dust scaleheight. Finally, although disc emission at � = 1mm
peaks around a ' 150 µm, there is a wide range of particles size
from 50 µm to 500 µm that also contributes, to a lesser extent, to
such emission. Since particles are not distributed uniformly in
size in real discs, there is potentially a bias in our estimation of
the Stokes number at 30 AU. This last issue however should not
change drastically the conclusions of the present work.
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A. Riols and G. Lesur: Ring formation and dust dynamics in PP discs
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Fig. 10. Dust to gas scale height ratio as a function of the e↵ective Stokes number for � = 105 (left), � = 104 (center) and � = 103 (right).
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Self-organisation 
In wind-emitting discs

31[Riols+2020]

A&A 639, A95 (2020)
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Fig. 1. Left panel: average gas density and streamlines in the poloidal plane. Right panel: average toroidal field and poloidal field lines. All
quantities are averaged between t = 250T0 and t = 1000T0.

speed). We note that this artificial relaxation is similar to a rapid
cooling of the flow, which prevents vertical shear instability.
Finally to avoid spurious and fast accretion of the field lines near
the inner boundary, we relax the poloidal velocity toward zero
for R < 15 AU within a characteristic timescale equal to 0.5⌦�1.

4. Ambipolar simulation without dust

4.1. General properties of the outflow

In this section, we study a global axisymmetric and pure gaseous
simulation with � = 103 and Am0 = 1. This simulation is
integrated over 1000 T0, where T0 is the orbital period at the
inner radius. In Fig. 1 (left), we show the time-averaged den-
sity and streamlines in the inner region between R = 10 and
R = 100 AU. The upper (respectively lower) base of the disc
is defined by the surface at angle ✓� = ⇡/2 � ✓d (respectively
✓+ = ⇡/2 + ✓d ) with ✓d ' 10�. They are delimited by the
dashed black lines in Fig. 1 and correspond to the frontiers at
z ' 3.5H between the ambipolar-dominated region and the fully
ionised atmosphere. This angle corresponds also to the jump
in temperature, meaning the separation between the cold disc
and the hot corona. We clearly see that a wind is emitted and
accelerated from the base of the disc at ✓ ' ⇡/2 ± ✓d, with
supersonic speed higher in the atmosphere. The total mass out-
flow rate, averaged in time and integrated between the inner and
outer radius is Ṁw(rout) ' 6 ⇥ 10�8M� yrs�1. One particularity

is that the wind is highly dissymmetric around the midplane,
with a more massive outflow in the northern hemisphere (�̇w
being four times larger than in the southern hemisphere). This
is similar to the configuration depicted in Figs. 21 and 22 of
Béthune et al. (2017). Figure 2 (top) shows the vertical profile of
the radial and vertical velocities, integrated in time and in radius
between R = 25 and R = 50 AU. We find that the outflow in the
northern hemisphere, which carries more mass, appears slower
than the wind in the southern hemisphere. Figure 1 (right panel)
shows the topology of the averaged magnetic field threading the
disc, while Fig. 2 (bottom) displays the vertical profile of the
radial and toroidal components. In the inner regions (.50 AU),
the field lines cross the midplane with some inclination and
bend outside in the southern hemisphere, around z ' 3.5H. A
remarkable feature is that the toroidal magnetic field keeps its
polarity and is almost constant within the midplane. There is a
transition between a negative toroidal field and a positive field
at R ' 60 AU. Another important feature that we discuss later
in Sect. 4.3 is the formation of rings, which are visible in Fig. 1
(top) and appear after 200 inner orbits in the simulation.

4.2. Angular momentum budget

We find that the accretion rate in the disc, averaged in time, fol-
lows Ṁa = 9 ⇥ 10�8(R/10 AU)0.6M� yrs�1. This is roughly five
times larger than the cumulative mass outflow rate at 100 AU.
The dependence on R of the mass accretion rate is expected in

A95, page 6 of 16

A&A 639, A95 (2020)

Fig. 5. Surface density ⌃ defined as ⇢ (top) and vertically-integrated
magnetic field Bz (bottom) as a function of radius R. Quantities are aver-
aged in time between 250 and 1000 orbits, and vertically between ✓ = ✓�
and ✓ = ✓+ (z ' ±3.5H). The dashed red lines are the location of the
density maxima.

Fig. 6. Snapshot of the simulation for � = 103 at t = 350T0, zoomed in
the inner part of the disc. The colour map represents the density, while
the white lines are the poloidal magnetic field lines.

Bai 2015), and flows combining all non-ideal e↵ects (Bai 2015;
Béthune et al. 2017). To look into these structures in more detail,
in Fig. 5 (top) we show the time-averaged surface density as a
function of radius. The two first ring-gap structures in the inner
disc are the most prominent ones and reach amplitudes �⌃ '
150% of the mean background density ⌃0. The following ring-
gap structures are fainter and their amplitudes are about 50%
to 60% of the background density. Their typical radial size is
about five times the disc scale height. Within the simulation time
(⇠1000 orbits), these structures remain almost steady. Figure 6
shows the configuration of the poloidal magnetic field lines in
the inner disc at t = 350T0, while Fig. 5 (bottom) shows the time
and vertically averaged Bz as a function of radius. We can clearly
see that the vertical magnetic field is concentrated into very thin
shells at the location of the gaps (minima of ⌃). Outside these
shells, the net vertical flux is close to zero. This behaviour is rem-
iniscent of other MHD simulations (ideal or not, see Bai & Stone
2014; Bai 2015; Suriano et al. 2018; Riols & Lesur 2018) and
the origin of the magnetic shell seems clearly connected to the
formation of the ring.

In Fig. 7, we also show the instantaneous poloidal stream-
lines around the ring structures at t = 350T0. For z . 3.5H (white

dashed lines), the flow is mainly radial (accreting in the southern
hemisphere and decreting in the northern hemisphere) and seems
to follow the rings, moving in a wave-like manner. In particular,
it plunges toward the midplane at the gap location. This is line
with the poloidal velcocity measured by Teague et al. (2019) in
12CO lines in the disc surface around HD 163296. Above this
altitude, the flow is mainly vertical (pointing outward) and dom-
inated by the wind component.

One important question is to understand the origin of these
structures (rings+magnetic shell) when ambipolar di↵usion is
the dominant non-ideal MHD e↵ect. Recently, Riols & Lesur
(2019) proposed that the rings appear spontaneously in wind-
emitting discs and are the result of a linear and secular insta-
bility, driven by the MHD wind. The process works as follows:
a small initial radial perturbation of density generates a radial
flow directed towards the gaps, because of the radial viscous
stress. The magnetic field, initially uniform, is radially trans-
ported towards the gaps (by the radial flow) and the excess of
poloidal flux induces a more e�cient mass ejection in the gaps,
which reinforces the initial density perturbation. In this instabil-
ity model, the gas is then depleted vertically by wind plumes
rather than being radially accumulated into rings. This process,
however, has only been shown in a local shearing box model,
and its persistence in global configurations remains to be demon-
strated. In particular, global models include a net vertical stress
and a net radial accretion velocity that were not present in the
local framework.

We then explore how these rings form and evolve in the
global configuration. Firstly, in the snapshots of Figs. 6 and 7,
it seems obvious, in particular in the southern hemisphere, that
the wind is not uniform and homogeneous in the radius. Actu-
ally, it is composed of wind plumes that emanate from the
regions where the poloidal field is maximum (gap regions). We
checked that streamlines connected to the gap regions have the
largest vertical (outward) velocity component. In addition to
that, in Fig. 8 (top) we show the radial divergence of the flow
1/r @/@r(rvr), averaged in time and in the vertical direction in
the disc, as a function of the radius. We see that the divergence
is positive within the rings and negative within the gaps. This
implies that on average there is a converging radial flow oriented
toward the gaps in the disc. In the bottom panel of Fig. 8, we also
show that the mass loss rate �̇w computed at z = ±5H (in the
wind region) is maximum at the gap location, at least for the first
three gaps, so the wind removes material from the regions where
the vertical magnetic flux is concentrated. All these elements
indicate that the mechanism studied by Riols & Lesur (2019) in
the local framework also works in the global configuration.

One major di↵erence in the global configuration is that there
is a net accretion flow

R zd

�zd
vRdz/(2zd) (with zd = 3.5H), which

varies from 0.002 vK0 at R = 15 AU to 0.01 vK0 at R = 100 AU.
This accretion flow is located mainly at the disc’s southern sur-
face (see Figs. 2 and 7) and should transport the magnetic flux
radially over several AU. However, we do not see any motion
of the magnetic structures during the course of the simulation;
they rather stay at a fixed position. To better understand this, we
examine the induction equation for �B✓ ' Bz

@(�B✓)
@t

=
1
r
@

@r

h
rE�
i
=

1
r
@

@r

h
r(urB✓ � u✓Br + ⌘AJ?)

i
. (28)

Figure 9 shows the radial profile of each term in the right-hand
side of the induction equation. We see that the term related to the
vertical stretching of the field 1

r
@
@r (�ru✓Br) plays little role in the

evolution of Bz. The latter is rather controlled by the two other
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Fig. 7. Snapshot of the simulation for � = 103 at t = 350T0, zoomed in on the inner part of the disc. The colour map represents the density, while
the black lines are the poloidal streamlines. The dashed white lines delimit the z = ±3.5H surface.

Fig. 8. Top panel: divergence of the radial flow integrated vertically
between ✓ = ✓� and ✓ = ✓+ (z ' ±3.5H) as a function of radius R.
Bottom panel: mass loss rate �̇w as a function of radius R (computed at
z ' ±5H). Quantities are averaged in time between 400 and 650 orbits.
The dashed red lines are at the location of the density maxima.

terms, meaning radial transport by ur and ambipolar di↵usion.
Clearly, Fig. 9 shows that these two terms cancel each other out,
the first one tends to transport the flux inward ( 1

r
@
@r (rurB✓) > 0

to the left of the Bz maxima), while the ambipolar term seems to
di↵use the field outward ( 1

r
@
@r (r⌘AJ?) > 0 to the right of the Bz

maxima). Therefore, ambipolar di↵usion plays a key role in the
magnetic flux transport and seems to prevent the magnetic shells
associated with the ring structures from being accreted inwards.
We note that the mass is mainly accreted at the disc surface, so
the density-weighted radial velocity remains small. Hence, rings
are expected to be advected at the mass accretion speed, which is
much smaller than the gas velocity at the disc surface. Because
our models are integrated only for 1000 T0, this e↵ect cannot be
directly checked in the simulations.

Finally, we remind the reader that our simulations are
axisymmetric and are thus unable to capture non-axisymmetric
e↵ects such as the Rossby wave instability (RWI), which might

be important in the evolution of the pressure maxima. We of
course checked that minima of potential vorticity (r ⇥ v)z/⌃ are
located in the ring regions and could in principle excite the RWI
(Lovelace et al. 1999). Nevertheless, the axisymmetry and sta-
bility of the radial structures seems to be preserved in 3D non-
axisymmetric simulations (Béthune et al. 2017; Suriano et al.
2019). One possibility is that the RWI is stabilised by the tur-
bulent stress or by the strong toroidal field (Yu & Li 2009;
Gholipour & Nejad-Asghar 2015). Whether these stabilising
e↵ects are important or not in 3D simulations remains, however,
to be demonstrated.

5. Dust dynamics

5.1. Initialisation

We now explore the dust dynamics in the non-ideal windy MHD
flows presented in Sect. 4. We performed simulations for di↵er-
ent � and di↵erent grain sizes ranging from a = 100 µm up to
a = 1 cm. This corresponds to Stokes number St0 (at z = 0 and
R = 10 AU) from 0.001 to 0.1 (see Sect. 2.2.2 for the conver-
sion between sizes and Stokes numbers). In total, we ran four
di↵erent simulations: the two first at � = 105 and � = 104 both
contain 0.1, 0.3, 1, and 3 mm grains (respectively, St0 of 0.001,
0.003, 0.01 and 0.03). The third simulation is for � = 103 and
contains 0.1, 0.3, 3, and 10 mm grains (respectively, St0 of 0.001,
0.003, 0.03 and 0.1). The last simulation at � = 103 contains a
unique species of 1 mm in size (St0 = 0.01).

The initial conditions for the dust are similar for all � and
Stokes numbers. The dust velocity is initially Keplerian with
zero perturbation. The density at t = 0 is

⇢d(t = 0) = ⇢d0

 
R
R0

!�3/2

exp
"
4GM

c2
s

 
1p

R2 + z2
� 1

R

!#
, (29)

with the initial Hd/Hg = 0.5. ⇢d0 being fixed so that the ratio of
surface densities ⌃d/⌃ is 0.0025. In most of the simulations, we
simultaneously integrate four di↵erent species so that the total
dust-to-gas density ratio is 0.01. We note that for simplicity we
use the same initial mass distribution for each species, which is
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Physical interpretation ?

32

Consider a small density deficit This induces a radial flow which tend to fill the deficit

The radial flow advects both mass and poloidal field linesThe increased magnetic flux 
enhance the mass loss in the 

outflow, which empties the initial 
density deficit

[Riols & Lesur 2019]



It is possible to reconcile observed accretion 
rates and lack of turbulence, with a 
magnetised wind launched from the ionised 
surface 

Self-organisation is a natural consequence 
of surface winds, which could explain some 
of the observed « ring » features 

Conclusions and take home message

Observations indicates that discs are 
weakly turbulent, but are accreting 

The inclusion of all non-ideal MHD effects 
leads to an extended dead zone. Only 
the disc surface « sees » magnetic fields.

33

W.-F. Thi: MRI in protoplanetary disks

0.1 1.0 10.0 100.0
r [au]

0.0

0.1

0.2

0.3

0.4

z 
/ r

El(Ohm)=1

1e5

1e5

1e10

1e10

1e
20

-12

-10-1
0

log(total charge)=-8

-4 -2 0 2 4
log [El(Ohm)]

 
 

0.1 1.0 10.0 100.0
r [au]

0.0

0.1

0.2

0.3

0.4

z 
/ r

1e-5

El(Ohm)=1

1e51e
5

1e10

1e10

-12

-10-1
0

log(total charge)=-8

-4 -2 0 2 4
log [El(Ohm)]

 
 

0.1 1.0 10.0 100.0
r [au]

0.0

0.1

0.2

0.3

0.4

z 
/ r

A
m

=1

A
m

=1

C
=C

+

C=C+

C=C+

-4 -2 0 2 4
log [Am]

 
 

0.1 1.0 10.0 100.0
r [au]

0.0

0.1

0.2

0.3

0.4

z 
/ r

A
m

=1

A
m

=1

C
=C

+

C=C+

C=C+

-4 -2 0 2 4
log [Am]

 
 

0.1 1.0 10.0 100.0
r [au]

0.0

0.1

0.2

0.3

0.4

z 
/ r

Jin=1

1e2

1e
2

1e5

1e5

1e10

1e10

1e10

-4 -2 0 2 4
log [`mag

1/2 El(Ohm)]

 
 

0.1 1.0 10.0 100.0
r [au]

0.0

0.1

0.2

0.3

0.4

z 
/ r

Jin=1

1e2

1e2

1e5

1e5

1e10

1e10

-4 -2 0 2 4
log [`mag

1/2 El(Ohm)]

 
 

Fig. 8. The Elsasser Ohm number is shown in the upper panels for the DIANA typical disk and. The white contours corresponds the location of the
total charge in the disk. The middle panels show the ambipolar di↵usion number in the disk models. The location where the C and C+ abundances
are equal are overplotted in red. The criterion for all modes to be damped is shown in the lower panels. The lefts panels are models with �mid=104

and the right panels are models with 106.14

extended dead zone

12.4 - Self-organisation 97

shows that the poloidal field lines are concentrated in low-density regions. Hence, magnetic
e↵ects are playing a very important role in the mechanism.

Figure 44: Left: self organisation in a simulation with �mid = 102 computed in 2.5D. The
density is represented in colormap while magnetic field lines are in white lines and velocity
field is shown in green arrows. Notice that field lines are accumulated in regions of reduced
density in the midplane. Figure from (Béthune et al. 2017). Right: volume rendering of a
similar model, this time computed in full 3D. Note that the flow remains axisymmetric.

It is possible to identify which process is responsible for self-organisation by looking
closely at the non-ideal induction equation. It is then found that ambipolar di↵usion is the
only term responsible for the accumulation of magnetic flux in narrow regions, while Ohm
and Hall e↵ects are both di↵using the field away (Béthune et al. 2017). Hence, despite the
presence of a rather strong Hall e↵ect in these simulations, it is not the Hall-driven self-
organisation which is at work in these models but ambipolar driven self-organisation. In
essence, the mechanism seems to be similar to the one driving self-organisation in stratified
shearing box models subject to ambipolar di↵usion only (Bai 2015). The local configuration
found in the global simulations is indeed identical to the configuration found in shearing boxes
(see Fig. 39), making the shearing box model a valuable tool to understand self-organisation
in this regime.

Unfortunately, there is today no general theory predicting in which situation self-
organisation is occurring nor what are the general properties of the structures which are
formed.
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Very weak disc turbulence

Wind


